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Abstract

The interstellar medium (ISM) plays a central role for the evolution of galaxies, in particular for
that of our home galaxy, the Milky Way. While its structure and distribution is well studied within
the Galactic disk and the solar neighborhood, its properties at high Galactic latitudes and within
the halo are poorly constrained. A reason for that is the lack of bright, distant background sources.
This thesis presents hot subdwarf stars as excellent light bulbs to shine through the ISM, especially
at high Galactic latitudes. These stars represent late stages of stellar evolution and are formed
in binary interaction, for example in common envelope evolution or merger events. They are
observable out to large distances of several kpc and due to their high temperatures, they do not
intrinsically show the same absorption lines as the ISM in their spectra. This makes them to ideal
background sources. Therefore, the main aim of this work is to probe the interstellar medium,
preferentially at high Galactic latitudes, by using the light of such hot subdwarf stars. The second
aim concerns the properties of the hot subdwarfs themselves. Residual common envelope material
or merger debris is expected to remain bound around hot subdwarfs after their formation. It might
be detectable as circumstellar material (CSM) the same way as the ISM. Hence, in addition this
work investigates the potential presence of CSM around hot subdwarfs, which would provide
insights into their formation channels.

The main constituents of the ISM are interstellar gas and dust. Interstellar gas can be probed
by absorption of starlight visible in their spectra. In the optical, the most prominent absorption
features are the Ca II H&K as well as Na I D1&D2 resonance lines. In the spectra of cooler stars
these absorption lines are strong and separating the ISM components from the photospheric blends
might be difficult. An advantage of hot subdwarf stars are their high effective temperatures of
Teff > 20;000 K. Calcium and sodium are ionized to higher ionization stages such that the Ca II
H&K as well as Na I D1&D2 lines do not intrinsically appear. This facilitates the distinction
between the photospheric and interstellar component. The strengths of the interstellar lines
represent a proxy for the amount of interstellar gas along the line of sight. On the other hand,
interstellar dust affects the starlight by extinction and reddening. By modeling stellar spectral
energy distributions (SEDs) the reddening can be quantified as proxy for the amount of interstellar
dust along the line of sight.

In this thesis, a comprehensive dataset of initially approximately 17,500 optical spectra was
collected from large-scale low resolution surveys (LAMOST, R � 1;800; SDSS, R � 2;000;
DESI, R� 3;000) and archival higher resolution observations (X-Shooter, R� 9;800; SPY/UVES,
R� 20;000; FEROS, R� 48;000). By applying quality criteria the sample reduced to 6,400 spectra
for about 3,500 unique objects. Due to the footprints of the large all-sky surveys, predominantly
the Northern sky is covered by sight lines, mostly excluding the Galactic disk.

To carry out quantitative spectral analyses, a set of stellar Python scripts was newly developed.
Spectral fits are necessary to use the photospheric spectrum as continuum for the ISM, which
resolves possible blends. Furthermore, it includes the reading and processing of various kinds
of spectra, an interpolation routine to linearly interpolate within model grids, and a script for
the comprehensive analysis of interstellar absorption lines. The ISM line analysis comprises the
determination of equivalent widths, column densities from Voigt profile fits, and radial velocities.
The methods were tested on simulated data in order to quantify the effect of low spectral resolution
and noise on the measured parameters. This lead to strict quality cuts on the real data and an
adopted generic systematic uncertainty on derived column densities of D logNsys = 0:5.

As complementary part to the spectral analyses, the derived atmospheric parameters from the
spectral fits are taken to model stellar SEDs. By including the reddening law of the Milky Way in
the SED fitting routine, the amount of reddening from interstellar dust along the line of sight can
be quantified. Of particular importance are well constrained effective temperatures due to a strong
correlation between temperature and derived reddening. Moreover, if additionally Gaia parallaxes
are provided for the stars, the SEDs allow to constrain the stellar parameters like mass, radius, and
luminosity.



Therefore, as valuable side-effect the analyses of this work yield atmospheric and stellar
parameters for all of the background sources. These parameters were checked for consistency and
provide a huge dataset for the study of hot subdwarf stars themselves. However, this is not the
purpose of this work and is therefore left as an outlook.

The investigation of the interstellar medium revealed several meaningful findings. On aver-
age the calcium and sodium column densities are log N̄CaII = 12:7+0:6

�0:5 and log N̄NaI = 12:4+0:9
�0:5,

respectively, while the average reddening is Ē(44�55) = 0:05+0:09
�0:04 mag. The confidence inter-

vals rather represent the dispersion within the ISM than uncertainties. The average calcium to
sodium column density ratio of NCaII=NNaI � 0:4 indicates that in the covered volume of about
4 kpc around the Sun predominantly warm (partially) ionized medium with temperatures between
about 2,500-13,000 K is present. This includes parts of the Galactic halo. Furthermore, compiled
two dimensional interstellar gas and dust maps indicate that Na I and dust is much more closely
confined to the Galactic disk than Ca II, which extends more uniformly up to higher Galactic
latitudes. The precises parallaxes of the background sources provided by the Gaia mission allow
to probe the ISM as a function of distance as well. The variations of the interstellar parameters
with distance, direction, and height from the Galactic plane are consistent with the results from the
sky maps. Finally, the connection between interstellar gas and dust, which are expected to coexist
in interstellar clouds, was analyzed in the form of gas to dust ratios. Based on former attempts, a
linear relation was fitted between the logarithm of reddening parameters and interstellar absorption
line equivalent widths. This general relation can be, for instance, used to guess the expected
reddening along certain sight lines, if no other reddening estimate is available. Moreover, the
measured gas to dust ratios suggest that Na I is more closely connected with interstellar dust than
Ca II. Na I and dust represent a major constituent of cold neutral medium, while Ca II represents
one of warm (partially) ionized medium.

The second, equally important aim of this thesis is to search for CSM around hot subdwarf
stars. The test runs of the scripts on simulated data have shown that measurements from low
resolution spectra suffer from large uncertainties. For example, the radial velocities of the ISM
lines are highly unconstrained with uncertainties of about Dvrad;ISM � 30 km s�1. Still, a recent
study claims the detection of ubiquitous circumstellar material around 145 hot subdwarfs based
on low resolution LAMOST spectroscopy. Similar methods have been used for their detections
as in this work and the analyzed spectra are also part of this sample. Therefore, the study was
revisited and the results of both analyses were compared. It became apparent that many sources of
uncertainty were formerly neglected. A more careful treatment reduced the sample to 49 candidates.
However, they can still not be claimed as detection and high resolution follow-up is required to
confirm or falsify them.

A dedicated search for CSM candidates based on 918 higher resolution spectra for 170 unique
objects identified three promising candidates due to the appearance of Ca II H&K lines in their
spectra, for which an interstellar or photospheric origin can be most likely excluded: The two
helium-poor subdwarf B stars HD 205805 and EC 03591-3232 as well as the intermediate helium-
rich OB subdwarf UVO 0825+15. All of them exhibit weak Ca II lines exactly at the radial velocity
of the stars. Na I lines are completely absent, which is expected for material close to hot stars,
where sodium is probably ionized. Assuming CSM, the measured calcium column densities of
logNCaII . 12 indicate rather thin and diffuse material. The spectra of all candidates show many
metal lines, which could indicate their recent formation. Despite possibly formed via merger
events, they do not rotate. But the mostly slow rotation rates of hot subdwarfs are a puzzle for
their formation scenarios in general. The atmospheric and stellar parameters of the candidates
show no peculiarities. However, it is known that EC 03591-3232 shows a 3He isotope anomaly
and UVO 0825+15 is enriched with heavy elements and pulsates. In diagnostic diagrams, like
the Kiel or Hertzsprung-Russell diagram, they are located on the extreme horizontal branch (HD
205805 and EC 03591-3232) or on the helium main sequence (UVO 0825+15). Final confirmation
of the presence of CSM will require follow-up by even higher resolution spectroscopy, ultraviolet
observations, or radio studies of neutral hydrogen.

In conclusion, this thesis provides insights into the properties and structure of the ISM up to



high Galactic latitudes. Future spectroscopic surveys will help to increase the coverage of sight
lines on the sky. Furthermore, the search for circumstellar material from low resolution spectra
failed to detect any evidence. Previous claims for detections around hot subdwarfs from LAMOST
data are shown to be spurious. It is demonstrated that high resolution spectroscopy is a necessity
for CSM detection and three candidates were found among 170 stars observed with high resolution
spectrographs. Follow-up observations are required to confirm them.
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Chapter 1

Introduction and Theoretical Background

1.1 Hot Subdwarfs as Light Bulbs to Trace the Interstellar Medium

All direct information we receive about the universe and its ingredients, like stars and galaxies,
reach us in the form of messengers that traveled long distances until they arrive at the solar system
and are recorded by us. Such messengers can be of various kind, for example small particles
like protons, ions, electrons, neutrinos, etc. or electromagnetic radiation, i.e. light. In the optical
wavelength regime, most of this light is emitted by stars, which we can observe in a clear night
even with the naked eye. However, also the space between the stars is not empty. It is �lled with
the so-called interstellar medium (ISM), which primarily consists of gas and dust. These gas and
dust particles are able to scatter and absorb light as it passes through. Therefore, they play a crucial
role for many astronomical observations as they often heavily affect starlight before it reaches
us as observer. But by no means the ISM is just an annoying factor disturbing our observations.
Actually, it is arguably the most important component of galaxies, because it it responsible for the
formation of stars that are the dominant sources of energy. As stars evolve, they expel material
back into the ISM, for instance by stellar winds or supernova explosions. From this material a new
generation of stars can be formed. This is called the cosmic cycle of matter. Therefore, the ISM is
usually one of the major constituents of a galaxy, in particular of our home galaxy, the Milky Way,
and determines the structure and evolution of the galaxy. Overall, it is thus desirable to understand
the properties and the distribution of the ISM in great detail, not only to correct observations for
interstellar absorption and extinction, but also to gain insights into the history and evolution of the
Galaxy.

In the recent decades a lot of effort has been put into the compilation of precise maps tracing
the ISM. For example, radio observations allow to map the distribution of hydrogen in the Galaxy
(e.g., Kalberla & Kerp, 2009), infrared observations provide us with the distribution of dust (e.g.,
Schlegel et al., 1998; Schla�y & Finkbeiner, 2011; Green et al., 2019), CO observations with that
of molecular gas (e.g., Dame et al., 2001), diffuse interstellar bands with that of (yet unknown)
large molecules (Lan et al., 2014; Baron et al., 2015; Zasowski et al., 2015), and interstellar
absorption with that of atomic gas apart from hydrogen1 (e.g., Murga et al., 2015). An example
dust map is shown in Figure 1.1. The most prominent feature is the Galactic disk at low Galactic
latitudes, where most of the interstellar dust is concentrated. In contrast, almost no dust is found at
higher Galactic latitudes. However, from radio observations of neutral hydrogen (Figure 1.2), we
know that also the space between stars in the Galactic halo is not entirely empty. Still, it is poorly
mapped and analyzed. A reason for that is the low number of available background sources in the
Galactic halo that can act as light bulbs to shine through the ISM. By now, no active star formation
is going on in the halo anymore and hence, all young and bright stars that burn their fuel rapidly
have already ended their lives. On the other hand, older and fainter stars, which might still exist in
the halo, can not be observed out to such great distances.

Here, the population of hot subdwarf stars comes into play. These hot (Teff > 20;000K) but

1 Surprisingly, even though metals are a fundamental component of the ISM, their distribution in the ISM is still poorly
mapped. The gas maps of Murga et al. (2015) also cover only parts of the sky.
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CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

Figure 1.1: Example dust map in Galactic coordinates taken from Anders et al. (2022). It clearly
shows that most of the interstellar dust is closely con�ned to the Galactic disk at low Galactic
latitudes. Almost no features are visible towards higher Galactic latitudes.

Figure 1.2: Map of neutral hydrogen derived from radio observations by Richter et al. (2017).
Also higher Galactic latitudes are covered. However, due to a lack of distance estimates to the
clouds, not all of them are necessarily of Galactic origin. While for example the complexes A, C,
and M are associated with the Milky Way halo at an approximate distance of 5 kpc, the Magellanic
stream is about 50 kpc away from us. For more details see Richter et al. (2017).

2
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subluminous objects are typically less massive and smaller than the Sun. Their formation is not yet
fully understood, but most likely includes close binary interaction, since they are not predicted
by single star evolution. They are core helium burning stars on the extreme end of the horizontal
branch, but due to their low masses they are less wasteful with their fuel compared to their main
sequence counterparts of spectral types O and B. Therefore, they are still existent in the Galactic
halo and are bright enough to be observed out to high distances of several kpc. Since the scale
height of the Galactic disk is only a few hundred pc (Irrgang et al., 2013), these distances are
suf�cient to place high Galactic latitude objects in the halo. Thus, hot subdwarfs can be ideally
utilized to act as light bulbs for the investigation of the ISM at high Galactic latitudes. Interstellar
absorption and extinction, which usually hinders stellar observations, can be measured to quantify
the amount of intervening interstellar material. This is one aim of this work.

To this end, the spectra of many hot subdwarf stars are analyzed. Apart from spectral lines
originating from their atmosphere, they often show interstellar absorption lines as well, whose
properties serve as proxy for the amount of intervening interstellar gas. Another advantage of the
stars are their high temperatures. The same elements within the ISM that cause the absorption
are also often present in stellar atmospheres, but at high temperatures ionized to higher ionization
stages. Hence, hot subdwarf stars do not intrinsically contribute with those lines in their spectra
unlike cooler stars and generally show mostly hydrogen and helium lines. This facilitates the
identi�cation of the interstellar absorption lines and the distinction from stellar photospheric lines.

As complementary analysis the spectral energy distributions (SEDs) of the stars can be modeled
with the help of photometric data. This gives conclusion about interstellar extinction caused by
dust particles in the ISM and quanti�es the amount of intervening interstellar dust. With the results
of both analyses, the properties of interstellar gas and dust can be traced and investigated for a
large volume within the Milky Way.

A major side-effect of analyzing the spectra and modeling the SEDs of the hot subdwarf stars
is that a lot of parameters and properties of the background sources themselves are measured.
Their formation is thought to include stages of binary interaction and mass transfer. Some
formation channels predict matter ejected from the system that might persist gravitationally
bound as circumstellar material. After ejection and expansion it is expected to mimic interstellar
conditions and to cause the same absorption lines as the ISM. Therefore, as second, equally
important aim of this thesis it is explicitly searched for such material using the same methods as
before. Together with the measured atmospheric and stellar parameters, detections could shed light
on the formation history of the respective objects.

The following sections provide a brief introduction to the involved topics in this work. First,
general properties of the ISM as well as its effects on starlight as it passes through are discussed
in Section 1.2. Then in Section 1.3, hot subdwarf stars are introduced including their formation
scenarios and observational properties. Finally, in Section 1.4 the functionality of spectrographs,
with which stellar spectra are recorded, is outlined and the necessary theoretical background about
spectroscopy, e.g. the formation and shape of spectral lines, is summarized. Section 1.5 brie�y
outlines the analyses carried out as part of this thesis.

1.2 The Interstellar Medium

This section provides an overview about the interstellar medium (ISM), in particular about in-
terstellar gas and dust as well as how it is affecting our observations of starlight. If not stated
otherwise, it follows standard literature about the ISM and astrophysics in general, like Draine
(2011) or Carroll & Ostlie (2017).

1.2.1 Constituents and Characteristic Phases

Up to 10% of the baryonic matter in the Milky Way is found in the ISM. However, not only the
baryonic matter (atoms, ions, molecules, etc.) is subject to the ISM, but literally everything in the
Galaxy that is between the stars. This includes the following constituents:

3



CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

• Interstellar gas: Atoms, ions, and molecules in the gas phase with (mostly) thermal velocity
distributions (Equation 1.13).

• Interstellar dust: Small solid particles often coexisting and mixed with the gas in interstellar
clouds.

• Cosmic rays:Charged particles like protons, electrons, ion, pions, etc. with non-thermal
and often extremely relativistic kinetic energies.

• Electromagnetic radiation: Photons from various sources. This includes, for example,
the cosmic microwave background (CMB), gamma rays, bremsstrahlung2, synchrotron
radiation3, (thermal) emission from interstellar gas and dust heated by starlight, and in
principle also starlight itself.

• Magnetic �elds: Interstellar magnetic �elds result from electric currents in the ISM. They
are, for instance, responsible for de�ecting charged particles like that of cosmic rays.

• The gravitational �eld: All matter in the Milky Way like that in stars, stellar remnants, dark
matter, and also in the ISM, causes gravitation. Some interstellar clouds even collapse under
their own gravitation, which leads to the formation of stars.

• Dark matter: Dark matter seems to be existent in most galaxies, is apparent due to its
gravitational in�uence, and often even dominates the total mass of a galaxy. However, its
nature is still unclear.

This work exclusively focuses on the distribution and properties of the interstellar gas and dust
component. It is found in a wide range of different temperatures and densities. In principle, all
conditions in that range can be found somewhere in the Milky Way, but it is observed that several
distinct characteristic phases are more common than others. Some of these phases are:

• Dark clouds: Dark clouds consist of dense4 molecular gas as well as dust. They typically
have extremely low temperatures ofT � 10� 50 K and high hydrogen densities ofnH �
103 � 106 cm� 3. They are called ”dark“ due to their high extinction of optical light. Dark
clouds are often self-gravitating, collapsing, and forming stars. They can be observed via
molecular CO emission or dust emission in the far infrared.

• Cold neutral medium: Cold neutral medium predominantly consists of atomic gas as
well as dust. Temperatures and densities are typically up toT � 100 KandnH � 30 cm� 3,
respectively. It makes up about 1% of the volume of the nearby ISM and can be observed via
the hyper �ne structure 21 cm line of neutral hydrogen or absorption of light in the optical
and ultraviolet (UV).

• Warm neutral (or partially ionized) medium: Warm neutral (or sometimes partially
ionized) medium predominantly consists of atomic gas (or ionized gas in low ionization
stages) with temperatures ofT � 2;000� 15;000 K and densities ofnH � 0:5 cm� 3. This
diffuse material �lls a large fraction of the local volume of the Galactic disk (up to 40%)
and can be observed the same way as cold neutral medium.

• Hot ionized medium: The most extreme temperatures shows shock-heated hot ionized
medium withT � 106 K that was, e.g., hit by the blast waves from near supernova explo-
sions. The densities arenH � 0:004 cm� 3 and the particles are highly ionized. It makes up
approximately half of the volume of the Galactic disk and cools very slowly. Sometimes it
is also called coronal gas, because of its similarity to the solar corona. It can be observed via
UV and X-ray emission as well as radio synchrotron emission.

2 Emission by decelerated charged particles, e.g. in matter.
3 Emission by accelerated charged particles, e.g. due to magnetic �elds.
4 ”Dense“ in the context of ISM would still qualify it for ultrahigh vacuum on Earth.
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1.2.2 Absorption by Interstellar Gas

Primordial gas from the time directly after the Big Bang primarily consisted of hydrogen (H)
and helium (He). From this material the �rst stars and galaxies have formed, while the original
interstellar medium was still of primordial composition. Then, mainly due to nuclear fusion in the
cores of stars, heavier elements (generically called ”metals“ in astrophysics) have formed. At the
end of their lives, stars expel parts of their material, which also contains these heavier elements,
back into the ISM, from what in turn new stars are formed. Each generation of stars produces more
metals. This cosmic cycle of matter successively enriches the interstellar medium with heavier
elements (atomic numberZ � 3), which either exist as atomic/ionized gas or form molecules or
dust grains. Today, H and He still account for most of the ISM and metals make up only about
1% of the total mass. Nevertheless, these metals often determine the conditions in the ISM like
chemistry, ionization state, and temperature. Furthermore, the interaction with light by these metals
provides the most valuable way of investigating the structure and properties of the ISM.

For example, gas particles are able to absorb photons. Their electrons occupy different energy
states. Now, if the energy of a photon exactly matches the energy difference between two states
of an electron, it might absorb this photon and jump into the higher (excited) level. The photon
disappears, resulting into less �ux at the wavelength corresponding to the transition. If many
absorbers are available to remove photons at this wavelength from a beam of light, a spectral
absorption line is formed in the spectrum. A prominent example are the hydrogen Balmer lines
in the optical, often present in the spectra of stars. They correspond to a transition from the �rst
excited state to a higher one and are caused by atomic hydrogen in stellar atmospheres pervaded by
light emitted from the interior. The interstellar medium, however, is often much cooler than stellar
atmospheres and the electrons in hydrogen rather occupy the ground state than the �rst excited
state. The ground state lies energetically much deeper and hence, the energy differences between
the levels are much larger and higher energetic UV photons are necessary to excite the hydrogen
atoms and to form the so-called Lyman line series5. The same is true for most of the transitions in
metals. Therefore, the vast majority of absorption lines from the ISM, especially that from neutral
hydrogen, are found in UV spectra. Unfortunately, Earth' atmosphere blocks most of the UV light,
which does not allow for ground-based observations of such spectra and hence, the by far highest
number of stellar spectra is available for the optical wavelength regime.

In the optical, essentially only four interstellar absorption lines are found: One line doublet
from singly ionized calcium (Ca II) and one from neutral sodium (Na I). In the historic Fraunhofer
notation they are called the Ca II H&K and Na I D1&D2 lines. They were �rst detected in the
spectrum of the Sun, where they are among the strongest spectral lines. However, this means
they can be produced by stellar atmospheres as well, which complicates the distinction between a
possible interstellar and photospheric6 origin. Fortunately, the photospheric lines disappear for
hotter O- and B-type stars as background sources, where calcium and sodium in the atmosphere
are both ionized to higher ionization stages. Since these four lines play a central role for this work,
their origin as well as the corresponding atomic properties are brie�y discussed in the following
two paragraphs.

The Ca II H&K Absorption Lines

The Ca II H&K lines are both resonance lines, i.e. originating from transitions between the ground
state and the �rst excited level. Their relevant atomic data is listed in Table 1.1, which was taken
from the NIST data base (Kramida et al., 2024). In general, the transition probabilityAlu quanti�es
the likeliness for an electron to jump between two quantum states (lower levell and upper level
u) when interacting with light. It can be considered as the inverse of the lifetime of the state and

5 Spectral lines originating from transitions from the ground state to a higher one are generally called ”resonance lines“.
6 A stellar atmosphere typically consists of the photosphere, the chromosphere, and the corona. The deepest layer is

the photosphere that can be considered as the ”surface“ of a star from which the photon �ux emerges. Since it is
not dealt with stellar chromospheres or coronae in this work, the words ”atmosphere“ and ”photosphere“ are used
interchangeably.
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CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

Table 1.1: Initial and �nal con�gurations, lower (l ) and upper (u) energy states, air wavelengths
(l ), transition probabilities (Alu), and oscillator strengths of the Ca II H&K as well as Na I D1&D2
spectral lines. The atomic data is taken from the NIST data base (Kramida et al., 2024).

Line Con�gurations l u l [Å] Alu [108s� 1] flu

Ca II K 3p64s� 3p64p 2S1=2
2Po

3=2 3933.663 1.470 0.682
Ca II H 3p64s� 3p64p 2S1=2

2Po
1=2 3968.469 1.400 0.330

Na I D2 2p63s� 2p63p 2S1=2
2Po

3=2 5889.951 0.616 0.641
Na I D1 2p63s� 2p63p 2S1=2

2Po
1=2 5895.924 0.614 0.320

is sometimes also called an Einstein coef�cient. The oscillator strengthflu is a dimensionless
parameter, derived from that probability and representing how strongly a particular transition
couples to the radiation �eld. This means the higher the oscillator strength, the stronger is the
respective line on average.

The Ca II H&K lines are particularly strong under ISM conditions, because most of the ions
reside in the ground state. This is mainly because of the low densities in the ISM, since then
the likelihood is low that higher states are excited by collisions between the particles, which is a
common way to excite atoms or ions. Furthermore, the lines have high transition probabilities,
which leads to strong absorption even for relatively low density gas. Hence, they are an important
tool to trace interstellar gas, especially with optical data. The line doublet is located at wavelengths7

of 3933.663 Å (K) and 3968.469 Å (H), which places it in the blue regime of an optical spectrum,
and it corresponds to transitions from the4s2S1=2 ground state to the4p 2P excited states8. Since
the oscillator strength of the H line is much lower than that of the K line, also the spectral line is
much weaker.

Calcium is one out of a series of refractory elements that are completely depleted onto dust
grains in cold interstellar medium. At higher temperatures, where dust is more and more dissociated,
neutral calcium becomes ionized because of its low ionization potential ofc = 6:1eV (CaI! CaII).
Therefore, Ca II is the dominant ionization stage of calcium in the warm interstellar medium, from
which the Ca II H&K lines mainly arise. On the other hand, in the cold medium calcium is almost
not observable.

The Na I D1&D2 Absorption Lines

The Na I D1&D2 lines are also both resonance lines and their atomic data is listed in Table 1.1 as
well. Just like for calcium, at typical ISM conditions most of the sodium atoms reside in the ground
state, making the lines particularly strong. Even though their transition probabilities are lower than
that of the calcium lines, they are high enough to cause strong absorption. With wavelengths of
5889.951 Å (D2) and 5895.924 Å (D1), this line doublet is much closer to each other and located
in the redder part of an optical spectrum. It corresponds to transitions from the3s2S1=2 ground
state to the3p 2P excited states. Again one oscillator strength is much lower than the other, such
that the D2 is in general stronger.

The depletion of sodium on dust grains is not well-determined, but there is circumstantial
evidence that it does not strongly deplete (Weingartner & Draine, 2001). Therefore, a lot of Na I
is found in the cold ISM coexisting with interstellar dust. At higher temperatures, however, it
is ionized to Na II due to its low ionization potentialc = 5:1eV (NaI ! NaII) and no longer
observed.

Overall, the Ca II H&K lines are a well suited tracer for the diffuse warm neutral or partially
ionized interstellar medium, while the Na I D1&D2 lines are better suited for the dense cold neutral
interstellar medium. Together, both line doublets comprise the full picture of the cool to moderately

7 In the course of this work all wavelengths are given in air. In vacuum they would be slightly shifted.
8 For a review of the spectroscopic notation, see for example Chapter 4 of Draine (2011).
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warm phases of the interstellar medium. More details on the information that can be derived from
the appearance and shape of the interstellar absorption lines is provided in Subsection 1.4.4. The
developed analysis methods are extensively discussed in Section 3.3, especially in Subsection 3.3.4.

1.2.3 Extinction and Reddening by Interstellar Dust

A complementary constituent of the ISM to interstellar gas is the interstellar dust. It consists of
small solid particles with a broad size distribution between about0:01� 0:2mm. In general, those
are produced by condensation in the out�ows of evolved stars, in the ejecta of supernovae, and by
accretion of particles onto pre-existing cores in dense molecular clouds. The dust particles are,
for example, silicate grains (Mg, Si, O, Fe), carbonaceous grains (amorphous carbon, graphite),
hydrocarbons (e.g., polycyclic aromatic hydrocarbons called PAHs), (silicon) carbides (SiC),
metallic Fe, or mixed material grains with ice mantles (in cold, dense regions). The properties and
effects of interstellar dust are versatile and a highly topical �eld of current research. Some of the
many facets are:

• Heating and cooling of the ISM controlled by dust grains.

• Polarization of light by elongated dust grains aligned with Galactic magnetic �elds.

• Scattering of light in re�ection nebulae by dust.

• Depletion of certain elements from the interstellar gas onto dust grains.

• Formation of molecular hydrogen (H2) with dust grains as catalyst.

• The in�uence of dust on the chemistry of the ISM.

• Thermal emission from dust in the infrared.

• Wavelength dependent extinction (absorption plus scattering) of light by interstellar dust.

Despite the wealth of intriguing characteristics of interstellar dust, it is not in the scope of this work
to address all of them. The main topics dealt with are the two latter ones: While the extinction of
starlight is directly utilized to quantify the amount of dust in the line of sight, the thermal emission
in the infrared is only used indirectly, by comparing observations to comprehensive dust emission
maps (Schlegel et al., 1998; Schla�y & Finkbeiner, 2011; Green et al., 2019).

The extinction of starlight comprises both, absorption and scattering. While absorption affects
only certain wavelength intervals, the scattering of light by dust grains is omnipresent from the UV
to the infrared. In fact, this scattering is highly wavelength dependent and is much stronger in the
UV/blue regime than at longer wavelength. This means, if a beam of starlight passes through a
dust cloud, most of the red light is transmitted, while blue light is scattered and removed from the
line of sight. This effect is the reason why stars often appear redder than they actually are and is
called ”selective extinction“ or simply ”reddening“.

The overall wavelength dependent extinctionAl is measured in magnitudes (mag), just as the
brightness of stars. For example, an extinction ofAB = 0:2mag corresponds to the dimming of a
star by 0.2 mag in the blue regime (B). In general, the extinction is de�ned as9

Al = 2:5 log
F0

l

Fl
; (1.1)

whereFl is the observed �ux of a star andF0
l is the true �ux that would have been observed

without extinction. The slope of this ”extinction curve“ at visible wavelengths (V) is typically
characterized by the dimensionless ratio

RV =
AV

AB � AV
=

AV

E(B� V)
; (1.2)

9 In general for this thesis, log always represents the logarithm to the base of 10, while ln is the natural logarithm.
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CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

whereAB andAV are the extinctions measured in the blue and visual photometric wavelength
bands centered at about 4,400 Å and 5,500 Å, respectively. The parameterE(B� V) = AB � AV

is called the color excess or reddening parameter. Often it is just called ”the reddening“. It can
be considered as the color differenceE(B� V) = ( B� V)observed� (B � V) intrinsic between the
observed color of a star and its true one. The slopeRV has been measured along many sight
lines and an average value ofRV = 3:1 has been established for the Milky Way. It is commonly
considered as constant and then, the overall extinction is purely determined by the reddening
E(B� V). However, recent studies show thatRV can vary drastically depending on the observed
interstellar environment (Zhang et al., 2023; Zhang & Green, 2025). Green et al. (2025) even
claims that extinction curves contain more than one degree of freedom and that it is not suf�cient
to parametrize it with the single variableRV . Nevertheless, in the course of this work it is stick to
the conventional formalism with a constantRV .

A slightly modi�ed formalism, which is later on used for the reddening determination, is that
of Fitzpatrick et al. (2019). There, the average Milky Way extinction curve is given by

k(l � 55) =
A(l ) � A(55)
A(44) � A(55)

; (1.3)

where 44 and 55 are short for 4,400 Å and 5,500 Å, respectively. The reddening is de�ned as the
monochromatic color excessE(44� 55), which parametrizes the extinction model

R(55) =
A(55)

E(44� 55)
(1.4)

and again purely determines the strength of the extinction. These two equations can be combined
to the normalized extinction curve10

Anorm(l ) = E(44� 55) � (k(l � 55)+ R(55)) : (1.5)

Example extinction curves for different reddening andR(55) values are depicted in Figure 1.3.
RV = 3:1 converts to a monochromatic value ofR(55) = 3:02, which is adopted for this work. A
general procedure for converting broad band parameters to monochromatic ones and vice versa,
like E(44� 55) to E(B� V), is outlined in Appendix B of Fitzpatrick et al. (2019). However, the
deviation is in general small.

These extinction curves are included in the modeling of stellar spectral energy distributions
(SEDs) as described in Section 3.4. The effect of wavelength dependent extinction on stellar SEDs
is illustrated in Figure 1.4. It can be clearly seen that the �ux at shorter wavelengths is much more
suppressed by reddening than at longer wavelength, where the true and observed SEDs converge.
This is exactly the effect, which allows for the determination of the reddening parameter as proxy
for the amount of interstellar dust in the line of sight. By applying this method to a large sample of
stars across the sky, the distribution of interstellar dust can be traced. It represents a complementary
analysis to the investigation of the interstellar absorption lines probing the interstellar gas.

10For a more detailed view on this formalism see Fitzpatrick et al. (2019).
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Figure 1.3: Empirical fractional normalized extinction curves from Fitzpatrick et al. (2019) for
different values ofR(55) in a logarithmic wavelength scale. The upper three curves are for a
reddening ofE(44� 55) = 0:1mag and the lower three curves for a reddening ofE(44� 55) =
0:3mag. The exact origin of the extinction bump at ~2,175 Å in the UV is still not clari�ed, but
likely caused by PAHs or a mixture of molecules (Ma et al., 2020). The �gure is taken from Dorsch
(2023).

Figure 1.4: The effect of a certain reddening law (extinction curve) on a stellar SED. The extinction
curve withE(B� V) = 0:15mag is shown in red, the true SED in blue, and the SED affected by
reddening in fuchsia. The �ux distribution is �attened by the factor ofl 3 for better visibility.
Otherwise, the slopes would be much steeper. The �gure is taken from Heber et al. (2018).

9
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1.3 Hot Subdwarf Stars

In the previous section the properties of the interstellar medium have been discussed as well as
how it can be probed. Now it is time to have a closer look on the used background light bulbs to
shine through the ISM. Those hot subdwarf stars are unique and intriguing objects themselves.
Their formation and evolution is not yet well understood.

The formation, structure, and evolution of low-mass single stars, from the start of hydrogen
fusion to their �nal fate as white dwarfs, is well-studied and mostly understood. However, the
evolution of stars in close binary systems through phases of interaction and mass transfer is less
clear. Hot subdwarfs represent a population of stars that is strongly associated with being the result
of close binary interaction. Some studies even suggest that binary interaction is always required to
form these stars (Pelisoli et al., 2020). In the next section the canonical stellar evolution of single
low-mass stars is brie�y described in order to understand why it can not account for the existence
of hot subdwarf stars. Subsequently, the actual formation scenarios of these stars are summarized
followed by an outline of their observational characteristics. In general, if not stated otherwise
these sections follow the comprehensive reviews of Heber (2009, 2016) and the study of Dorsch
(2023).

1.3.1 Canonical Single Low-Mass Star Evolution

The canonical stellar evolution of low-mass stars is well-studied and the results are recorded
in many publications and textbooks. For example, a standard general astrophysical textbook
including stellar evolution is Carroll & Ostlie (2017), while Clayton (1983) speci�cally focuses on
the principles of stellar evolution and nucleosynthesis.

During the gravitational collapse of large molecular clouds many new young stars are formed.
As soon as it becomes dense and hot enough in their cores, they begin to fuse hydrogen to helium.
This is considered as start of their lives on the so-called main sequence, where they reside the
longest time of their live, stably burning hydrogen in the core. Overall, their evolution comprises
�ve stages from their birth to their end, which are all depicted in the Hertzsprung-Russell diagram
(HRD) of Figure 1.5. It plots the stellar luminosity over the effective temperature. Each stage is
brie�y outlined in the following:

• Main sequence:All single stars spend most of their life on the main sequence (MS), where
they burn hydrogen to helium in their core. Their masses can range from0:07M� up to
150M� , although the limit of the upper end is not clear. The lifetimes on the main sequence
strongly depend on the mass: While the Sun is predicted to spend about 8 Gyr on the MS, a
lower mass star with0:8M� would spend about 13 Gyr, and a heavy B-type star with about
10M� only 30 Myr. Stars on the MS move little in the HRD (Figure 1.5).

• Subgiant and red giant branch: As soon as the hydrogen fuel is exhausted in the core,
nuclear fusion continues in a shell around the helium core. The star leaves the MS as
the core contracts and the envelope expands (subgiant branch). The subgiant evolution
ends when the star begins to drastically expand and to ascend the red giant branch (RGB).
For low-mass stars, the helium cores become electron-degenerate. These degenerate cores
actually contract as their masses increase by dumped ashes from the hydrogen burning shell
around it. Thus, the inner pressure, density, and temperature increases, which leads to higher
nuclear luminosities of the burning shell. The stars answer with an expanding envelope
on that higher luminosity. At some point the helium cores reach temperatures of about
108 K, which violently ignites helium fusion to heavier elements. Because the pressure of
electron-degenerate matter is independent of temperature, the cores do not immediately
expand. Thermonuclear run-away fusion heats up the core dramatically, which is called
the helium-�ash. This vicious cycle is interrupted only as soon as the thermal energy is
suf�cient to lift the degeneracy and the tip of the RGB is reached.

• Horizontal branch: Followed by the helium-�ash, the stars contract again and reach a
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1.3. HOT SUBDWARF STARS

Figure 1.5: Stages of evolu-
tion for a Sun-like star in the
Hertzsprung-Russell diagram
(HRD) modeled with MIST
(Choi et al., 2016). Depicted
are the main sequence (MS) in
orange, the red giant branch
(RGB) in green, the horizon-
tal branch (HB) in gray, the
asymptotic giant branch (AGB)
in black, and the post-AGB in
blue. A sample of hot subdwarf
stars is shown with black dots
for comparison. The �gure is
taken from Dorsch (2023).

new equilibrium con�guration. They stably burn helium in a non-degenerate core and
hydrogen in a shell around it. This branch of core helium burning stars extends towards
high temperatures at almost constant luminosity and is therefore called the horizontal branch
(HB).

• Asymptotic giant branch: After even the helium is exhausted in the core, helium is burned
in a shell around the carbon/oxygen (C/O) core and hydrogen in a shell around the helium
burning one. They begin to ascend the asymptotic giant branch (AGB) similarly to the RGB
before. It is called ”asymptotic“ because it asymptotically adapts to the RGB.

• Post-asymptotic giant branch: Unlike for the RGB, low-mass AGB stars never reach
central temperatures to ignite the core with nuclear fusion (in this case carbon burning). It
expands until the envelope is so weakly bound that radiation pressure, pulsations, and/or
strong stellar winds lead to an ejection of the envelope, which is then observed as planetary
nebula. Left behind is a hot C/O core, possibly with a thin layer of hydrogen or helium
around it, without any energy source (no nuclear fusion). This remnant contracts and cools
down entering the white dwarf cooling sequence. The way from the end of the AGB down
to the white dwarf sequence is called the post-AGB.

This canonical stellar evolution picture can not explain the existence of hot subdwarf stars, which
reside at the extreme blue end of the horizontal branch (EHB) or even beyond that on the so-called
helium main sequence (He-MS), where stars purely consisting of helium are located (Paczyński,
1971). It is clearly visible from Figure 1.5 that none of the stellar evolution branches intersects
the region of the hot subdwarf stars. Therefore, alternative formation scenarios including binary
interaction need to be invoked in order to explain the existence of this unique population of stars.

1.3.2 Formation and Evolution of Hot Subdwarfs

In general, hot subdwarf stars are thought to be the stripped helium cores of evolved stars. Hence,
some kind of mass loss is needed the remove most of the hydrogen envelope. To this end, binary
interaction needs to be introduced with phases of mass transfer and loss. However, many hot
subdwarfs appear to be single. Hence, the �rst formation scenario that is presented is a hypothetical
one, which does not necessarily need a binary companion. All other ones include binary interaction,
like common envelope evolution or merger events.
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The Hot Flasher Scenario

Low-mass giant stars leave the tip of the RGB when their degenerate cores ignite helium fusion,
while they are still burning hydrogen in a shell around the core. But hypothetically, the hydrogen
shell might be exhausted before the core ignites nuclear fusion. Then the envelope would contract
and the star leave the RGB early. While contracting, if the central temperature becomes high
enough, a delayed helium-�ash might occur that strips off parts of the envelope. This ”late hot
�ash“ is considered as possible explanation for single EHB stars (D'Cruz et al., 1996). However,
calculations predict too much retained hydrogen, inconsistent with the formation of hot subdwarf
stars. A common approach is to arti�cially increase the mass loss, which leads to increasingly hot
and helium-rich HB stars. It is not yet clear whether this enhanced mass loss is possible.

Common Envelope Evolution

About 30-50% of all B-type hot subdwarfs (sdBs) are in close binary system with either white
dwarf (WD), M-type MS, or brown dwarf companions. They show extremely short orbital periods
from about one hour up to few days (Kupfer et al., 2015; Kawka et al., 2015; Schaffenroth et al.,
2022) and strong radial velocity variability with amplitudes of up to several hundredkm s� 1.
These tight orbits are not natural and can only be reached in binary interaction. Some interaction
channels leading to the formation of hot subdwarfs are shown in Figure 1.6, where the �rst two
result into close binaries. As example, the second scenario is outlined in more detail: Assuming an
initial wide binary with two MS stars of unequal mass, the more massive star will evolve �rst to
giant dimensions. If the system is close enough, it will �ll its Roche lobe11 and begin to transfer
mass to the companion. If furthermore the mass ratioq is high (q & 1:2� 1:5), the mass transfer
will be dynamically unstable and a common envelope (CE) is formed engul�ng both components
(Paczynski, 1976). Then the remaining helium core of the stripped star and its companion orbit
each other inside of the CE, which leads to friction and drag forces. Therefore, orbital angular
momentum is transferred to the surrounding material, which lets the orbit shrink and heats up the
CE. As consequence the CE expands, becomes eventually gravitationally unbound to the system,
and is ejected. If the central temperature of the helium core was already high enough to ignite
nuclear burning, a hot subdwarf star is formed in a close binary with a low-mass MS companion
(late K- or M-type). This is one way of forming binary systems with such short orbital periods.

In the �rst scenario of Figure 1.6, when the mass ratio is lower, a phase of stable Roche lobe
over�ow (RLOF) is required in advance of the common envelope phase. The �nal outcome is a
hot subdwarf in a close binary system with a WD companion. Overall, given the large number of
hot subdwarfs in close binary system, common envelope evolution must contribute signi�cantly to
their formation history.

Moreover, it is expected that some of the ejected common envelope material might persist
gravitationally bound to the system. Still, direct detections of such circumstellar material (CSM)
around hot subdwarf stars have been elusive yet. However, as this material expands after the
ejection, it becomes thinner and thinner and cools down, perhaps mimicking interstellar conditions.
Therefore, as the material is pervaded by the starlight of the host system, the same spectral lines as
for the interstellar medium might emerge in the spectrum, opening up a tool to search for it. Hence,
besides the investigation of the interstellar medium, the search for CSM around hot subdwarf stars
is the second major aim of this work. More details on the physics of CE evolution and ejection can
be found at the beginning of Chapter 6, in which the results regarding this search are presented.

11The Roche lobe is a teardrop-shaped region around a star in a binary system within which orbiting material is
gravitationally bound to that star. If a star expands beyond its Roche lobe, matter can �ow through the inner Lagrange
point to its companion, leading to mass transfer. The Roche potential is given by the common gravitational potential of
both components plus a rotation term.
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Figure 1.6: Three possible binary interaction channels resulting into the formation of hot subdwarf
stars. They include phases of stable and unstable mass transfer as well as common envelope
evolution. The �gure is taken from Heber (2016), originally by Podsiadlowski et al. (2008).

Stable Roche Lobe Over�ow

While the companions in close binary systems are too faint to be directly observed12, brighter
companions can be identi�ed by a double-peaked SED with the hot subdwarf dominating the
blue part and the cooler companion the red part. Such wide binary systems with F/G/K-type
main sequence companions make up another 20-30% of the whole hot subdwarf population. The
formation of such systems is the third scenario of Figure 1.6. If the mass ratio is low (q . 1:2), i.e.
both components are roughly of equal mass, and the initial separation is not too large, the star that
evolves �rst �lls its Roche lobe and begins to transfer mass to its companion. Then the evolved
star is stripped by stable RLOF and if the central temperature was high enough to ignite helium
burning, a hot subdwarf plus MS star system in a wide orbit is formed. Even though Figure 1.6
states orbital periods of up to 500 days, there is evidence that the usual period might be slightly
higher between 500 and 1,500 days (Barlow et al., 2012; Vos et al., 2019; Molina et al., 2022).

After the formation of such a system, the stars are evolving further. If the hot subdwarf has
already exhausted its fuel becoming a C/O white dwarf and the companion expands while ascending
the RGB, unstable RLOF starts. This exactly corresponds to the left panel of Figure 1.6 and the
�rst scenario takes over, resulting into CE evolution and a close WD plus hot subdwarf binary
system.

White Dwarf Mergers

Another mechanism to produce single hot subdwarfs is the merging of two low-mass objects, where
at least one of them is a helium-core white dwarf (He-WD). Even without common envelopes,
the orbits of close systems gradually shrink due to the emission of gravitational waves. As

12They are only evident from radial velocity variability or peculiar light curves of the system.
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consequence both components come closer and closer until they eventually merge. Different
progenitor systems are associated with different outcomes: A prominent example is the double
He-WD merger scenario. It is expected to explain the population of extremely helium-rich hot
subdwarfs of spectral type O (eHe-sdO). The peculiar surface compositions of eHe-sdOs are
explained by different merger channels of two He-WDs, e.g. fast or slow merging. Another
possibility is the merging of a He-WD with a C/O-WD. This might form peculiar He-sdOs too
as well as intermediate helium-rich OB-type hot subdwarfs (iHe-sdOB). The last scenario is the
merging of a He-WD with a low-mass main sequence star. It is predicted that this channel could
form single helium-poor sdB stars.

In general, in such merger events both components do not just swallow each other and immedi-
ately mix their material. It is rather the case that one component gets disrupted, an accretion disk
or a corona of material is formed, and the debris is accreted by the other component. It seems also
possible (e.g, in the He-WD+MS case) that one star begins to unstably transfer mass, a common
envelope is formed, and both components merge inside of the CE. Overall, in all scenarios a certain
circumstellar environment might be present after the merger event. Again the same spectral lines
as for the ISM could indicate the presence of such circumstellar material.

1.3.3 Spectral Classi�cation and Observational Characteristics

Since the analysis of this work comprises the investigation of many hot subdwarf spectra, it is
important to understand their observational characteristics. Historically, these stars were not
distinguished from normal early O- and B-type stars until their subluminous nature was realized
(Humason & Zwicky, 1947). In the following decades a lot of effort has been put into �nding new
candidates and collecting large samples of these stars. The most recent catalog of hot subdwarf
candidates based on photometry andGaiaastrometry (see Section 2.1) was compiled by Culpan
et al. (2022) and includes about 60,000 objects. Also the sample of this work is based on this
catalog (Section 2.3).

Nowadays, it is clear that individual hot subdwarfs show very distinct spectral features in their
spectra. Therefore, the whole population is divided mainly into �ve sub-populations depending on
the presence of hydrogen and helium lines, which are determined by the surface temperature as well
as the atmospheric hydrogen and helium abundances. Example spectra illustrating the distinction
are shown in Figure 1.7. Most abundant among the whole population are the helium-poor B-type
hot subdwarf (sdB) stars. They show mostly strong hydrogen Balmer lines together with weak
neutral helium lines, while ionized helium lines are absent. Hotter helium-poor OB-type subdwarfs
(sdOB) show Balmer lines together with both, weak neutral and ionized helium lines. Hot helium-
poor O-type subdwarfs (sdO) show strong ionized helium, weaker Balmer lines, and no neutral
helium lines. These are the three sub-populations of helium-poor hot subdwarfs. Furthermore,
there is a class of intermediate helium-rich hot subdwarfs of OB-type (iHe-sdOB), which show
strong neutral and ionized helium lines together with Balmer lines. Lastly, some O-type hot
subdwarfs are extremely helium enriched (eHe-sdO) and show strong neutral as well as ionized
helium lines, while Balmer lines are at most weak or even absent.

From the spectra of stars, e.g. the appearance and shape of spectral lines, characteristic physical
properties about their atmospheres can be derived. This is particularly true for hot subdwarf stars.
The most essential parameters are the following:

• Effective temperature: The effective surface temperatureTeff of a star is given by the
Stefan-Boltzmann lawF = sSBT4

eff, whereF is the stellar �ux andsSB the Stefan-Boltzmann
constant. It is arguably one of the most important parameters of a star, especially for the
shape of its spectrum, because it determines the excitation and ionization state of atoms and
ions in the atmosphere (see Subsection 1.4.2). For example, Balmer lines only emerge if
enough hydrogen atoms are excited to the �rst energy level above the ground state. This
is reached if the thermal velocity of the particles is high enough to excite this state, which
predominantly occurs via collisions. It requires a certain temperature, but on the other hand,
if Teff is too high, hydrogen becomes more and more ionized and the Balmer line strengths
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Figure 1.7: Rough classi�cation
of hot subdwarf stars into �ve sub-
populations based on the appearance
of hydrogen (H I) and helium lines
(neutral He I and ionized He II) in
their spectra. Shown are example
spectra, where the name of the re-
spective star is given on the left and
its classi�cation on the right. Re-
sponsible for the distinction are the
different temperatures and signi�-
cantly varying helium abundances.
The �gure is taken from Dorsch
(2023).

drop again. Therefore,Teff is of particular importance for hot subdwarf stars as it mainly
determines the appearance of Balmer lines as well as neutral and ionized helium lines.
Moreover, higher temperatures lead to broadening of spectral lines via thermal Doppler
broadening (see Subsection 1.4.3). Overall, from the appearance of spectral lines and their
shapes,Teff can be spectroscopically determined. As their name says, hot subdwarfs show
high values ofTeff > 20;000 K.

• Surface gravity: Hot subdwarf stars are quite compact objects compared to main sequence
stars. Hence, they have a high surface accelerationg = GM=R2, whereG is the gravitational
constant,M the stellar mass, andR the stellar radius. This leads to an enhanced pressure in
the atmosphere, which broadens spectral lines via pressure broadening (see Subsection 1.4.3)
and in�uences the ionization balance. Therefore,g can be measured from the shape of
spectral lines and since it varies over many orders of magnitude for different kinds of stars,
it is usually given as the surface gravitylogg. Typical values for hot subdwarf stars are
4:5 < logg < 6:5, while O/B main sequence stars havelogg < 4 and white dwarfslogg > 7.

• Helium abundance: Hot subdwarfs are the stripped helium cores remaining after binary
interaction and have at most a thin outer hydrogen layer. They have both, high effective
temperatures as well as a high surface gravities. The combination of these parameters leads
to atmospheric diffusion processes, which is in principle the balance between gravitational
settling of heavier elements and radiative levitation resulting from the absorption of pho-
tons13. This diffusion can alter the surface composition of hot subdwarfs signi�cantly, in
particular the surface helium abundance, leading to the different observed sub-populations.
Besides the effective temperature, the surface helium abundance is mainly responsible for
the appearance of helium lines in the spectra, from which it can be derived. It is typically
given as the hydrogen-to-helium number density ratiologn(He)=n(H). A value close to� 1
indicates solar helium abundance and most of the hot subdwarfs have sub-solar abundances.
Only the iHe-sdOBs and eHe-sdOs show more helium in their atmospheres than the Sun.

• Metal abundances: The abundances of metals in the atmospheres are far less well-
determined, because they require comprehensive spectral analyses based on high-quality
spectra. Metals are mostly not even included in synthetic spectral models of hot subdwarf
stars (see Section 3.1). However, there is evidence that the metal abundances can vary
strongly between individual stars. Furthermore, metals are of course also subject to atmo-
spheric diffusion. A general trend observed for many hot subdwarfs is that they are often

13For more details see, for example, Section 1.7 of Dorsch (2023).
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enriched of heavier elements and de�cient of lighter ones. The origin of this pattern is object
of current research.

Together with a few other parameters, like the microturbulence, which is negligible for hot subdwarf
stars, these four properties represent the full set of atmospheric parameters quantifying the stellar
atmospheres. Even more fundamental parameters, describing a star as a whole, are the stellar mass
M, radiusR, and luminosityL. The mass of hot subdwarf stars is usually about 0.5M� , the radius
is typically in the range of0:1� 0:3R� , and the the luminosity in the range of10� 1;000L� . The
determination of those stellar parameters requires further information about the stars than only their
spectra can provide, most importantly their distances (see Subsection 3.4.2). Both, atmospheric
and stellar parameters, are determined for all stars of the investigated sample as part of this work.
On the one hand, the atmospheric parameters are determined in order to use the stellar synthetic
spectra as continuum for the ISM absorption lines and on the other hand, they are required to
model the stellar SEDs to derive information about interstellar dust along the line of sight. Last
but not least, they give conclusion about the hot subdwarfs themselves and for example with the
help of diagnostic diagrams (see Section 4.2) their properties, formation, evolution, etc. can be
constrained.

1.4 Quantitative Spectroscopy

A major aspect of this work is the analysis of stellar spectra. Typically, they are depicted as
diagrams with two axes: The wavelength on thex-axis and the �ux on they-axis. However, it is a
highly non-trivial process to arrive at the point that a �le with the wavelength in one column and
the �ux in another one is on hand. This process begins with the observation of a star in a clear night
using instruments like a telescope, a spectrograph, and a suited camera. The telescope collects
and collimates the starlight, the spectrograph disperses it into its constituent wavelengths, and the
camera digitally records what is seen. But this is still just a 2D image of pixels with different
gray scale values and not yet ready to evaluate. A complicated process of data reduction follows,
including multiple steps of calibration in order to remove noise and systematic effects, assigning
wavelengths to the individual pixels (wavelength calibration), the removal of background light and
high-energetic cosmic particles (”cosmics“), and the binning of the two dimensional image to a
one dimensional wavelength-�ux spectrum.

As soon as the data reduction is done, one can proceed with analyzing the resulting spectrum.
The spectral features in stellar spectra are usually the shape of the continuum, ionization edges,
and most importantly spectral lines. If the spectra get normalized to unity (see, for example,
Subsection 3.3.3), spectral lines are actually in most cases the only features left. They appear in
various kinds of shapes, some are stronger, some are weaker, sometimes they are broad, sometimes
they are narrow. Many physical parameters can be derived from the analysis of these shapes, which
is the topic of this section.

It will �rst brie�y introduce general types of spectrographs, with which spectra are produced,
and what in�uence their characteristics have on the �nal spectra, in particular concerning the
spectral resolution. Since the spectra of this work are taken from large spectroscopic surveys
and databases (see Section 2.2), they are all available in science-ready formats. Therefore, the
complicated process of data reduction is already done and not further considered here. Instead
it follows a discussion about the theory of excitation and ionization, which is important for both,
stellar atmospheres as well as the interstellar medium. Finally, the mechanisms are outlined that
form the shape of spectral lines and how in particular interstellar absorption lines can be modeled.

1.4.1 Spectrographs and the Role of Spectral Resolution

The physics as well as the structure and functionality of spectrographs are complicated and can
perhaps �ll whole textbooks. However, the basic principles are quite simple and can be mostly
explained in the framework of ray optics. The aim of a spectrograph is to split infalling light into
its constituent wavelengths. The resulting distribution can then be analyzed, which represents a
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powerful tool in astronomy. The type of spectrograph and its components determine the quality
of the recorded spectrum, especially the spectral resolution. In the following, the two most
fundamental categories of spectrographs are brie�y discussed as well as their spectral resolution
behavior. It mainly follows Irrgang (2014).

Long-slit Spectrographs

Figure 1.8 shows the typical components of a (long-slit) spectrograph together with schematic ray
traces. The most important components are:

• Slit: The slit ensures a sharp projection of the observed object by the telescope and prevents
stray light to enter the light beam. Its widthb in�uences the spectral resolution of the �nal
spectrum.

• Collimator: The collimator parallelizes the incoming light rays before they hit the dispersion
element. This is important in order to obtain a proper interference pattern.

• Dispersion element:The dispersion element is the main component of a spectrograph. It is
responsible for splitting the light into its constituent wavelengths. It can be either a grating,
a prism, or a mixture of both, a so-called ”grism“. Often blaze gratings are used, which are
tilted re�ection gratings minimizing the loss of intensity during dispersion (Figure 1.9).

• Camera: The camera focuses the resulting image of the spectrum on the detector.

• Detector: The detector records the image of the spectrum and is often part of the camera.
While in former times photographic plates have been used, nowadays the most common
instruments are digital CCD detectors.

The schematic of a blaze grating consisting of many periodic re�ecting grooves is shown in
Figure 1.9. The grooves are tilted by the blaze angleQ with respect to the surface normal. If a
light ray falls on the grating with an incident anglea relative to the surface normal, it leaves the
grating under an angleb, which is determined by the blaze angle (given the signed de�nitions of
a andb in Figure 1.9):a + b = 2Q. The criterion for constructive interference is

d(sina + sinb) = Ds != nl ; (1.6)

whered is the width of the grooves,Ds the path difference between two light beams,l the
wavelength, andn an integer multiple (called ”order“) of the wavelength. This equation allows to
determine the re�ection angleb in dependency on the wavelength. However, it also shows that
in the optical (3;800Å. l . 7;800Å) different diffraction orders overlap forn > 1. This means
different wavelengths within the visible range give the same angleb. Plugging in the blaze angle
Q for b gives

d(sina + sin(2Q� a )) = nl blaze;n ; (1.7)

wherel blaze;n is the blaze wavelength at which constructive interference occurs. For every ordern
the intensity is at its maximum at the blaze wavelength.

A central quantity of each spectrograph is its resolving powerR, because it mainly determines
how much spectral information is contained in the resulting spectrum. It is in general wavelength
dependent and de�ned as the ratio of each wavelengthl to its corresponding minimal resolvable
wavelength difference:

R:=
l

Dl
(1.8)

Two major processes contribute to a smearing of wavelength and a limited spectral resolution. The
�rst is the intrinsic diffraction limited resolution of the grating, which is given by

Rgrating=
�

l
Dl

�

grating
= nN; (1.9)
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Figure 1.8: Schematic of a long-slit grating spectrograph with its fundamental components, which
are the slit with widthb, the collimator (with focal lengthfcoll), the dispersion element (here a
blaze grating), the camera (with focal lengthfcam), and the detector (here a digital CCD detector).
The �gure is taken from Irrgang (2014).

Figure 1.9: Schematic of
a blaze grating, whered
is the groove width,Q the
blaze angle,a the incident
angle, andb the re�ection
angle of light rays with re-
spect to the surface normal.
The anglesa and b are
both signed. The �gure is
taken from Irrgang (2014).
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whereN is the number of illuminated grooves. The second one is the spatial extent of the projection
of the star in the focal plane of the telescope, where the slit is located. Due to the �nite slit widthb,
the infalling light is not entirely parallel, leading to a small variationDa = b=fcoll of the incident
anglea . From that it can be derived that the spectral resolving power of a long-slit spectrograph is
given by

Rlong-slit(l ) =
�

l
Dl

�

long-slit
=

n fcoll l
d bcosa

; (1.10)

which is in general wavelength dependent. Usually,Rgrating is much higher thanRlong-slit, such that
in practiceRlong-slit determines the resolution of a produced spectrum. Sincefcoll, d, anda are
�xed device-speci�c quantities, the only ways to increase the resolution is to observe in higher
ordersn and/or to use smaller slit widthsb. However, for highern different diffraction orders
overlap and the smallerb, the lower the amount of infalling light, if the source is not point-like,
which is generally the case even for stars due to smearing from Earth' atmosphere (”seeing“). Of
course, when building a new spectrograph, it is also possible to optimize the parametersfcoll, d,
anda in order to obtain a higher resolution. Furthermore, if a �ber-fed spectrograph is used, the
slit width b needs to be replaced by the �ber diameter.

Echelle Spectrographs

In order to observe at higher ordersn to reach drastically higher resolutions, the issue of overlapping
diffraction order can be conveniently overcome by placing a second dispersion element between
the �rst one and the camera/detector. Its task is to disperse the light perpendicular to the initial
dispersion direction and hence, it is called a cross disperser. This way, the overlapping diffraction
orders are separated as shown in Figure 1.10 and it is possible to make use of diffraction orders up
to n � 100. Due to the vertical alignment of each diffraction order as stripes, such spectrographs
with a cross dispersion element are called ”echelle“ spectrographs according to the French word
for ladder or stairs.

The spectral resolving power of an echelle spectrograph can be approximated by inserting the
blaze wavelength (Equation 1.7) into Equation 1.10 for the wavelength:

Rechelle=
�

l
Dl

�

echelle
�

fcoll (sina + sin(2Q� a ))
b cosa

(1.11)

Unlike in the long-slit case, the resolution of an echelle spectrograph solely depends on device-
speci�c �xed parameters and no longer on the wavelength. This means the resolving power is
constant over the obtained spectrum.

Another limiting factor can be the spatial resolution of the (CCD) detector, given by the pixel
distribution and width. To resolve all spectral features the resolution of the detector in general
has to be larger than that of the spectrograph. According to the Nyquist criterion, each resolvable
wavelength element needs to be covered by at least two pixels of the detector.

Furthermore, for echelle spectrographs the data reduction becomes even more dif�cult. It
includes another complicated step of order merging: The individual separated orders, with partly
overlapping spectral regions, need to be merged into a single spectrum covering the whole spectral
range.

A Comment on the Spectral Resolution

The most central parameter of a spectrograph quantifying the quality of the resulting spectrum, i.e.
the amount of spectral information contained, is the spectral resolving powerR. It is a unitless
number and de�ned according to Equation 1.8. Pure long-slit spectrographs provide rather low
resolution spectra withR(l ) � 1;000� 10;000, while with the use of a cross dispersion element,
echelle spectrographs are able to reachR� 100;000or even higher. In the �rst caseRis wavelength
dependent, while in the second case it is constant across the spectrum. In most of the cases a

19



CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

Figure 1.10: Additional component of an echelle spectrograph: The cross dispersion element.
It is placed between the �rst dispersion element and the camera/detector in order to separate
overlapping diffraction orders perpendicular to the initial dispersion. This way, it can be observed
in high diffraction ordersn. The �gure is taken from Irrgang (2014).

higherR is desired in order to resolve weaker spectral features, which would be otherwise hidden
or blended by neighboring stronger features.

However, the spectral resolving power is just an arti�cial number quantifying a spectrograph. In
practice, the minimal resolvable wavelength differenceDl is sometimes more important, because
it directly gives the minimal possible width of a narrow spectral line at a certain wavelength
due to the used instrument. As such, it de�nes the so-called ”instrumental broadening” (see
Subsection 1.4.3) and is called the spectral resolution. Therefore, the spectral resolving powerR
and the spectral resolutionDl (measured in Å) are quite different parameters, even though they
are often confused in the literature by also callingR the spectral resolution. It is important to note
that for pure long-slit spectrographsR is wavelength dependent, butDl is not. Vice versa, for
echelle spectrographsR is constant, butDl is wavelength dependent and increases with increasing
wavelength. This means that in echelle spectra the spectral resolution drops14 and the minimal
line width increases at higher wavelength. Furthermore, if for example the resolving power of a
long-slit spectrograph is stated to beR= 3;000, this just represents a rough average value for the
resulting spectra, since it varies with wavelength.

A common way to parametrize the resolving power of both, long-slit and echelle spectrographs,
is

R(l ) =
1

Dl
� l + constant= Rslope� l + Roffset: (1.12)

This is a linear approximation with a slopeRslope:= 1=Dl and an offsetRoffset. For a pure long-slit
spectrograph the values are usuallyRslope> 0 andRoffset = 0, while for an echelle spectrograph
vice versa. Therefore, the resolving power increases linearly with wavelength in the long-slit case
and stays constant in the echelle case. This approach is, for example, extensively used for the
spectral analyses of this work and the developed analysis scripts (see Section 3.3), where a careful
treatment of spectral resolution is crucial.

1.4.2 The Theory of Excitation and Ionization

The appearance and shape of spectral absorption lines from many astrophysical environments, such
as stellar atmospheres or the interstellar medium, is mainly determined by the number of available

14Still, lower spectral resolution usually means higherDl .
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absorbers. The number of available absorbers of course depends on the abundance of the respective
element, but also strongly on their excitation and ionization states. For example, hydrogen atoms
that are all in the ground state can not produce Balmer lines, which correspond to a transition
from the �rst excited state to a higher one, even if a lot of hydrogen is available. On the other
hand, ionized hydrogen that lost its only electron can not contribute with any electronic transition
anymore. Analogously, the same is true for heavier elements with more electrons. Therefore, this
section will brie�y deal with the theory of excitation and ionization and follows Gray (2021).

The main way of exciting and ionizing particles in a gas is by collisions. The strength of the
collisions is determined by their thermal velocities, i.e. predominantly by the gas temperature. In
thermodynamic equilibrium the particles follow a Maxwellian velocity distribution given by

N(v)dv =
�

m
2pkBT

� 3=2

exp
�

�
mv2

2kBT

�
dv; (1.13)

wherev is the velocity,m the particle mass,kB the Boltzmann constant, andT the temperature.
The ratio of populations in two different energy levelsm andn of a species is given by

Nn

Nm
=

gn

gm
exp

�
�

En � Em

kBT

�
; (1.14)

where theg's are the statistical weights15 and theE's the energies above the ground state of the
respective states. Equation 1.14 is called the Boltzmann or excitation equation. Furthermore, the
ratio of populations in two consecutive ionization stagesI of an element is given by

NI+ 1

NI
=

2uI+ 1(T)
uI (T)

1
ne

(2pmekBT)3=2)

h3 exp
�

�
cI

kBT

�
; (1.15)

which is called the Saha or ionization equation. Here, theu(T) are the partition functions16 of the
respective ionization stages,ne is the electron density of the gas,me the electron mass,h Planck's
constant, andcI the ionization potential of the lower ionization stage. Notably, Equation 1.15
depends on the electron density of the gas. The higher it is, the lower the fraction of particles in
the upper ionization stage, mostly because more electrons are available for recombination.

Overall, Equation 1.13, Equation 1.14, and Equation 1.15 determine the excitation and ion-
ization states of gas particles in thermodynamic equilibrium. For virtually all conditions in the
interstellar medium, at least for those considered in this thesis, this is the case. For the atmospheres
of cooler stars thermal equilibrium can be often assumed as well. However, in that of hotter stars,
like O- and B-type hot subdwarfs, it usually breaks down. Then alternative equations need to be
invoked (see Section 3.1).

1.4.3 Line Broadening Mechanisms and Spectral Line Pro�les

Many physical parameters can be derived from the appearance and, in particular, the shape of
spectral lines. Intrinsic conditions like the temperature and density of a gas, but also extrinsic ones
like rotation or the resolution of the used spectrograph, broaden the pro�les of the observed lines
in different ways. In general, this accounts for both, absorption and emission lines. Therefore, this
section summarizes all the different mechanisms for line broadening and the corresponding line
pro�les. Again, it follows Gray (2021). The intrinsic mechanisms are the following:

• Natural line broadening: All energy levels except the ground states have a certain �nite
lifetime. However, according to Heisenberg's uncertainty principle, energy and time are two
complementary quantities and can not be measured in�nitely precise simultaneously. Since
the energy is directly related to wavelengths or frequencies, spectral lines have naturally a

15The statistical weights are2J+ 1 of the state, whereJ is the inner quantum number. For example, for hydrogengn = 2n2

for then-th excited state.
16u(T) = å ¥

i= 0gi exp(� Ei=kBT)
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certain width. This effect is called natural broadening and can be calculated in the formalism
of a damped harmonic oscillator. The resulting line pro�le is given by

j nat(n) =
gnat=4p

(n0 � n)2 + ( gnat=4p)2 ; (1.16)

wheren is the frequency andn0 the line center. It represents a Lorentzian function with
the so-called damping constantgnat that determines the width. The natural line width of a
spectral line is typically on the order ofDl � 10� 4Å and hence, often negligibly small.

• Collisional (pressure) broadening: Radiating or absorbing atoms/ions are affected by
collisions with neutral and charged particles via Coulomb interactions (Stark effect). This
leads to a modi�cation of the energy levels (energy shiftDE) and line broadening. The
perturbations mainly depend on the distancer between the absorbers and perturbing particles:
DE � r � n. Different ordersn of collision processes are introduced, which account for
different types of interactions:

- n = 2 corresponds to the linear Stark effect, which is important for atoms/ions with
intrinsic dipole moment like H I or He II (”hydrogenic“), perturbed by charged particles
like electrons or ions.

- Then = 3 case is called self-pressure broadening and mainly accounts for interactions
between neutral atoms of the same kind. It particularly affects hydrogen as the lightest
and most abundant element.

- n = 4 corresponds to the quadratic Stark effect, which is important for collisions
between metal ions and free electrons.

- The n = 6 case is called Van der Waals broadening and accounts for interactions
between neutral atoms of different kind.

It is quite dif�cult to compute the corresponding line pro�les analytically and approximations
are needed. If the perturbation time is much smaller than the energy level lifetimes, e.g. for
light and fast moving particles, often the ”impact approximation“ is used. It describes an
interruption of the emitted or absorbed electromagnetic wave, creating a phase shift, which
leads to a reduction of the lifetime. But as the lifetime decreases, the energy uncertainty
increases according to Heisenberg and the line broadens. The corresponding line pro�le

j n(n) =
gn=4p

(n0 � n)2 + ( gn=4p)2 (1.17)

is again Lorentzian with a damping constantgn depending on the considered ordern. Unlike
in the natural damping case, the damping ”constant“ is actually not constant here, but
depends on the pressure and temperature. If the particles are heavier and move more slowly,
the perturbation time is longer than the lifetimes and usually the ”quasistatic approximation“
is used. Here, the absorbers feel a static electric �eld by the disturbers during the transition,
which leads to a distortion of the energy levels. But even if only the nearest neighbor (”nearest
neighbor approximation“) is considered, the resulting line pro�le is more complicated and
non-Lorentzian.

• Thermal Doppler broadening: The absorbing or emitting particles of a thermal gas follow
a Maxwellian velocity distribution (Equation 1.13). Their isotropic thermal motion leads to
Doppler shifts for each transition. In total, the observed line broadens and the corresponding
Gaussian line pro�le is

j Doppler(n) =
1

p
pDnth

exp
�

�
Dn2

Dn2
th

�
(1.18)

whereDnth = vthn0=c with the thermal velocityvth, n0 is the line center,Dn = n � n0, andc
is the speed of light.
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Figure 1.11: Hjerting
function in dependency
on the damping parame-
ter a. For low values
(black) the Gaussian con-
tribution dominates, while
for higher values (gray)
the Lorentzian one does.
The �gure is taken from
Dorsch (2023).

• Microturbulence: Microscopic small-scale motions of gas lead to additional Doppler
broadening of spectral lines. This microturbulence can be treated similar to the Doppler
broadening and the Gaussian line pro�le is exactly the same. Only the thermal velocity
needs to be replaced by the microturbulent velocityx .

The contribution of all these broadening mechanisms can be combined to an overall line pro-
�le. Mathematically, all the individual line pro�les need to be convolved with each other. The
convolution of two functionsf andg is de�ned as

( f � g)(x) =
Z ¥

� ¥
f (y)g(x� y)dy: (1.19)

Then, the �nal line pro�le reads (neglecting non-Lorentzian/Gaussian contributions)

j total = j nat� j pressure� j Doppler� j micro � j Lorentz� j Gauss; (1.20)

because the natural and pressure broadening line pro�les are (mostly) Lorentzian, the ther-
mal Doppler and microturbulent line pro�les are purely Gaussian, and the convolution of two
Lorentzians or Gaussians yield another Lorentzian or Gaussian, respectively. For the execu-
tion of the convolution the damping constants and Doppler parameters can be added up to

gtotal = gnat+ gpressureandDnDoppler= n
c

q
v2

th + x2, respectively. These in turn can be combined to
a new damping parametera = gtotal=4pDnDoppler. Furthermore, by de�ning a new running variable
x = Dn=DnDoppler the �nal line pro�le can be derived to

j Voigt(x) =
1

p
p

a
p

Z ¥

� ¥

e� y2

(x� y)2 + a2dy =
1

p
p

H(a;x) : (1.21)

The integral is called the Hjerting functionH(a;x) an can not be solved analytically. It needs to be
approximated numerically or by a series expansion. Figure 1.11 shows the Hjerting function in
dependency on the damping parametera. Fora ! 0 the line pro�le approaches a purely Gaussian
shape and for higher values ofa, Lorentzian wings become dominant. This exactly represents the
general shape of spectral line pro�les: A Doppler broadened line-core and pressure-broadened
wings on both sides of the line.

There are two further extrinsic broadening mechanisms that should be taken into account in
many observations:

• Stellar rotation: If stars are observed, they might rotate with some equatorial velocity
vrot. This leads to changing Doppler shifts across the stellar disk, because one side of the
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star is continuously approaching, while the other one is receding. This causes additional
broadening, but after the formation of the line in the stellar atmosphere. Hence, it conserves
the equivalent width of the line. In general, one observes only the projected rotational
velocity vrotsini, wherei is the inclination angle between the rotation axis and the line of
sight. The typical observed range is between zero and a few hundredkm s� 1. The rotational
line pro�le can become quite complicated, because of other effects such as limb darkening
that need to be included. For more details see Gray (2021).

• Instrumental broadening: The �nite spectral resolutionDl of spectrographs also leads to
a broadening of spectral lines, which is called instrumental broadening. The corresponding
line pro�le can be complex and is usually measured by recording almost in�nitesimally
narrow emission lines from calibration lamps. However, it is often assumed to be Gaussian:

j instr(l ) �
2 ln2

p
pDl

exp
�

� 4 ln2
(l � l 0)2

Dl 2

�
(1.22)

Just like for the rotational broadening, instrumental broadening of course arises after the
formation of spectral lines in the corresponding astrophysical environment and therefore
conserves the equivalent width.

1.4.4 The Theory of Interstellar Absorption

While all of the line broadening mechanisms from the previous section contribute to the formation
of stellar spectral lines and need to be included in the modeling of synthetic spectra (Section 3.1),
the conditions in the interstellar medium are quite different. Since the material is much thinner,
pressure broadening can be usually neglected as well as (obviously) stellar rotation. Furthermore,
the temperatures are either extremely low for cold interstellar clouds or at least lower than for
early type O and B stars in warm clouds. Hence, thermal Doppler broadening is also weaker
than for these stars. Overall, one is left with natural broadening, weak thermal broadening, and
microturbulence as intrinsic broadening mechanisms. From these, the overall line pro�le of
interstellar absorption lines can be derived, depending on physical parameters like the temperature
and the density of absorbers.

The damping parameter of natural broadeninggnat is related to the lifetime of the considered
transition, which in turn is related to the inverse of the transition probabilityAlu from the lower (l )
to the upper (u) state. By converting the previous expressions from frequenciesn to wavelengthl ,
the overall damping parametera can be written as

a =
l 0Alu

4pb
with b =

q
v2

th + x2 : (1.23)

The quantityb, consisting of the thermal17 and microturbulent velocity of the particles, is called
the Doppler parameter. For interstellar conditions it is typically in the range ofb = 1� 10 km s� 1

(Welty et al., 1994; Red�eld & Linsky, 2002; Welsh et al., 2010), at least for Ca II and Na I
lines. Furthermore, the wavelength-dependent transmission of a spectral line is given byI(l ) =
exp(� t (l )) , wheret is the so-called optical depth. It is a dimensionless measure of how opaque
a medium is to light, quantifying the cumulative absorption and scattering along the line of sight
and is given by (Savage et al., 1977)

t (l ) =
p

pe2

mec
� N � b� 1 � flu � l 0 � H(a;x) : (1.24)

The �rst factor just consists of general constants (elementary chargee, electron massme, and speed
of light c). N is the column density, which is de�ned as the number of absorbers along the line of
sight and therefore has the unitcm� 2. b is the Doppler parameter,flu the oscillator strength of

17The most frequent thermal velocity of a gas in thermal equilibrium depends on the temperature and is given by
vth =

p
2kBT=muA, wheremu is the atomic mass unit andA the atomic weight of the considered gas particles.
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the transition,l 0 the rest wavelength, andH(a;x) the Hjerting function de�ning the line pro�le.
The latter one includes the damping parametera, which depends on the transition probability, the
rest wavelength, and the Doppler parameter. Overall, apart from the atomic constantsl 0, Alu, and
flu, the appearance and shape of interstellar absorption linesI(l ) solely depends on the column
densityN of absorbers and on the Doppler parameterb.

This is exactly the absorption model that is applied to the interstellar Ca II H&K as well as
Na I D1&D2 lines (Subsection 3.3.4). From Voigt pro�le �ts including the atomic constants from
Table 1.1, the column densityN and the Doppler parameterb can be derived. However, additionally
the instrumental broadening due to �nite spectral resolutions needs to be considered. Since ISM
lines are usually very narrow, they are quickly dominated byDl , if the resolution is low. Then
the intrinsic width of the lines determined byb is no longer resolved. It needs to be �xed to a
reasonable value in order to derive at least reliable column densities (see Subsection 3.3.4).

1.5 Outline of the Thesis

The distribution and properties of interstellar material at high Galactic latitudes is poorly studied
yet due to a lack of available Galactic background sources, which can be observed out to the
halo. This thesis presents hot subdwarf stars as possible light bulbs to shine through the ISM
predominantly at high Galactic latitudes. They represent a late stage of stellar evolution formed
via binary interaction and are observable out to the Galactic halo. The �rst main aim of this work
is to probe the ISM using hot subdwarf background sources. The second main aim is to search for
CSM that possibly remained after their formation around hot subdwarfs using the same analysis
methods as for the ISM.

In Chapter 2 the used surveys and instruments are summarized as well as the collected sample
of hot subdwarf stars. Then in Chapter 3 the methods and tools are discussed, which are used to
carry out the analyses of this work. On the one hand, they comprise pre-existing ones, like stellar
model atmospheres and synthetic spectra or a spectral energy distribution (SED) �tting routine.
On the other hand, a set of new Python scripts is developed in order to carry out comprehensive
spectral analyses of both, stellar atmospheres as well as interstellar absorption lines. These scripts
are not restricted to the needs of this study, but could be of general use for spectral analyses.
Hence, Section 3.3 can be considered as kind of manual what the programs exactly do and how
they are executed. The pipeline of the conducted analyses is outlined in Chapter 4. Furthermore,
Chapter 4 includes a brief summary about the measured atmospheric and stellar parameters for
the hot subdwarf stars, which are observed as a valuable side-effect of the analysis, as well as a
simulation of measured interstellar parameters depending on the spectral resolution and signal to
noise ratio of synthetic interstellar absorption lines. The simulation serves as preparation for the
application of the scripts on real data and the quanti�cation of possible systematic uncertainties.
Detailed investigations of the interstellar medium are presented in Chapter 5:

• Parameter distributions: The raw distributions of the measured interstellar parameters,
like column densities, equivalent widths, radial velocities, and reddening are evaluated on a
statistical basis.

• Parameter correlations: The measured parameters are related in order to see how they
correlate with each other. On the one hand, this serves as consistency check and on the other
hand it provides new insights about the connection between calcium and sodium abundances
in interstellar clouds.

• Distribution of interstellar material on the sky: Two dimensional maps are created in
order to trace the distribution of interstellar gas and dust on the sky.

• Variation of interstellar parameters: It is investigated, how interstellar parameters vary
with distance, direction, and height from the Galactic plane. In particular, the deviation of
interstellar properties between the Galactic disk and the halo is probed.
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• Interstellar gas to dust ratios: The connection between the abundances of interstellar gas
and interstellar dust in the ISM is examined. It is investigated how the gas to dust ratios vary
with distance, direction, and height from the Galactic plane.

As second part of this thesis it is searched for circumstellar material (CSM) around hot subdwarf
stars in Chapter 6 using the same methods as before. Although CSM is expected to remain
bound around these stars after their formation through common envelope evolution and ejection,
detections of such material have been elusive yet. Chapter 6 comprises the following:

• Overview: At the beginning an overview about the physics of common envelope evolution
and ejection is provided, from unstable Roche lobe over�ow in binary interaction, to
the formation of a common envelope, and its �nal ejection. Also the possible outcomes
concerning the stellar remnants are discussed.

• Recent detections:Recent detections of ubiquitous CSM around hot subdwarf stars are
claimed by Li et al. (2025). They did not only use similar methods, but also spectra that are
part of the sample of this work. Therefore, their �ndings are evaluated and compared to the
results of this study.

• Search for new CSM candidates:Finally, it is searched for new CSM candidates within
a sample of higher resolution spectra in order to minimize uncertainties coming from low
spectral resolutions. The main criterion for potential CSM is that the material from which
Ca II H&K lines originate moves exactly with the velocity of the stars, while an interstellar
origin can be most likely excluded.

Eventually, the �ndings and conclusions of this work are summarized in Chapter 7. Moreover,
it is highlighted how the investigation of the interstellar medium using hot subdwarf stars as
background light bulbs as well as the search for circumstellar material around these stars could be
extended in the future.
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Chapter 2

Surveys and Instruments

This study aims to collect and analyze a large number of stellar spectra. Subsequently, the
spectral energy distributions (SEDs) of the corresponding objects are modeled by considering their
photometry in different wavelength bands. Last but not least, parallax measurements are required
to constrain the distances to the sources. Obviously, it is not possible to record this wealth of data
by oneself, especially for several thousands of stars. Plenty of sophisticated instruments have been
developed by science organizations and space agencies all around the globe in order to conduct
large surveys that record these various kinds of data for the astronomical community.

In the following sections, the central surveys and instruments for this thesis are presented,
beginning with the unprecedentedGaia space mission in Section 2.1. In Section 2.2 all the
different spectroscopic surveys and spectrographs are brie�y outlined, with the help of which the
investigated sample of this work has been compiled. Lastly, in Section 2.3 an overview about this
sample as a whole is provided. What is not considered in this chapter are the photometric surveys
from which the data is taken to model the stellar SEDs. The automatic query of these databases as
part of the SED �tting routine is discussed separately in Section 3.4.

2.1 ESA'sGaiaSpace Mission

TheGaiaspace mission of the European Space Agency (ESA) is the direct successor mission of
HIPPARCOS (Clausen & Perryman, 1990; van Leeuwen, 1997) launched in 1989 by ESA as well.
HIPPARCOS laid the foundation for space astrometry by measuring the positions, parallaxes1,
and motions of over 118,000 Galactic objects. It achieved a mean parallax accuracy of about 1
milliarcsecond (mas), signi�cantly better than previous ground-based measurements. Since the
parallax is directly related to the distance of an object, the HIPPARCOS catalog provided the �rst
reliable distance measurements for a large number of stars (van Leeuwen, 2009) and provided
groundwork for subsequent astrometry missions such asGaia.

The main aim ofGaia is to compile a complete 3D map of the Milky Way in order to enhance
our understanding of the formation, structure, and evolution of the Galaxy. It was launched
December 19, 2013 and arrived at its operating point, the second Lagrange point of the Sun-Earth-
Moon system (~1:5million km from Earth) a few weeks later (Gaia Collaboration et al., 2016a).
From there it measures the positions, parallaxes, and proper motions for more than 1.8 billion stars
with unprecedented precision. It is capable of observing objects down to a limiting magnitude
of about 20.7 and reaches astrometric precisions in themas regime. Furthermore, it provides
photometry across the G (generic), BP (blue), and RP (red) passbands and is even able to do low
resolution spectroscopy for many objects. It continuously scans the full sky to gain uniform data.
The longer it observes the more precise the data for each object becomes and the more objects
are in total observed. Therefore, each data release (DR) supersedes the former ones. Originally,
Gaia was planned to stay operational for �ve years, until 2019, but then it was still working so
immaculate that it entered the extended mode until 2025. Unfortunately, now it is no longer

1 The parallax anglev is the annual angle a nearby astronomical object subtends with respect to distant background
sources due to Earth's motion around the Sun. It is directly related to the distanced to the object: ”d = 1=v “.
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recording data and with its last remaining fuel it left its site of operation to keep the space free for
future missions.

The major milestones ofGaia are its consecutive data releases: DR1 was released in 2016 and
provided �rst astrometry and photometry for about 1 billion sources (Gaia Collaboration et al.,
2016b; Fabricius et al., 2016; Lindegren et al., 2016). In DR2 (2018) about 1.7 billion objects
are included with improved parallaxes and proper motions compared to DR1 (Gaia Collaboration
et al., 2018; Arenou et al., 2018). In 2020, astrometric data with unprecedented precision for more
than 1.8 billion objects was released as part of an early data release (eDR3; Gaia Collaboration
et al., 2021; Fabricius et al., 2021). The most recent data release that complements the astrometric
data fromGaia eDR3 is full DR3 and was published in 2022 (Gaia Collaboration et al., 2023a;
Babusiaux et al., 2023). However, the amount of recorded data byGaiabefore its retirement will
be suf�cient to provide us with two more releases. After all the data reduction and processing,
DR4 is expected to be published in the near future, while at some point in the next years DR5 will
complete the mission with a full data set.

This work makes extensive use of positions, parallaxes, and photometry fromGaia DR3.
Precise coordinates are crucial to identify stars and query data from various catalogs and data
bases. Parallaxes are, of course, used to determine distances to the observed objects. These
distances are of central importance, e.g. to see how interstellar properties vary with distance to the
background sources (Section 5.4) or to calculate stellar parameters that depend on the distance
(Subsection 3.4.2). The photometry is mainly used to model stellar spectral energy distributions
(SEDs) as explained in Section 3.4.

2.2 Spectroscopic Surveys and Spectrographs

As central part of this analysis spectra of hot subdwarf stars are investigated in order to derive
information about the interstellar medium from interstellar absorption lines present in those spectra.
They are not just taken from one prede�ned source, but collected manually from various surveys
and databases. While the majority are low resolution spectra from large spectroscopic all-sky
surveys, also a smaller number of higher resolution spectra is publicly available. The different
surveys and spectrographs from which the spectra originate are brie�y presented in the following.

2.2.1 SDSS

The Sloan Digital Sky Survey (SDSS) was planned in the 1980s-1990s to move from photographic
plates to large scale and homogeneous digital sky surveys and of�cially started operations in
2000 (Szalay, 1999; York et al., 2000). It aims to create a multi-color, three-dimensional map of
the nearby universe in order to constrain the models of cosmology and of galaxy formation and
evolution (Loveday, 2002). To this end, it photometrically and spectroscopically observed several
million celestial objects like galaxies and quasars, but also stars, down to a limiting magnitude of
about 23. With that, it became a paradigm for open, public survey data in astronomy.

SDSS makes use of the dedicated 2.5 m wide-�eld Sloan Telescope at the Apache Point
Observatory in New Mexico, USA. With a �eld of view of about 7 square degrees per exposure and
a �ber-fed spectrograph with more than 1000 �bers, it scans about one half of the whole Northern
sky. The recorded spectra have a spectral resolving power of aboutR� 2;000and cover a spectral
range from 3,600 Å to 10,000 Å (Smee et al., 2013).

The SDSS survey is conducted in multiple successive phases. From SDSS-I to SDSS-IV (2000-
2020) the scienti�c goals as well as the instrumentation got permanently updated and extended.
The SDSS-V phase (since 2020) also adopts Southern observatories to broaden the sky coverage
(Kollmeier et al., 2017), but this extension is still ongoing. The SDSS survey regularly publishes
public data releases. This work makes use of spectra from the �rst data release of SDSS-V.
Including all releases from the previous phases, it represents in total DR18 of the overall SDSS
survey (Almeida et al., 2023).
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2.2.2 LAMOST

The Large Sky Area Multi-Object Fiber Spectroscopic Telescope (LAMOST), also called the Guo
Shoujing Telescope, is used to carry out a spectroscopic survey with the same name (Cui et al.,
2012; Zhao et al., 2012). It was developed by the Chinese Academy of Sciences and is operational
since 2012. Its motivation is to complement other astrometric and photometric surveys likeGaia
or SDSS with massive spectroscopic follow-up. To this end, it recorded millions of spectra yet for
various kinds of objects, but mainly stars.

The telescope is located at the Xinglong Station in the Hebei Province, China, has an effective
aperture of about 4 m, and a �eld of view of5� in diameter. With a limiting magnitude of about 19
it is not capable of observing as faint objects as SDSS, but with 4,000 �bers feeding in total 16
spectrographs it can record spectra for a lot of objects at once. With more than 10 million recorded
spectra it was the world's largest spectroscopic database. LAMOST offers two distinct modes: The
low resolution (LRS) mode withR� 1;800and a spectral coverage of 3,700-9,000 Å, which is
used for the vast majority of recorded objects, and a medium/high resolution (MRS) mode with
R � 7;500or higher and a shorter coverage (two arms with 4,950-5,350 Å and 6,300-6,800 Å,
respectively) for more dedicated programs. Due to its operation site it is restricted to the Northern
hemisphere.

Just like SDSS, LAMOST follows an open data policy with staged public releases. This work
makes use of spectra from the most recent tenth data release (DR10) of LAMOST LRS. The MRS
spectra do not cover the spectral range of the considered interstellar absorption lines.

2.2.3 DESI

The Dark Energy Spectroscopic Instrument (DESI) is a next-generation spectroscopic survey
carried out with the 4 m Mayall Telescope at Kitt Peak National Observatory, Arizona, USA (DESI
Collaboration et al., 2016a). Its main aims are to measure the expansion of the universe, probe dark
energy, and to map the 3D distribution of galaxies and quasars with high precision. The survey is
operational since 2021 and is planned for a total duration of �ve years. Due to its operation site
it observes the Northern hemisphere and the target classes are mainly galaxies and quasars, but
additionally also Milky Way stars are observed. The expected yield in the end are about 40 million
spectra, which would make it the largest spectroscopic survey ever undertaken, even outnumbering
LAMOST.

The telescope has a3:2� �eld of view in diameter and 5,000 �bers feed the in total 10 spec-
trographs. The spectra have aboutR� 3;000in the optical and a wavelength coverage of 3,600-
9,800 Å (DESI Collaboration et al., 2016b).

Apart from an early data release in 2023 (DESI Collaboration et al., 2024), the �rst full data set
(DR1) was published recently this year (DESI Collaboration et al., 2025). It comprises about 18.7
million objects, of which about 4 million are stars. Serendipitously, the release took place before
the �nishing of this work. Therefore, DESI spectra from DR1 could be included in the investigated
sample.

2.2.4 FEROS

The Fiber-fed Extended Range Optical Spectrograph (FEROS) was developed in the mid-1990s. It
had �rst light in 1998 on the European Southern Observatory (ESO) 1.52 m telescope at the La
Silla Observatory in Chile and was moved to the ESO 2.2 m telescope at La Silla in 2002, where it
still operates. The motivation for FEROS' development was high resolution optical spectroscopy,
in order to enable precise stellar radial velocity, atmospheric parameter, and chemical abundance
measurements as well as the search for exoplanets in the Southern hemisphere.

FEROS is a �ber-fed echelle spectrograph with a spectral resolving power ofR� 48;000and a
spectral range of 3,700-8,600 Å (Kaufer & Pasquini, 1998). It contains only two �bers, one for
the science target and one for calibration purposes, e.g. wavelength calibration or sky background
subtraction. Hence, it is not capable of recording spectra for multiple objects at the same time.

29



CHAPTER 2. SURVEYS AND INSTRUMENTS

Unlike SDSS, LAMOST, or DESI, it is not part of a large all-sky survey, but the observing mode is
given by principal investigator (PI) driven proposals. However, after a standard proprietary period
the science ready spectra become publicly available in the ESO archive (Retzlaff et al., 2016;
Mascetti et al., 2024), which also contains lots of spectroscopic data for hot subdwarf stars.

2.2.5 SPY/UVES

The Supernovae type Ia Progenitor surveY (SPY) was a spectroscopic survey dedicated to search
for possible supernova type Ia progenitor systems, i.e. white dwarfs in close binary systems, by
utilizing the Ultraviolet and Visual Echelle Spectrograph (UVES).

The UVES Spectrograph

UVES is installed on ESO's 8.2 m Unit Telescope 2 (Kueyen) as part of the Very Large Telescope
(VLT) at the Paranal Observatory in Chile. It had �rst light in 1999 and is still one of the VLT's
most heavily used high resolution instruments. It provides high resolution spectroscopy for a
broad range of astrophysical conditions like the observations of stars or extragalactic objects in the
Southern hemisphere.

It is an echelle spectrograph with con�gurable resolution ofR� 40;000� 115;000depending
on the chosen setup (Dekker et al., 2000). The wavelength range is typically 3,200-10,500 Å, but
is also adjustable. Similar to FEROS, the observing mode is given by PI driven proposals and after
some time, the recorded and science ready spectra are publicly available in the ESO archive.

The SPY Survey

The SPY survey was conducted with the UVES spectrograph in the early 2000s (Napiwotzki et al.,
2001, 2020). The targets were about 1,000 white dwarfs and each object was observed at least
twice in different nights in order to detect radial velocity shifts indicative of a close binary system
(Napiwotzki et al., 2005). The optimal settings of UVES for this survey lead to a spectral resolution
of R� 18;500� 20;000, which is below the usual values for the spectrograph. Main reason for
this setup was that white dwarfs are intrinsically faint objects and need a long exposure time, when
observing them with high spectral resolution. Therefore, the settings were optimized for survey
speed rather than resolution (Napiwotzki et al., 2003).

However, the SPY sample is contaminated with other objects than white dwarfs, like hot
subdwarf stars, due to their photometric similarities. Lisker et al. (2005) identi�ed the subdwarf B
stars among the SPY sample, while Stroeer et al. (2007) identi�ed the subdwarf O ones. All their
spectra are available in the ESO archive and used in this work.

2.2.6 X-Shooter

X-Shooter is a medium resolution echelle spectrograph (D'Odorico et al., 2006). Like UVES,
it is installed on ESO's 8.2 m Unit Telescope 2 (Kueyen) as part of the Very Large Telescope
(VLT) at the Paranal Observatory in Chile. It had �rst light in 2009 and can be considered as
second-generation VLT instrument. Its motivation was to provide simultaneous spectroscopy from
the ultraviolet (UV) to the near-infrared (NIR) in one shot (Kaper et al., 2009). Similar to FEROS
and UVES, it supports a broad range of astronomical science cases.

X-Shooter consists of three arms: An UVB arm (UV/blue, 3,000-5.600 Å), a VIS arm (optical,
5,600–10,200 Å), and a NIR arm (near-infrared, 10,200–24,800 Å). The spectral resolution varies
depending on the arm and the chosen settings. In general, it isR� 4;000� 17;000(Vernet et al.,
2011) with aboutR� 9;800in the optical. The spectrograph is primarily designed for a high light
throughput and ef�ciency to maximize the photon collection. Thus, it works more critically for
faint targets, but often reaches high signal to noise ratios for brighter ones.

Just like FEROS and UVES, X-Shooter is operated on a PI proposal basis and the science ready
spectra are publicly available in the ESO archive after a certain time. This includes a little number
of spectra for hot subdwarf stars, which are included in the collected sample.
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2.3 Overview of the Collected Sample

In order to query data from the databases of the large spectroscopic surveys and the ESO archive,
an input list of targets is needed. For this purpose, the comprehensive catalog of hot subdwarf
candidates by Culpan et al. (2022) is used. It contains 61,585 stars that were selected mainly based
on color and magnitude criteria fromGaiaeDR3.

This catalog was crossmatched with all databases, resulting into in total 17,467 spectra. From
Table 2.1 it can be seen that the majority comes from the large all-sky surveys, especially SDSS
and LAMOST. This means that most of the data are low resolution spectra with only a small
contribution from higher resolved ones. It also has to be mentioned that Table 2.1 just represent the
raw number of spectra, but many objects were observed multiple times. The number of unique stars
is actually smaller and later on the individual results for each source are averaged (see Section 4.1).

In Figure 2.1 the quality of the spectra in terms of signal to noise ratio (SNR) is shown. In the
overall distribution (left panel) it can be seen that the SNR drops off exponentially towards higher
values. Most of the spectra are rather noisy with SNRs below 25. The peak at 200 comes from an
over�ow bin, which clips the distribution. Otherwise the tail would be even longer. In the right
panel the distribution is shown per survey/spectrograph in different colors. As expected, X-Shooter
spectra have on average the highest SNR with a mean value close to 100. All others peak well
below 50. While SDSS, LAMOST, and FEROS all at least show a tail towards better SNR, DESI
and SPY/UVES have on average the lowest quality. This is, however, no performance indicator
for the used instruments, but rather a consequence of the properties of the observed objects. Both
surveys are dedicated to record spectra of faint objects. Therefore, often long exposure times are
needed, which naturally increases the noise in many cases. The SNR will later on play a crucial
role whether interstellar lines are measurable in the spectra, in particular for low resolution spectra
(see Section 4.3). Strict quality criteria are applied, which further reduces the number of objects of
the investigated sample. Moreover, the sample is slightly contaminated with sources, which are
apparently no hot subdwarf stars and need to be removed. The processes of cleaning the sample
and averaging the results for multiply observed objects are discussed in Section 4.1 and Chapter 5.

One major goal of this thesis is to investigate the properties of the interstellar medium across
the nearby Galaxy, especially at high Galactic latitudes, and at best to create interstellar gas and
dust maps. To this end a good coverage of the sky by the background light bulbs is desired. In
Figure 2.2 the distribution of the collected sample of hot subdwarf stars is shown in equatorial
coordinates. The footprints of the large all sky surveys2, which mostly cover only the Northern
hemisphere, are clearly visible. Furthermore, they leave out a band ranging from the equatorial
plane at a right ascension of about75� towards the North pole and back to the equatorial plane
at about285� . This band corresponds to the Galactic disk, which is crowded with an extremely
high number of young and bright stars. Due to these crowded �elds with lots of blended objects
and because the surveys are in general dedicated to observe fainter objects, this band is mostly
excluded. Moreover, only a few stars are observed near the North celestial pole. This is most likely
an observational limitation, because the pole region lies at high declinations for the considered
telescopes and to point exactly overhead towards the zenith is mechanically dif�cult for all the
heavy instrumentation. On the other hand, the Southern hemisphere is only covered very sparsely
by FEROS, SPY/UVES, and X-Shooter observations. However, this underlines the importance
of this rather small number of higher resolution spectra. They do not only provide much more
spectral information than the low resolution ones, but are also solely responsible for covering at
least some parts of the Southern hemisphere.

While equatorial coordinates are best suited for the orientation on Earth, Galactic coordinates
are commonly used to represent the orientation within the Milky Way. Therefore, Figure 2.3
shows how Figure 2.2 is translated into the distribution of the sample in Galactic longitudel and
Galactic latitudeb. Here, the Galactic disk corresponds to the plane of zero latitude, which is
mostly left empty as expected. Another two regions are covered very poorly: One is centered at
(l ;b) � (120� ;30� ) and corresponds to the celestial North pole region, while large parts of the

2 Even though they cover at most half the sky, they are still called ”all sky“ surveys.
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Table 2.1: Raw number of queried spectraNspectrafor each survey/spectrograph and in total. Many
stars were observed multiple times, hence the number of unique objects is actually smaller.

SDSS LAMOST DESI FEROS SPY/UVES X-ShooterIn total

Nspectra 4,972 10,131 981 961 278 144 17,467

Figure 2.1: Signal to noise ratio (SNR) distribution for the collected sample of spectra. The left
panel shows the overall distribution, while the right panel distinguishes between the different
surveys/spectrographs in different colors. Each histogram contains

p
N equally wide bins in the

considered range, whereN is the number of data points. This is adopted for all other distributions
of this kind in this work.

Eastern side are empty, corresponding to Earth' Southern hemisphere. The rest of the sky is fairly
well covered by background sources.

Figure 2.4 shows the Galactic latitude distribution of the sample. The dip atb = 0� correspond-
ing to the Galactic disk is nicely visible and con�rms that this study mainly examines the properties
of the interstellar medium towards higher Galactic latitudes. However, Figure 2.4 also shows an
imbalance between the number of background sources on the Northern and Southern Galactic
hemisphere. Unfortunately, this will introduce a little observational bias later on. If this is the case,
it is mentioned at the respective point of this work.

Overall, it can be said that despite the rather exotic nature of hot subdwarf stars, a large sample
of them has been collected to act as background light bulbs to shine through the interstellar medium.
But even though a complete coverage of the sky is desired, this is essentially only the case for Earth'
Northern hemisphere. The contribution from future large spectroscopic surveys, like SDSS-V
(Kollmeier et al., 2017) or 4MOST (de Jong et al., 2014, 2022), is needed to reduce this issue.
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