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Abstract

The interstellar medium (ISM) plays a central role for the evolution of galaxies, in particular for
that of our home galaxy, the Milky Way. While its structure and distribution is well studied within
the Galactic disk and the solar neighborhood, its properties at high Galactic latitudes and within
the halo are poorly constrained. A reason for that is the lack of bright, distant background sources.
This thesis presents hot subdwarf stars as excellent light bulbs to shine through the ISM, especially
at high Galactic latitudes. These stars represent late stages of stellar evolution and are formed
in binary interaction, for example in common envelope evolution or merger events. They are
observable out to large distances of several kpc and due to their high temperatures, they do not
intrinsically show the same absorption lines as the ISM in their spectra. This makes them to ideal
background sources. Therefore, the main aim of this work is to probe the interstellar medium,
preferentially at high Galactic latitudes, by using the light of such hot subdwarf stars. The second
aim concerns the properties of the hot subdwarfs themselves. Residual common envelope material
or merger debris is expected to remain bound around hot subdwarfs after their formation. It might
be detectable as circumstellar material (CSM) the same way as the ISM. Hence, in addition this
work investigates the potential presence of CSM around hot subdwarfs, which would provide
insights into their formation channels.

The main constituents of the ISM are interstellar gas and dust. Interstellar gas can be probed
by absorption of starlight visible in their spectra. In the optical, the most prominent absorption
features are the Call H&K as well as Nal D1&D?2 resonance lines. In the spectra of cooler stars
these absorption lines are strong and separating the ISM components from the photospheric blends
might be difficult. An advantage of hot subdwarf stars are their high effective temperatures of
Teee > 20,000 K. Calcium and sodium are ionized to higher ionization stages such that the Call
H&K as well as Nal D1&D?2 lines do not intrinsically appear. This facilitates the distinction
between the photospheric and interstellar component. The strengths of the interstellar lines
represent a proxy for the amount of interstellar gas along the line of sight. On the other hand,
interstellar dust affects the starlight by extinction and reddening. By modeling stellar spectral
energy distributions (SEDs) the reddening can be quantified as proxy for the amount of interstellar
dust along the line of sight.

In this thesis, a comprehensive dataset of initially approximately 17,500 optical spectra was
collected from large-scale low resolution surveys (LAMOST, R ~ 1,800; SDSS, R ~ 2,000;
DESI, R ~ 3,000) and archival higher resolution observations (X-Shooter, R ~ 9,800; SPY/UVES,
R ~20,000; FEROS, R ~ 48,000). By applying quality criteria the sample reduced to 6,400 spectra
for about 3,500 unique objects. Due to the footprints of the large all-sky surveys, predominantly
the Northern sky is covered by sight lines, mostly excluding the Galactic disk.

To carry out quantitative spectral analyses, a set of stellar Python scripts was newly developed.
Spectral fits are necessary to use the photospheric spectrum as continuum for the ISM, which
resolves possible blends. Furthermore, it includes the reading and processing of various kinds
of spectra, an interpolation routine to linearly interpolate within model grids, and a script for
the comprehensive analysis of interstellar absorption lines. The ISM line analysis comprises the
determination of equivalent widths, column densities from Voigt profile fits, and radial velocities.
The methods were tested on simulated data in order to quantify the effect of low spectral resolution
and noise on the measured parameters. This lead to strict quality cuts on the real data and an
adopted generic systematic uncertainty on derived column densities of Alog Ngys = 0.5.

As complementary part to the spectral analyses, the derived atmospheric parameters from the
spectral fits are taken to model stellar SEDs. By including the reddening law of the Milky Way in
the SED fitting routine, the amount of reddening from interstellar dust along the line of sight can
be quantified. Of particular importance are well constrained effective temperatures due to a strong
correlation between temperature and derived reddening. Moreover, if additionally Gaia parallaxes
are provided for the stars, the SEDs allow to constrain the stellar parameters like mass, radius, and
luminosity.



Therefore, as valuable side-effect the analyses of this work yield atmospheric and stellar
parameters for all of the background sources. These parameters were checked for consistency and
provide a huge dataset for the study of hot subdwarf stars themselves. However, this is not the
purpose of this work and is therefore left as an outlook.

The investigation of the interstellar medium revealed several meaningful findings. On aver-
age the calcium and sodium column densities are log Ncay = 12.7J_’8:g and log Nna1 = 12.41’8:2,
respectively, while the average reddening is £(44 — 55) = ().OSJ_rgjg?1 mag. The confidence inter-
vals rather represent the dispersion within the ISM than uncertainties. The average calcium to
sodium column density ratio of Ncai1/Nnar ~ 0.4 indicates that in the covered volume of about
4 kpc around the Sun predominantly warm (partially) ionized medium with temperatures between
about 2,500-13,000 K is present. This includes parts of the Galactic halo. Furthermore, compiled
two dimensional interstellar gas and dust maps indicate that NaI and dust is much more closely
confined to the Galactic disk than Call, which extends more uniformly up to higher Galactic
latitudes. The precises parallaxes of the background sources provided by the Gaia mission allow
to probe the ISM as a function of distance as well. The variations of the interstellar parameters
with distance, direction, and height from the Galactic plane are consistent with the results from the
sky maps. Finally, the connection between interstellar gas and dust, which are expected to coexist
in interstellar clouds, was analyzed in the form of gas to dust ratios. Based on former attempts, a
linear relation was fitted between the logarithm of reddening parameters and interstellar absorption
line equivalent widths. This general relation can be, for instance, used to guess the expected
reddening along certain sight lines, if no other reddening estimate is available. Moreover, the
measured gas to dust ratios suggest that Nal is more closely connected with interstellar dust than
Call. NaI and dust represent a major constituent of cold neutral medium, while Call represents
one of warm (partially) ionized medium.

The second, equally important aim of this thesis is to search for CSM around hot subdwarf
stars. The test runs of the scripts on simulated data have shown that measurements from low
resolution spectra suffer from large uncertainties. For example, the radial velocities of the ISM
lines are highly unconstrained with uncertainties of about Av,q 1sm ~ 30 km s~1. Still, a recent
study claims the detection of ubiquitous circumstellar material around 145 hot subdwarfs based
on low resolution LAMOST spectroscopy. Similar methods have been used for their detections
as in this work and the analyzed spectra are also part of this sample. Therefore, the study was
revisited and the results of both analyses were compared. It became apparent that many sources of
uncertainty were formerly neglected. A more careful treatment reduced the sample to 49 candidates.
However, they can still not be claimed as detection and high resolution follow-up is required to
confirm or falsify them.

A dedicated search for CSM candidates based on 918 higher resolution spectra for 170 unique
objects identified three promising candidates due to the appearance of Call H&K lines in their
spectra, for which an interstellar or photospheric origin can be most likely excluded: The two
helium-poor subdwarf B stars HD 205805 and EC 03591-3232 as well as the intermediate helium-
rich OB subdwarf UVO 0825+15. All of them exhibit weak Call lines exactly at the radial velocity
of the stars. Nal lines are completely absent, which is expected for material close to hot stars,
where sodium is probably ionized. Assuming CSM, the measured calcium column densities of
log Ncanr < 12 indicate rather thin and diffuse material. The spectra of all candidates show many
metal lines, which could indicate their recent formation. Despite possibly formed via merger
events, they do not rotate. But the mostly slow rotation rates of hot subdwarfs are a puzzle for
their formation scenarios in general. The atmospheric and stellar parameters of the candidates
show no peculiarities. However, it is known that EC 03591-3232 shows a *He isotope anomaly
and UVO 0825+15 is enriched with heavy elements and pulsates. In diagnostic diagrams, like
the Kiel or Hertzsprung-Russell diagram, they are located on the extreme horizontal branch (HD
205805 and EC 03591-3232) or on the helium main sequence (UVO 0825+15). Final confirmation
of the presence of CSM will require follow-up by even higher resolution spectroscopy, ultraviolet
observations, or radio studies of neutral hydrogen.

In conclusion, this thesis provides insights into the properties and structure of the ISM up to



high Galactic latitudes. Future spectroscopic surveys will help to increase the coverage of sight
lines on the sky. Furthermore, the search for circumstellar material from low resolution spectra
failed to detect any evidence. Previous claims for detections around hot subdwarfs from LAMOST
data are shown to be spurious. It is demonstrated that high resolution spectroscopy is a necessity
for CSM detection and three candidates were found among 170 stars observed with high resolution
spectrographs. Follow-up observations are required to confirm them.
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Chapter 1

Introduction and Theoretical Background

1.1 Hot Subdwarfs as Light Bulbs to Trace the Interstellar Medium

All direct information we receive about the universe and its ingredients, like stars and galaxies,
reach us in the form of messengers that traveled long distances until they arrive at the solar system
and are recorded by us. Such messengers can be of various kind, for example small particles
like protons, ions, electrons, neutrinos, etc. or electromagnetic radiation, i.e. light. In the optical
wavelength regime, most of this light is emitted by stars, which we can observe in a clear night
even with the naked eye. However, also the space between the stars is not empty. It is filled with
the so-called interstellar medium (ISM), which primarily consists of gas and dust. These gas and
dust particles are able to scatter and absorb light as it passes through. Therefore, they play a crucial
role for many astronomical observations as they often heavily affect starlight before it reaches
us as observer. But by no means the ISM is just an annoying factor disturbing our observations.
Actually, it is arguably the most important component of galaxies, because it it responsible for the
formation of stars that are the dominant sources of energy. As stars evolve, they expel material
back into the ISM, for instance by stellar winds or supernova explosions. From this material a new
generation of stars can be formed. This is called the cosmic cycle of matter. Therefore, the ISM is
usually one of the major constituents of a galaxy, in particular of our home galaxy, the Milky Way,
and determines the structure and evolution of the galaxy. Overall, it is thus desirable to understand
the properties and the distribution of the ISM in great detail, not only to correct observations for
interstellar absorption and extinction, but also to gain insights into the history and evolution of the
Galaxy.

In the recent decades a lot of effort has been put into the compilation of precise maps tracing
the ISM. For example, radio observations allow to map the distribution of hydrogen in the Galaxy
(e.g., Kalberla & Kerp, 2009), infrared observations provide us with the distribution of dust (e.g.,
Schlegel et al., 1998; Schlafly & Finkbeiner, 2011; Green et al., 2019), CO observations with that
of molecular gas (e.g., Dame et al., 2001), diffuse interstellar bands with that of (yet unknown)
large molecules (Lan et al., 2014; Baron et al., 2015; Zasowski et al., 2015), and interstellar
absorption with that of atomic gas apart from hydrogen' (e.g., Murga et al., 2015). An example
dust map is shown in Figure 1.1. The most prominent feature is the Galactic disk at low Galactic
latitudes, where most of the interstellar dust is concentrated. In contrast, almost no dust is found at
higher Galactic latitudes. However, from radio observations of neutral hydrogen (Figure 1.2), we
know that also the space between stars in the Galactic halo is not entirely empty. Still, it is poorly
mapped and analyzed. A reason for that is the low number of available background sources in the
Galactic halo that can act as light bulbs to shine through the ISM. By now, no active star formation
is going on in the halo anymore and hence, all young and bright stars that burn their fuel rapidly
have already ended their lives. On the other hand, older and fainter stars, which might still exist in
the halo, can not be observed out to such great distances.

Here, the population of hot subdwarf stars comes into play. These hot (T¢g > 20,000 K) but

Surprisingly, even though metals are a fundamental component of the ISM, their distribution in the ISM is still poorly
mapped. The gas maps of Murga et al. (2015) also cover only parts of the sky.



CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

Figure 1.1: Example dust map in Galactic coordinates taken from Anders et al. (2022). It clearly
shows that most of the interstellar dust is closely confined to the Galactic disk at low Galactic
latitudes. Almost no features are visible towards higher Galactic latitudes.

Complex WA  ComplexM  Complex C
Leading Arm

Magellanic Stream

Figure 1.2: Map of neutral hydrogen derived from radio observations by Richter et al. (2017).
Also higher Galactic latitudes are covered. However, due to a lack of distance estimates to the
clouds, not all of them are necessarily of Galactic origin. While for example the complexes A, C,
and M are associated with the Milky Way halo at an approximate distance of 5 kpc, the Magellanic
stream is about 50 kpc away from us. For more details see Richter et al. (2017).



1.2. THE INTERSTELLAR MEDIUM

subluminous objects are typically less massive and smaller than the Sun. Their formation is not yet
fully understood, but most likely includes close binary interaction, since they are not predicted
by single star evolution. They are core helium burning stars on the extreme end of the horizontal
branch, but due to their low masses they are less wasteful with their fuel compared to their main
sequence counterparts of spectral types O and B. Therefore, they are still existent in the Galactic
halo and are bright enough to be observed out to high distances of several kpc. Since the scale
height of the Galactic disk is only a few hundred pc (Irrgang et al., 2013), these distances are
sufficient to place high Galactic latitude objects in the halo. Thus, hot subdwarfs can be ideally
utilized to act as light bulbs for the investigation of the ISM at high Galactic latitudes. Interstellar
absorption and extinction, which usually hinders stellar observations, can be measured to quantify
the amount of intervening interstellar material. This is one aim of this work.

To this end, the spectra of many hot subdwarf stars are analyzed. Apart from spectral lines
originating from their atmosphere, they often show interstellar absorption lines as well, whose
properties serve as proxy for the amount of intervening interstellar gas. Another advantage of the
stars are their high temperatures. The same elements within the ISM that cause the absorption
are also often present in stellar atmospheres, but at high temperatures ionized to higher ionization
stages. Hence, hot subdwarf stars do not intrinsically contribute with those lines in their spectra
unlike cooler stars and generally show mostly hydrogen and helium lines. This facilitates the
identification of the interstellar absorption lines and the distinction from stellar photospheric lines.

As complementary analysis the spectral energy distributions (SEDs) of the stars can be modeled
with the help of photometric data. This gives conclusion about interstellar extinction caused by
dust particles in the ISM and quantifies the amount of intervening interstellar dust. With the results
of both analyses, the properties of interstellar gas and dust can be traced and investigated for a
large volume within the Milky Way.

A major side-effect of analyzing the spectra and modeling the SEDs of the hot subdwarf stars
is that a lot of parameters and properties of the background sources themselves are measured.
Their formation is thought to include stages of binary interaction and mass transfer. Some
formation channels predict matter ejected from the system that might persist gravitationally
bound as circumstellar material. After ejection and expansion it is expected to mimic interstellar
conditions and to cause the same absorption lines as the ISM. Therefore, as second, equally
important aim of this thesis it is explicitly searched for such material using the same methods as
before. Together with the measured atmospheric and stellar parameters, detections could shed light
on the formation history of the respective objects.

The following sections provide a brief introduction to the involved topics in this work. First,
general properties of the ISM as well as its effects on starlight as it passes through are discussed
in Section 1.2. Then in Section 1.3, hot subdwarf stars are introduced including their formation
scenarios and observational properties. Finally, in Section 1.4 the functionality of spectrographs,
with which stellar spectra are recorded, is outlined and the necessary theoretical background about
spectroscopy, e.g. the formation and shape of spectral lines, is summarized. Section 1.5 briefly
outlines the analyses carried out as part of this thesis.

1.2 The Interstellar Medium

This section provides an overview about the interstellar medium (ISM), in particular about in-
terstellar gas and dust as well as how it is affecting our observations of starlight. If not stated
otherwise, it follows standard literature about the ISM and astrophysics in general, like Draine
(2011) or Carroll & Ostlie (2017).

1.2.1 Constituents and Characteristic Phases

Up to 10% of the baryonic matter in the Milky Way is found in the ISM. However, not only the
baryonic matter (atoms, ions, molecules, etc.) is subject to the ISM, but literally everything in the
Galaxy that is between the stars. This includes the following constituents:

3
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* Interstellar gas: Atoms, ions, and molecules in the gas phase with (mostly) thermal velocity
distributions (Equation 1.13).

* Interstellar dust: Small solid particles often coexisting and mixed with the gas in interstellar
clouds.

* Cosmic rays: Charged particles like protons, electrons, ion, pions, etc. with non-thermal
and often extremely relativistic kinetic energies.

* Electromagnetic radiation: Photons from various sources. This includes, for example,
the cosmic microwave background (CMB), gamma rays, bremsstrahlung?, synchrotron
radiation®, (thermal) emission from interstellar gas and dust heated by starlight, and in
principle also starlight itself.

» Magnetic fields: Interstellar magnetic fields result from electric currents in the ISM. They
are, for instance, responsible for deflecting charged particles like that of cosmic rays.

* The gravitational field: All matter in the Milky Way like that in stars, stellar remnants, dark
matter, and also in the ISM, causes gravitation. Some interstellar clouds even collapse under
their own gravitation, which leads to the formation of stars.

* Dark matter: Dark matter seems to be existent in most galaxies, is apparent due to its
gravitational influence, and often even dominates the total mass of a galaxy. However, its
nature is still unclear.

This work exclusively focuses on the distribution and properties of the interstellar gas and dust
component. It is found in a wide range of different temperatures and densities. In principle, all
conditions in that range can be found somewhere in the Milky Way, but it is observed that several
distinct characteristic phases are more common than others. Some of these phases are:

* Dark clouds: Dark clouds consist of dense* molecular gas as well as dust. They typically
have extremely low temperatures of 7 ~ 10 — 50 K and high hydrogen densities of ny ~
103 — 10% cm™3. They are called “dark* due to their high extinction of optical light. Dark
clouds are often self-gravitating, collapsing, and forming stars. They can be observed via
molecular CO emission or dust emission in the far infrared.

* Cold neutral medium: Cold neutral medium predominantly consists of atomic gas as
well as dust. Temperatures and densities are typically up to T ~ 100K and ny ~ 30cm ™,
respectively. It makes up about 1% of the volume of the nearby ISM and can be observed via
the hyper fine structure 21 cm line of neutral hydrogen or absorption of light in the optical

and ultraviolet (UV).

* Warm neutral (or partially ionized) medium: Warm neutral (or sometimes partially
ionized) medium predominantly consists of atomic gas (or ionized gas in low ionization
stages) with temperatures of 7 ~ 2,000 — 15,000 K and densities of ng ~ 0.5 cm™3. This
diffuse material fills a large fraction of the local volume of the Galactic disk (up to 40%)
and can be observed the same way as cold neutral medium.

* Hot ionized medium: The most extreme temperatures shows shock-heated hot ionized
medium with T ~ 10° K that was, e.g., hit by the blast waves from near supernova explo-
sions. The densities are ny ~ 0.004 cm™> and the particles are highly ionized. It makes up
approximately half of the volume of the Galactic disk and cools very slowly. Sometimes it
is also called coronal gas, because of its similarity to the solar corona. It can be observed via
UV and X-ray emission as well as radio synchrotron emission.

2 Emission by decelerated charged particles, e.g. in matter.
3 Emission by accelerated charged particles, e.g. due to magnetic fields.
4 "Dense* in the context of ISM would still qualify it for ultrahigh vacuum on Earth.

4
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1.2.2 Absorption by Interstellar Gas

Primordial gas from the time directly after the Big Bang primarily consisted of hydrogen (H)
and helium (He). From this material the first stars and galaxies have formed, while the original
interstellar medium was still of primordial composition. Then, mainly due to nuclear fusion in the
cores of stars, heavier elements (generically called “metals* in astrophysics) have formed. At the
end of their lives, stars expel parts of their material, which also contains these heavier elements,
back into the ISM, from what in turn new stars are formed. Each generation of stars produces more
metals. This cosmic cycle of matter successively enriches the interstellar medium with heavier
elements (atomic number Z > 3), which either exist as atomic/ionized gas or form molecules or
dust grains. Today, H and He still account for most of the ISM and metals make up only about
1% of the total mass. Nevertheless, these metals often determine the conditions in the ISM like
chemistry, ionization state, and temperature. Furthermore, the interaction with light by these metals
provides the most valuable way of investigating the structure and properties of the ISM.

For example, gas particles are able to absorb photons. Their electrons occupy different energy
states. Now, if the energy of a photon exactly matches the energy difference between two states
of an electron, it might absorb this photon and jump into the higher (excited) level. The photon
disappears, resulting into less flux at the wavelength corresponding to the transition. If many
absorbers are available to remove photons at this wavelength from a beam of light, a spectral
absorption line is formed in the spectrum. A prominent example are the hydrogen Balmer lines
in the optical, often present in the spectra of stars. They correspond to a transition from the first
excited state to a higher one and are caused by atomic hydrogen in stellar atmospheres pervaded by
light emitted from the interior. The interstellar medium, however, is often much cooler than stellar
atmospheres and the electrons in hydrogen rather occupy the ground state than the first excited
state. The ground state lies energetically much deeper and hence, the energy differences between
the levels are much larger and higher energetic UV photons are necessary to excite the hydrogen
atoms and to form the so-called Lyman line series®. The same is true for most of the transitions in
metals. Therefore, the vast majority of absorption lines from the ISM, especially that from neutral
hydrogen, are found in UV spectra. Unfortunately, Earth’ atmosphere blocks most of the UV light,
which does not allow for ground-based observations of such spectra and hence, the by far highest
number of stellar spectra is available for the optical wavelength regime.

In the optical, essentially only four interstellar absorption lines are found: One line doublet
from singly ionized calcium (Call) and one from neutral sodium (Nal). In the historic Fraunhofer
notation they are called the Call H&K and Nal D1&D2 lines. They were first detected in the
spectrum of the Sun, where they are among the strongest spectral lines. However, this means
they can be produced by stellar atmospheres as well, which complicates the distinction between a
possible interstellar and photospheric® origin. Fortunately, the photospheric lines disappear for
hotter O- and B-type stars as background sources, where calcium and sodium in the atmosphere
are both ionized to higher ionization stages. Since these four lines play a central role for this work,
their origin as well as the corresponding atomic properties are briefly discussed in the following
two paragraphs.

The Ca Il H&K Absorption Lines

The Call H&K lines are both resonance lines, i.e. originating from transitions between the ground
state and the first excited level. Their relevant atomic data is listed in Table 1.1, which was taken
from the NIST data base (Kramida et al., 2024). In general, the transition probability A;, quantifies
the likeliness for an electron to jump between two quantum states (lower level / and upper level
u) when interacting with light. It can be considered as the inverse of the lifetime of the state and

Spectral lines originating from transitions from the ground state to a higher one are generally called “resonance lines*.
A stellar atmosphere typically consists of the photosphere, the chromosphere, and the corona. The deepest layer is
the photosphere that can be considered as the “surface of a star from which the photon flux emerges. Since it is
not dealt with stellar chromospheres or coronae in this work, the words ”atmosphere* and “’photosphere* are used
interchangeably.
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Table 1.1: Initial and final configurations, lower (/) and upper (1) energy states, air wavelengths
(A), transition probabilities (A;,), and oscillator strengths of the Ca Il H&K as well as Nal D1&D2
spectral lines. The atomic data is taken from the NIST data base (Kramida et al., 2024).

Line ‘ Configurations l u A [A] A 103711 fu
CallK | 3p%4s—3p%4p 2S;) 21330/2 3933.663 1.470 0.682
CallH | 3p%4s—3p%p 2S;), 21310/2 3968.469 1.400 0.330
NalD2 | 2p®35—2p%3p 28 21330/2 5889.951 0.616 0.641
NaIDI1 | 2p®35—2p%3p 2S;) 21310/2 5895.924 0.614 0.320

is sometimes also called an Einstein coefficient. The oscillator strength f;, is a dimensionless
parameter, derived from that probability and representing how strongly a particular transition
couples to the radiation field. This means the higher the oscillator strength, the stronger is the
respective line on average.

The Call H&K lines are particularly strong under ISM conditions, because most of the ions
reside in the ground state. This is mainly because of the low densities in the ISM, since then
the likelihood is low that higher states are excited by collisions between the particles, which is a
common way to excite atoms or ions. Furthermore, the lines have high transition probabilities,
which leads to strong absorption even for relatively low density gas. Hence, they are an important
tool to trace interstellar gas, especially with optical data. The line doublet is located at wavelengths’
of 3933.663 A (K) and 3968.469 A (H), which places it in the blue regime of an optical spectrum,
and it corresponds to transitions from the 4s S, /2 ground state to the 4p %P excited states®. Since
the oscillator strength of the H line is much lower than that of the K line, also the spectral line is
much weaker.

Calcium is one out of a series of refractory elements that are completely depleted onto dust
grains in cold interstellar medium. At higher temperatures, where dust is more and more dissociated,
neutral calcium becomes ionized because of its low ionization potential of y =6.1eV (Cal — Call).
Therefore, Call is the dominant ionization stage of calcium in the warm interstellar medium, from
which the Ca Il H&K lines mainly arise. On the other hand, in the cold medium calcium is almost
not observable.

The Nal D1&D2 Absorption Lines

The Nal D1&D2 lines are also both resonance lines and their atomic data is listed in Table 1.1 as
well. Just like for calcium, at typical ISM conditions most of the sodium atoms reside in the ground
state, making the lines particularly strong. Even though their transition probabilities are lower than
that of the calcium lines, they are high enough to cause strong absorption. With wavelengths of
5889.951 A (D2) and 5895.924 A (D1), this line doublet is much closer to each other and located
in the redder part of an optical spectrum. It corresponds to transitions from the 3s S, /2 ground
state to the 3p 2P excited states. Again one oscillator strength is much lower than the other, such
that the D2 is in general stronger.

The depletion of sodium on dust grains is not well-determined, but there is circumstantial
evidence that it does not strongly deplete (Weingartner & Draine, 2001). Therefore, a lot of Nal
is found in the cold ISM coexisting with interstellar dust. At higher temperatures, however, it
is ionized to Nall due to its low ionization potential ¥y = 5.1eV (Nal — Nall) and no longer
observed.

Overall, the Call H&K lines are a well suited tracer for the diffuse warm neutral or partially
ionized interstellar medium, while the NaI D1&D2 lines are better suited for the dense cold neutral
interstellar medium. Together, both line doublets comprise the full picture of the cool to moderately

7 In the course of this work all wavelengths are given in air. In vacuum they would be slightly shifted.
8 For a review of the spectroscopic notation, see for example Chapter 4 of Draine (2011).

6



1.2. THE INTERSTELLAR MEDIUM

warm phases of the interstellar medium. More details on the information that can be derived from
the appearance and shape of the interstellar absorption lines is provided in Subsection 1.4.4. The
developed analysis methods are extensively discussed in Section 3.3, especially in Subsection 3.3.4.

1.2.3 Extinction and Reddening by Interstellar Dust

A complementary constituent of the ISM to interstellar gas is the interstellar dust. It consists of
small solid particles with a broad size distribution between about 0.01 — 0.2 um. In general, those
are produced by condensation in the outflows of evolved stars, in the ejecta of supernovae, and by
accretion of particles onto pre-existing cores in dense molecular clouds. The dust particles are,
for example, silicate grains (Mg, Si, O, Fe), carbonaceous grains (amorphous carbon, graphite),
hydrocarbons (e.g., polycyclic aromatic hydrocarbons called PAHs), (silicon) carbides (SiC),
metallic Fe, or mixed material grains with ice mantles (in cold, dense regions). The properties and
effects of interstellar dust are versatile and a highly topical field of current research. Some of the
many facets are:

* Heating and cooling of the ISM controlled by dust grains.

* Polarization of light by elongated dust grains aligned with Galactic magnetic fields.

* Scattering of light in reflection nebulae by dust.

* Depletion of certain elements from the interstellar gas onto dust grains.

* Formation of molecular hydrogen (H,) with dust grains as catalyst.

* The influence of dust on the chemistry of the ISM.

* Thermal emission from dust in the infrared.

* Wavelength dependent extinction (absorption plus scattering) of light by interstellar dust.

Despite the wealth of intriguing characteristics of interstellar dust, it is not in the scope of this work
to address all of them. The main topics dealt with are the two latter ones: While the extinction of
starlight is directly utilized to quantify the amount of dust in the line of sight, the thermal emission
in the infrared is only used indirectly, by comparing observations to comprehensive dust emission
maps (Schlegel et al., 1998; Schlafly & Finkbeiner, 2011; Green et al., 2019).

The extinction of starlight comprises both, absorption and scattering. While absorption affects
only certain wavelength intervals, the scattering of light by dust grains is omnipresent from the UV
to the infrared. In fact, this scattering is highly wavelength dependent and is much stronger in the
UV/blue regime than at longer wavelength. This means, if a beam of starlight passes through a
dust cloud, most of the red light is transmitted, while blue light is scattered and removed from the
line of sight. This effect is the reason why stars often appear redder than they actually are and is
called “’selective extinction‘ or simply “reddening*.

The overall wavelength dependent extinction A is measured in magnitudes (mag), just as the
brightness of stars. For example, an extinction of Agp = 0.2 mag corresponds to the dimming of a
star by 0.2 mag in the blue regime (B). In general, the extinction is defined as’

Fy
Az =25log -, (1.1)
A

where F) is the observed flux of a star and F/{) is the true flux that would have been observed
without extinction. The slope of this “extinction curve* at visible wavelengths (V) is typically
characterized by the dimensionless ratio

Ay Ay

R = =
YT Ag—Ay  EB-V)’

(1.2)

9 In general for this thesis, log always represents the logarithm to the base of 10, while In is the natural logarithm.
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where Ag and Ay are the extinctions measured in the blue and visual photometric wavelength
bands centered at about 4,400 A and 5,500 A, respectively. The parameter E(B—V) = Ap — Ay
is called the color excess or reddening parameter. Often it is just called “’the reddening*. It can
be considered as the color difference E(B—V) = (B —V )observed — (B — V )intrinsic between the
observed color of a star and its true one. The slope Ry has been measured along many sight
lines and an average value of Ry = 3.1 has been established for the Milky Way. It is commonly
considered as constant and then, the overall extinction is purely determined by the reddening
E(B—V). However, recent studies show that Ry can vary drastically depending on the observed
interstellar environment (Zhang et al., 2023; Zhang & Green, 2025). Green et al. (2025) even
claims that extinction curves contain more than one degree of freedom and that it is not sufficient
to parametrize it with the single variable Ry . Nevertheless, in the course of this work it is stick to
the conventional formalism with a constant Ry .

A slightly modified formalism, which is later on used for the reddening determination, is that
of Fitzpatrick et al. (2019). There, the average Milky Way extinction curve is given by

A(A) —A(55)

k(A =53) T A(44)—A(55)’

(1.3)

where 44 and 55 are short for 4,400 A and 5,500 A, respectively. The reddening is defined as the
monochromatic color excess E (44 — 55), which parametrizes the extinction model

A(55)

R(55) = a5 —53)

(1.4)
and again purely determines the strength of the extinction. These two equations can be combined
to the normalized extinction curve!'”

Anorm(A) = E(44 —55) - (k(A — 55) + R(55)) . (1.5)

Example extinction curves for different reddening and R(55) values are depicted in Figure 1.3.
Ry = 3.1 converts to a monochromatic value of R(55) = 3.02, which is adopted for this work. A
general procedure for converting broad band parameters to monochromatic ones and vice versa,
like E(44 —55) to E(B—V), is outlined in Appendix B of Fitzpatrick et al. (2019). However, the
deviation is in general small.

These extinction curves are included in the modeling of stellar spectral energy distributions
(SEDs) as described in Section 3.4. The effect of wavelength dependent extinction on stellar SEDs
is illustrated in Figure 1.4. It can be clearly seen that the flux at shorter wavelengths is much more
suppressed by reddening than at longer wavelength, where the true and observed SEDs converge.
This is exactly the effect, which allows for the determination of the reddening parameter as proxy
for the amount of interstellar dust in the line of sight. By applying this method to a large sample of
stars across the sky, the distribution of interstellar dust can be traced. It represents a complementary
analysis to the investigation of the interstellar absorption lines probing the interstellar gas.

10 For a more detailed view on this formalism see Fitzpatrick et al. (2019).
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Figure 1.3: Empirical fractional normalized extinction curves from Fitzpatrick et al. (2019) for
different values of R(55) in a logarithmic wavelength scale. The upper three curves are for a
reddening of E(44 —55) = 0.1 mag and the lower three curves for a reddening of E(44 —55) =
0.3 mag. The exact origin of the extinction bump at ~2,175 A in the UV is still not clarified, but
likely caused by PAHs or a mixture of molecules (Ma et al., 2020). The figure is taken from Dorsch
(2023).
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Figure 1.4: The effect of a certain reddening law (extinction curve) on a stellar SED. The extinction
curve with E(B—V) = 0.15mag is shown in red, the true SED in blue, and the SED affected by
reddening in fuchsia. The flux distribution is flattened by the factor of A3 for better visibility.
Otherwise, the slopes would be much steeper. The figure is taken from Heber et al. (2018).
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1.3 Hot Subdwarf Stars

In the previous section the properties of the interstellar medium have been discussed as well as
how it can be probed. Now it is time to have a closer look on the used background light bulbs to
shine through the ISM. Those hot subdwarf stars are unique and intriguing objects themselves.
Their formation and evolution is not yet well understood.

The formation, structure, and evolution of low-mass single stars, from the start of hydrogen
fusion to their final fate as white dwarfs, is well-studied and mostly understood. However, the
evolution of stars in close binary systems through phases of interaction and mass transfer is less
clear. Hot subdwarfs represent a population of stars that is strongly associated with being the result
of close binary interaction. Some studies even suggest that binary interaction is always required to
form these stars (Pelisoli et al., 2020). In the next section the canonical stellar evolution of single
low-mass stars is briefly described in order to understand why it can not account for the existence
of hot subdwarf stars. Subsequently, the actual formation scenarios of these stars are summarized
followed by an outline of their observational characteristics. In general, if not stated otherwise
these sections follow the comprehensive reviews of Heber (2009, 2016) and the study of Dorsch
(2023).

1.3.1 Canonical Single Low-Mass Star Evolution

The canonical stellar evolution of low-mass stars is well-studied and the results are recorded
in many publications and textbooks. For example, a standard general astrophysical textbook
including stellar evolution is Carroll & Ostlie (2017), while Clayton (1983) specifically focuses on
the principles of stellar evolution and nucleosynthesis.

During the gravitational collapse of large molecular clouds many new young stars are formed.
As soon as it becomes dense and hot enough in their cores, they begin to fuse hydrogen to helium.
This is considered as start of their lives on the so-called main sequence, where they reside the
longest time of their live, stably burning hydrogen in the core. Overall, their evolution comprises
five stages from their birth to their end, which are all depicted in the Hertzsprung-Russell diagram
(HRD) of Figure 1.5. It plots the stellar luminosity over the effective temperature. Each stage is
briefly outlined in the following:

* Main sequence: All single stars spend most of their life on the main sequence (MS), where
they burn hydrogen to helium in their core. Their masses can range from 0.07 M, up to
150 M, although the limit of the upper end is not clear. The lifetimes on the main sequence
strongly depend on the mass: While the Sun is predicted to spend about 8 Gyr on the MS, a
lower mass star with 0.8 M, would spend about 13 Gyr, and a heavy B-type star with about
10 M., only 30 Myr. Stars on the MS move little in the HRD (Figure 1.5).

* Subgiant and red giant branch: As soon as the hydrogen fuel is exhausted in the core,
nuclear fusion continues in a shell around the helium core. The star leaves the MS as
the core contracts and the envelope expands (subgiant branch). The subgiant evolution
ends when the star begins to drastically expand and to ascend the red giant branch (RGB).
For low-mass stars, the helium cores become electron-degenerate. These degenerate cores
actually contract as their masses increase by dumped ashes from the hydrogen burning shell
around it. Thus, the inner pressure, density, and temperature increases, which leads to higher
nuclear luminosities of the burning shell. The stars answer with an expanding envelope
on that higher luminosity. At some point the helium cores reach temperatures of about
108 K, which violently ignites helium fusion to heavier elements. Because the pressure of
electron-degenerate matter is independent of temperature, the cores do not immediately
expand. Thermonuclear run-away fusion heats up the core dramatically, which is called
the helium-flash. This vicious cycle is interrupted only as soon as the thermal energy is
sufficient to lift the degeneracy and the tip of the RGB is reached.

* Horizontal branch: Followed by the helium-flash, the stars contract again and reach a
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Figure 1.5: Stages of evolu-
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new equilibrium configuration. They stably burn helium in a non-degenerate core and
hydrogen in a shell around it. This branch of core helium burning stars extends towards
high temperatures at almost constant luminosity and is therefore called the horizontal branch
(HB).

¢ Asymptotic giant branch: After even the helium is exhausted in the core, helium is burned
in a shell around the carbon/oxygen (C/O) core and hydrogen in a shell around the helium
burning one. They begin to ascend the asymptotic giant branch (AGB) similarly to the RGB
before. It is called “asymptotic* because it asymptotically adapts to the RGB.

* Post-asymptotic giant branch: Unlike for the RGB, low-mass AGB stars never reach
central temperatures to ignite the core with nuclear fusion (in this case carbon burning). It
expands until the envelope is so weakly bound that radiation pressure, pulsations, and/or
strong stellar winds lead to an ejection of the envelope, which is then observed as planetary
nebula. Left behind is a hot C/O core, possibly with a thin layer of hydrogen or helium
around it, without any energy source (no nuclear fusion). This remnant contracts and cools
down entering the white dwarf cooling sequence. The way from the end of the AGB down
to the white dwarf sequence is called the post-AGB.

This canonical stellar evolution picture can not explain the existence of hot subdwarf stars, which
reside at the extreme blue end of the horizontal branch (EHB) or even beyond that on the so-called
helium main sequence (He-MS), where stars purely consisting of helium are located (Paczynski,
1971). It is clearly visible from Figure 1.5 that none of the stellar evolution branches intersects
the region of the hot subdwarf stars. Therefore, alternative formation scenarios including binary
interaction need to be invoked in order to explain the existence of this unique population of stars.

1.3.2 Formation and Evolution of Hot Subdwarfs

In general, hot subdwarf stars are thought to be the stripped helium cores of evolved stars. Hence,
some kind of mass loss is needed the remove most of the hydrogen envelope. To this end, binary
interaction needs to be introduced with phases of mass transfer and loss. However, many hot
subdwarfs appear to be single. Hence, the first formation scenario that is presented is a hypothetical
one, which does not necessarily need a binary companion. All other ones include binary interaction,
like common envelope evolution or merger events.

11
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The Hot Flasher Scenario

Low-mass giant stars leave the tip of the RGB when their degenerate cores ignite helium fusion,
while they are still burning hydrogen in a shell around the core. But hypothetically, the hydrogen
shell might be exhausted before the core ignites nuclear fusion. Then the envelope would contract
and the star leave the RGB early. While contracting, if the central temperature becomes high
enough, a delayed helium-flash might occur that strips off parts of the envelope. This “late hot
flash* is considered as possible explanation for single EHB stars (D’Cruz et al., 1996). However,
calculations predict too much retained hydrogen, inconsistent with the formation of hot subdwarf
stars. A common approach is to artificially increase the mass loss, which leads to increasingly hot
and helium-rich HB stars. It is not yet clear whether this enhanced mass loss is possible.

Common Envelope Evolution

About 30-50% of all B-type hot subdwarfs (sdBs) are in close binary system with either white
dwarf (WD), M-type MS, or brown dwarf companions. They show extremely short orbital periods
from about one hour up to few days (Kupfer et al., 2015; Kawka et al., 2015; Schaffenroth et al.,
2022) and strong radial velocity variability with amplitudes of up to several hundred kms~!.
These tight orbits are not natural and can only be reached in binary interaction. Some interaction
channels leading to the formation of hot subdwarfs are shown in Figure 1.6, where the first two
result into close binaries. As example, the second scenario is outlined in more detail: Assuming an
initial wide binary with two MS stars of unequal mass, the more massive star will evolve first to
giant dimensions. If the system is close enough, it will fill its Roche lobe'! and begin to transfer
mass to the companion. If furthermore the mass ratio ¢ is high (¢ = 1.2 — 1.5), the mass transfer
will be dynamically unstable and a common envelope (CE) is formed engulfing both components
(Paczynski, 1976). Then the remaining helium core of the stripped star and its companion orbit
each other inside of the CE, which leads to friction and drag forces. Therefore, orbital angular
momentum is transferred to the surrounding material, which lets the orbit shrink and heats up the
CE. As consequence the CE expands, becomes eventually gravitationally unbound to the system,
and is ejected. If the central temperature of the helium core was already high enough to ignite
nuclear burning, a hot subdwarf star is formed in a close binary with a low-mass MS companion
(late K- or M-type). This is one way of forming binary systems with such short orbital periods.

In the first scenario of Figure 1.6, when the mass ratio is lower, a phase of stable Roche lobe
overflow (RLOF) is required in advance of the common envelope phase. The final outcome is a
hot subdwarf in a close binary system with a WD companion. Overall, given the large number of
hot subdwarfs in close binary system, common envelope evolution must contribute significantly to
their formation history.

Moreover, it is expected that some of the ejected common envelope material might persist
gravitationally bound to the system. Still, direct detections of such circumstellar material (CSM)
around hot subdwarf stars have been elusive yet. However, as this material expands after the
ejection, it becomes thinner and thinner and cools down, perhaps mimicking interstellar conditions.
Therefore, as the material is pervaded by the starlight of the host system, the same spectral lines as
for the interstellar medium might emerge in the spectrum, opening up a tool to search for it. Hence,
besides the investigation of the interstellar medium, the search for CSM around hot subdwarf stars
is the second major aim of this work. More details on the physics of CE evolution and ejection can
be found at the beginning of Chapter 6, in which the results regarding this search are presented.

"''The Roche lobe is a teardrop-shaped region around a star in a binary system within which orbiting material is
gravitationally bound to that star. If a star expands beyond its Roche lobe, matter can flow through the inner Lagrange
point to its companion, leading to mass transfer. The Roche potential is given by the common gravitational potential of
both components plus a rotation term.
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Figure 1.6: Three possible binary interaction channels resulting into the formation of hot subdwarf
stars. They include phases of stable and unstable mass transfer as well as common envelope
evolution. The figure is taken from Heber (2016), originally by Podsiadlowski et al. (2008).

Stable Roche Lobe Overflow

While the companions in close binary systems are too faint to be directly observed'?, brighter
companions can be identified by a double-peaked SED with the hot subdwarf dominating the
blue part and the cooler companion the red part. Such wide binary systems with F/G/K-type
main sequence companions make up another 20-30% of the whole hot subdwarf population. The
formation of such systems is the third scenario of Figure 1.6. If the mass ratio is low (¢ < 1.2), i.e.
both components are roughly of equal mass, and the initial separation is not too large, the star that
evolves first fills its Roche lobe and begins to transfer mass to its companion. Then the evolved
star is stripped by stable RLOF and if the central temperature was high enough to ignite helium
burning, a hot subdwarf plus MS star system in a wide orbit is formed. Even though Figure 1.6
states orbital periods of up to 500 days, there is evidence that the usual period might be slightly
higher between 500 and 1,500 days (Barlow et al., 2012; Vos et al., 2019; Molina et al., 2022).

After the formation of such a system, the stars are evolving further. If the hot subdwarf has
already exhausted its fuel becoming a C/O white dwarf and the companion expands while ascending
the RGB, unstable RLOF starts. This exactly corresponds to the left panel of Figure 1.6 and the
first scenario takes over, resulting into CE evolution and a close WD plus hot subdwarf binary
system.

White Dwarf Mergers

Another mechanism to produce single hot subdwarfs is the merging of two low-mass objects, where
at least one of them is a helium-core white dwarf (He-WD). Even without common envelopes,
the orbits of close systems gradually shrink due to the emission of gravitational waves. As

12 They are only evident from radial velocity variability or peculiar light curves of the system.
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consequence both components come closer and closer until they eventually merge. Different
progenitor systems are associated with different outcomes: A prominent example is the double
He-WD merger scenario. It is expected to explain the population of extremely helium-rich hot
subdwarfs of spectral type O (eHe-sdO). The peculiar surface compositions of eHe-sdOs are
explained by different merger channels of two He-WDs, e.g. fast or slow merging. Another
possibility is the merging of a He-WD with a C/O-WD. This might form peculiar He-sdOs too
as well as intermediate helium-rich OB-type hot subdwarfs (iHe-sdOB). The last scenario is the
merging of a He-WD with a low-mass main sequence star. It is predicted that this channel could
form single helium-poor sdB stars.

In general, in such merger events both components do not just swallow each other and immedi-
ately mix their material. It is rather the case that one component gets disrupted, an accretion disk
or a corona of material is formed, and the debris is accreted by the other component. It seems also
possible (e.g, in the He-WD-+MS case) that one star begins to unstably transfer mass, a common
envelope is formed, and both components merge inside of the CE. Overall, in all scenarios a certain
circumstellar environment might be present after the merger event. Again the same spectral lines
as for the ISM could indicate the presence of such circumstellar material.

1.3.3 Spectral Classification and Observational Characteristics

Since the analysis of this work comprises the investigation of many hot subdwarf spectra, it is
important to understand their observational characteristics. Historically, these stars were not
distinguished from normal early O- and B-type stars until their subluminous nature was realized
(Humason & Zwicky, 1947). In the following decades a lot of effort has been put into finding new
candidates and collecting large samples of these stars. The most recent catalog of hot subdwarf
candidates based on photometry and Gaia astrometry (see Section 2.1) was compiled by Culpan
et al. (2022) and includes about 60,000 objects. Also the sample of this work is based on this
catalog (Section 2.3).

Nowadays, it is clear that individual hot subdwarfs show very distinct spectral features in their
spectra. Therefore, the whole population is divided mainly into five sub-populations depending on
the presence of hydrogen and helium lines, which are determined by the surface temperature as well
as the atmospheric hydrogen and helium abundances. Example spectra illustrating the distinction
are shown in Figure 1.7. Most abundant among the whole population are the helium-poor B-type
hot subdwarf (sdB) stars. They show mostly strong hydrogen Balmer lines together with weak
neutral helium lines, while ionized helium lines are absent. Hotter helium-poor OB-type subdwarfs
(sdOB) show Balmer lines together with both, weak neutral and ionized helium lines. Hot helium-
poor O-type subdwarfs (sdO) show strong ionized helium, weaker Balmer lines, and no neutral
helium lines. These are the three sub-populations of helium-poor hot subdwarfs. Furthermore,
there is a class of intermediate helium-rich hot subdwarfs of OB-type (iHe-sdOB), which show
strong neutral and ionized helium lines together with Balmer lines. Lastly, some O-type hot
subdwarfs are extremely helium enriched (eHe-sdO) and show strong neutral as well as ionized
helium lines, while Balmer lines are at most weak or even absent.

From the spectra of stars, e.g. the appearance and shape of spectral lines, characteristic physical
properties about their atmospheres can be derived. This is particularly true for hot subdwarf stars.
The most essential parameters are the following:

* Effective temperature: The effective surface temperature 7. of a star is given by the
Stefan-Boltzmann law F = osp Te‘lﬁf, where F is the stellar flux and osg the Stefan-Boltzmann
constant. It is arguably one of the most important parameters of a star, especially for the
shape of its spectrum, because it determines the excitation and ionization state of atoms and
ions in the atmosphere (see Subsection 1.4.2). For example, Balmer lines only emerge if
enough hydrogen atoms are excited to the first energy level above the ground state. This
is reached if the thermal velocity of the particles is high enough to excite this state, which
predominantly occurs via collisions. It requires a certain temperature, but on the other hand,
if Tog is too high, hydrogen becomes more and more ionized and the Balmer line strengths
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drop again. Therefore, Ti is of particular importance for hot subdwarf stars as it mainly
determines the appearance of Balmer lines as well as neutral and ionized helium lines.
Moreover, higher temperatures lead to broadening of spectral lines via thermal Doppler
broadening (see Subsection 1.4.3). Overall, from the appearance of spectral lines and their
shapes, Te¢r can be spectroscopically determined. As their name says, hot subdwarfs show
high values of Tog > 20,000 K.

* Surface gravity: Hot subdwarf stars are quite compact objects compared to main sequence

stars. Hence, they have a high surface acceleration g = GM/R?, where G is the gravitational
constant, M the stellar mass, and R the stellar radius. This leads to an enhanced pressure in
the atmosphere, which broadens spectral lines via pressure broadening (see Subsection 1.4.3)
and influences the ionization balance. Therefore, g can be measured from the shape of
spectral lines and since it varies over many orders of magnitude for different kinds of stars,
it is usually given as the surface gravity logg. Typical values for hot subdwarf stars are
4.5 < logg < 6.5, while O/B main sequence stars have logg < 4 and white dwarfs logg > 7.

* Helium abundance: Hot subdwarfs are the stripped helium cores remaining after binary

interaction and have at most a thin outer hydrogen layer. They have both, high effective
temperatures as well as a high surface gravities. The combination of these parameters leads
to atmospheric diffusion processes, which is in principle the balance between gravitational
settling of heavier elements and radiative levitation resulting from the absorption of pho-
tons!3. This diffusion can alter the surface composition of hot subdwarfs significantly, in
particular the surface helium abundance, leading to the different observed sub-populations.
Besides the effective temperature, the surface helium abundance is mainly responsible for
the appearance of helium lines in the spectra, from which it can be derived. It is typically
given as the hydrogen-to-helium number density ratio logn(He) /n(H). A value close to —1
indicates solar helium abundance and most of the hot subdwarfs have sub-solar abundances.
Only the iHe-sdOBs and eHe-sdOs show more helium in their atmospheres than the Sun.

* Metal abundances: The abundances of metals in the atmospheres are far less well-

determined, because they require comprehensive spectral analyses based on high-quality
spectra. Metals are mostly not even included in synthetic spectral models of hot subdwarf
stars (see Section 3.1). However, there is evidence that the metal abundances can vary
strongly between individual stars. Furthermore, metals are of course also subject to atmo-
spheric diffusion. A general trend observed for many hot subdwarfs is that they are often

13 For more details see, for example, Section 1.7 of Dorsch (2023).
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enriched of heavier elements and deficient of lighter ones. The origin of this pattern is object
of current research.

Together with a few other parameters, like the microturbulence, which is negligible for hot subdwarf
stars, these four properties represent the full set of atmospheric parameters quantifying the stellar
atmospheres. Even more fundamental parameters, describing a star as a whole, are the stellar mass
M, radius R, and luminosity L. The mass of hot subdwarf stars is usually about 0.5 M, the radius
is typically in the range of 0.1 — 0.3 R, and the the luminosity in the range of 10 —1,000L,. The
determination of those stellar parameters requires further information about the stars than only their
spectra can provide, most importantly their distances (see Subsection 3.4.2). Both, atmospheric
and stellar parameters, are determined for all stars of the investigated sample as part of this work.
On the one hand, the atmospheric parameters are determined in order to use the stellar synthetic
spectra as continuum for the ISM absorption lines and on the other hand, they are required to
model the stellar SEDs to derive information about interstellar dust along the line of sight. Last
but not least, they give conclusion about the hot subdwarfs themselves and for example with the
help of diagnostic diagrams (see Section 4.2) their properties, formation, evolution, etc. can be
constrained.

1.4 Quantitative Spectroscopy

A major aspect of this work is the analysis of stellar spectra. Typically, they are depicted as
diagrams with two axes: The wavelength on the x-axis and the flux on the y-axis. However, it is a
highly non-trivial process to arrive at the point that a file with the wavelength in one column and
the flux in another one is on hand. This process begins with the observation of a star in a clear night
using instruments like a telescope, a spectrograph, and a suited camera. The telescope collects
and collimates the starlight, the spectrograph disperses it into its constituent wavelengths, and the
camera digitally records what is seen. But this is still just a 2D image of pixels with different
gray scale values and not yet ready to evaluate. A complicated process of data reduction follows,
including multiple steps of calibration in order to remove noise and systematic effects, assigning
wavelengths to the individual pixels (wavelength calibration), the removal of background light and
high-energetic cosmic particles (”cosmics*), and the binning of the two dimensional image to a
one dimensional wavelength-flux spectrum.

As soon as the data reduction is done, one can proceed with analyzing the resulting spectrum.
The spectral features in stellar spectra are usually the shape of the continuum, ionization edges,
and most importantly spectral lines. If the spectra get normalized to unity (see, for example,
Subsection 3.3.3), spectral lines are actually in most cases the only features left. They appear in
various kinds of shapes, some are stronger, some are weaker, sometimes they are broad, sometimes
they are narrow. Many physical parameters can be derived from the analysis of these shapes, which
is the topic of this section.

It will first briefly introduce general types of spectrographs, with which spectra are produced,
and what influence their characteristics have on the final spectra, in particular concerning the
spectral resolution. Since the spectra of this work are taken from large spectroscopic surveys
and databases (see Section 2.2), they are all available in science-ready formats. Therefore, the
complicated process of data reduction is already done and not further considered here. Instead
it follows a discussion about the theory of excitation and ionization, which is important for both,
stellar atmospheres as well as the interstellar medium. Finally, the mechanisms are outlined that
form the shape of spectral lines and how in particular interstellar absorption lines can be modeled.

1.4.1 Spectrographs and the Role of Spectral Resolution

The physics as well as the structure and functionality of spectrographs are complicated and can
perhaps fill whole textbooks. However, the basic principles are quite simple and can be mostly
explained in the framework of ray optics. The aim of a spectrograph is to split infalling light into
its constituent wavelengths. The resulting distribution can then be analyzed, which represents a
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powerful tool in astronomy. The type of spectrograph and its components determine the quality
of the recorded spectrum, especially the spectral resolution. In the following, the two most
fundamental categories of spectrographs are briefly discussed as well as their spectral resolution
behavior. It mainly follows Irrgang (2014).

Long-slit Spectrographs

Figure 1.8 shows the typical components of a (long-slit) spectrograph together with schematic ray
traces. The most important components are:

* Slit: The slit ensures a sharp projection of the observed object by the telescope and prevents
stray light to enter the light beam. Its width b influences the spectral resolution of the final
spectrum.

* Collimator: The collimator parallelizes the incoming light rays before they hit the dispersion
element. This is important in order to obtain a proper interference pattern.

* Dispersion element: The dispersion element is the main component of a spectrograph. It is
responsible for splitting the light into its constituent wavelengths. It can be either a grating,
a prism, or a mixture of both, a so-called ”grism*. Often blaze gratings are used, which are
tilted reflection gratings minimizing the loss of intensity during dispersion (Figure 1.9).

* Camera: The camera focuses the resulting image of the spectrum on the detector.

* Detector: The detector records the image of the spectrum and is often part of the camera.
While in former times photographic plates have been used, nowadays the most common
instruments are digital CCD detectors.

The schematic of a blaze grating consisting of many periodic reflecting grooves is shown in
Figure 1.9. The grooves are tilted by the blaze angle ® with respect to the surface normal. If a
light ray falls on the grating with an incident angle ¢ relative to the surface normal, it leaves the
grating under an angle 3, which is determined by the blaze angle (given the signed definitions of
o and B in Figure 1.9): o+ 8 = 2@. The criterion for constructive interference is

d(sinOH—sinB):As;nl, (1.6)

where d is the width of the grooves, As the path difference between two light beams, A the
wavelength, and n an integer multiple (called “order*) of the wavelength. This equation allows to
determine the reflection angle f in dependency on the wavelength. However, it also shows that
in the optical (3,800A < A < 7,800A) different diffraction orders overlap for n > 1. This means
different wavelengths within the visible range give the same angle 3. Plugging in the blaze angle
O for 3 gives

d(sino +sin(20 — a)) = nAplaze n , 1.7

where Apjaze » is the blaze wavelength at which constructive interference occurs. For every order n
the intensity is at its maximum at the blaze wavelength.

A central quantity of each spectrograph is its resolving power R, because it mainly determines
how much spectral information is contained in the resulting spectrum. It is in general wavelength
dependent and defined as the ratio of each wavelength A to its corresponding minimal resolvable
wavelength difference:

A

Ri=+ (1.8)

Two major processes contribute to a smearing of wavelength and a limited spectral resolution. The
first is the intrinsic diffraction limited resolution of the grating, which is given by

A
Rorating = | — =nN, 1.
gratine <AA' ) grating " ( 9)

17



CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

Seolt 5y

Ll'o/
) . Lht .,
Collimator Slit in the N [’dy

lens telescope’s
focal plane

Figure 1.8: Schematic of a long-slit grating spectrograph with its fundamental components, which
are the slit with width b, the collimator (with focal length f.o1), the dispersion element (here a
blaze grating), the camera (with focal length f..m), and the detector (here a digital CCD detector).
The figure is taken from Irrgang (2014).
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1.4. QUANTITATIVE SPECTROSCOPY

where N is the number of illuminated grooves. The second one is the spatial extent of the projection
of the star in the focal plane of the telescope, where the slit is located. Due to the finite slit width b,
the infalling light is not entirely parallel, leading to a small variation Aat = b/ f,on1 of the incident
angle . From that it can be derived that the spectral resolving power of a long-slit spectrograph is
given by

A n f coll A

Rlong-sllt(l) - <M>10ng_sm = m ; (1.10)
which is in general wavelength dependent. Usually, Rgraging is much higher than Rjong_giit, such that
in practice Rjong-siit determines the resolution of a produced spectrum. Since feon1, d, and o are
fixed device-specific quantities, the only ways to increase the resolution is to observe in higher
orders n and/or to use smaller slit widths 5. However, for higher n different diffraction orders
overlap and the smaller b, the lower the amount of infalling light, if the source is not point-like,
which is generally the case even for stars due to smearing from Earth’ atmosphere (”seeing*). Of
course, when building a new spectrograph, it is also possible to optimize the parameters f.op, d,
and « in order to obtain a higher resolution. Furthermore, if a fiber-fed spectrograph is used, the
slit width b needs to be replaced by the fiber diameter.

Echelle Spectrographs

In order to observe at higher orders 7 to reach drastically higher resolutions, the issue of overlapping
diffraction order can be conveniently overcome by placing a second dispersion element between
the first one and the camera/detector. Its task is to disperse the light perpendicular to the initial
dispersion direction and hence, it is called a cross disperser. This way, the overlapping diffraction
orders are separated as shown in Figure 1.10 and it is possible to make use of diffraction orders up
to n =~ 100. Due to the vertical alignment of each diffraction order as stripes, such spectrographs
with a cross dispersion element are called “echelle* spectrographs according to the French word
for ladder or stairs.

The spectral resolving power of an echelle spectrograph can be approximated by inserting the
blaze wavelength (Equation 1.7) into Equation 1.10 for the wavelength:

A feoll (sin o+ sin(2® — OC))
R = — ~ 1.11
chelle (AA’ > echelle bcosa ( )

Unlike in the long-slit case, the resolution of an echelle spectrograph solely depends on device-
specific fixed parameters and no longer on the wavelength. This means the resolving power is
constant over the obtained spectrum.

Another limiting factor can be the spatial resolution of the (CCD) detector, given by the pixel
distribution and width. To resolve all spectral features the resolution of the detector in general
has to be larger than that of the spectrograph. According to the Nyquist criterion, each resolvable
wavelength element needs to be covered by at least two pixels of the detector.

Furthermore, for echelle spectrographs the data reduction becomes even more difficult. It
includes another complicated step of order merging: The individual separated orders, with partly
overlapping spectral regions, need to be merged into a single spectrum covering the whole spectral
range.

A Comment on the Spectral Resolution

The most central parameter of a spectrograph quantifying the quality of the resulting spectrum, i.e.
the amount of spectral information contained, is the spectral resolving power R. It is a unitless
number and defined according to Equation 1.8. Pure long-slit spectrographs provide rather low
resolution spectra with R(A) ~ 1,000 — 10,000, while with the use of a cross dispersion element,
echelle spectrographs are able to reach R =~ 100, 000 or even higher. In the first case R is wavelength
dependent, while in the second case it is constant across the spectrum. In most of the cases a
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Figure 1.10: Additional component of an echelle spectrograph: The cross dispersion element.
It is placed between the first dispersion element and the camera/detector in order to separate
overlapping diffraction orders perpendicular to the initial dispersion. This way, it can be observed
in high diffraction orders n. The figure is taken from Irrgang (2014).

higher R is desired in order to resolve weaker spectral features, which would be otherwise hidden
or blended by neighboring stronger features.

However, the spectral resolving power is just an artificial number quantifying a spectrograph. In
practice, the minimal resolvable wavelength difference AA is sometimes more important, because
it directly gives the minimal possible width of a narrow spectral line at a certain wavelength
due to the used instrument. As such, it defines the so-called “instrumental broadening” (see
Subsection 1.4.3) and is called the spectral resolution. Therefore, the spectral resolving power R
and the spectral resolution AA (measured in A) are quite different parameters, even though they
are often confused in the literature by also calling R the spectral resolution. It is important to note
that for pure long-slit spectrographs R is wavelength dependent, but AA is not. Vice versa, for
echelle spectrographs R is constant, but AA is wavelength dependent and increases with increasing
wavelength. This means that in echelle spectra the spectral resolution drops'# and the minimal
line width increases at higher wavelength. Furthermore, if for example the resolving power of a
long-slit spectrograph is stated to be R = 3,000, this just represents a rough average value for the
resulting spectra, since it varies with wavelength.

A common way to parametrize the resolving power of both, long-slit and echelle spectrographs,
is

1

R(A) = e A + constant = Rjope - A + Roffset - (1.12)
This is a linear approximation with a slope Rjope ‘= 1 /AA and an offset Ryt For a pure long-slit
spectrograph the values are usually Rgjope > 0 and Rofisec = 0, while for an echelle spectrograph
vice versa. Therefore, the resolving power increases linearly with wavelength in the long-slit case
and stays constant in the echelle case. This approach is, for example, extensively used for the
spectral analyses of this work and the developed analysis scripts (see Section 3.3), where a careful
treatment of spectral resolution is crucial.

1.4.2 The Theory of Excitation and Ionization

The appearance and shape of spectral absorption lines from many astrophysical environments, such
as stellar atmospheres or the interstellar medium, is mainly determined by the number of available

14 Still, lower spectral resolution usually means higher AA.
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absorbers. The number of available absorbers of course depends on the abundance of the respective
element, but also strongly on their excitation and ionization states. For example, hydrogen atoms
that are all in the ground state can not produce Balmer lines, which correspond to a transition
from the first excited state to a higher one, even if a lot of hydrogen is available. On the other
hand, ionized hydrogen that lost its only electron can not contribute with any electronic transition
anymore. Analogously, the same is true for heavier elements with more electrons. Therefore, this
section will briefly deal with the theory of excitation and ionization and follows Gray (2021).
The main way of exciting and ionizing particles in a gas is by collisions. The strength of the
collisions is determined by their thermal velocities, i.e. predominantly by the gas temperature. In
thermodynamic equilibrium the particles follow a Maxwellian velocity distribution given by

3/2 2
m my
= — 1.1
N(v)dv <27rkBT) exp< 2kBT>dv’ (1.13)

where v is the velocity, m the particle mass, kg the Boltzmann constant, and T the temperature.
The ratio of populations in two different energy levels m and n of a species is given by

N, E,—E
T 8 exp <_" m) (1.14)
Nm 8m kBT

where the g’s are the statistical weights!> and the E’s the energies above the ground state of the
respective states. Equation 1.14 is called the Boltzmann or excitation equation. Furthermore, the
ratio of populations in two consecutive ionization stages / of an element is given by

3/2)
Nip1 2upi(T) 1 (2wmkgT) exp< %1> 7 (1.15)

N w(T) n h3  kgT
which is called the Saha or ionization equation. Here, the u(T') are the partition functions'® of the
respective ionization stages, n, is the electron density of the gas, m, the electron mass, /& Planck’s
constant, and J; the ionization potential of the lower ionization stage. Notably, Equation 1.15
depends on the electron density of the gas. The higher it is, the lower the fraction of particles in
the upper ionization stage, mostly because more electrons are available for recombination.

Overall, Equation 1.13, Equation 1.14, and Equation 1.15 determine the excitation and ion-
ization states of gas particles in thermodynamic equilibrium. For virtually all conditions in the
interstellar medium, at least for those considered in this thesis, this is the case. For the atmospheres
of cooler stars thermal equilibrium can be often assumed as well. However, in that of hotter stars,
like O- and B-type hot subdwarfs, it usually breaks down. Then alternative equations need to be
invoked (see Section 3.1).

1.4.3 Line Broadening Mechanisms and Spectral Line Profiles

Many physical parameters can be derived from the appearance and, in particular, the shape of
spectral lines. Intrinsic conditions like the temperature and density of a gas, but also extrinsic ones
like rotation or the resolution of the used spectrograph, broaden the profiles of the observed lines
in different ways. In general, this accounts for both, absorption and emission lines. Therefore, this
section summarizes all the different mechanisms for line broadening and the corresponding line
profiles. Again, it follows Gray (2021). The intrinsic mechanisms are the following:

* Natural line broadening: All energy levels except the ground states have a certain finite
lifetime. However, according to Heisenberg’s uncertainty principle, energy and time are two
complementary quantities and can not be measured infinitely precise simultaneously. Since
the energy is directly related to wavelengths or frequencies, spectral lines have naturally a

15 The statistical weights are 2J 4 1 of the state, where J is the inner quantum number. For example, for hydrogen g, = 2n?
for the n-th excited state.

6u(T) =y giexp(—E;/kpT)
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certain width. This effect is called natural broadening and can be calculated in the formalism
of a damped harmonic oscillator. The resulting line profile is given by

Yoat /470
Vo— V)2 + (Yaat/47)%’

Gnat(V) = ( (1.16)
where V is the frequency and vy the line center. It represents a Lorentzian function with
the so-called damping constant %, that determines the width. The natural line width of a
spectral line is typically on the order of AA ~ 10~4 A and hence, often negligibly small.

Collisional (pressure) broadening: Radiating or absorbing atoms/ions are affected by
collisions with neutral and charged particles via Coulomb interactions (Stark effect). This
leads to a modification of the energy levels (energy shift AE) and line broadening. The
perturbations mainly depend on the distance r between the absorbers and perturbing particles:
AE ~ r7". Different orders n of collision processes are introduced, which account for
different types of interactions:

- n =2 corresponds to the linear Stark effect, which is important for atoms/ions with
intrinsic dipole moment like HI or He II ("hydrogenic*), perturbed by charged particles
like electrons or ions.

- The n = 3 case is called self-pressure broadening and mainly accounts for interactions
between neutral atoms of the same kind. It particularly affects hydrogen as the lightest
and most abundant element.

- n =4 corresponds to the quadratic Stark effect, which is important for collisions
between metal ions and free electrons.

- The n = 6 case is called Van der Waals broadening and accounts for interactions
between neutral atoms of different kind.

It is quite difficult to compute the corresponding line profiles analytically and approximations
are needed. If the perturbation time is much smaller than the energy level lifetimes, e.g. for
light and fast moving particles, often the “impact approximation® is used. It describes an
interruption of the emitted or absorbed electromagnetic wave, creating a phase shift, which
leads to a reduction of the lifetime. But as the lifetime decreases, the energy uncertainty
increases according to Heisenberg and the line broadens. The corresponding line profile
Ta/4T

¢n(V) o=V + (po /)’ (1.17)
is again Lorentzian with a damping constant J;, depending on the considered order n. Unlike
in the natural damping case, the damping “constant* is actually not constant here, but
depends on the pressure and temperature. If the particles are heavier and move more slowly,
the perturbation time is longer than the lifetimes and usually the “quasistatic approximation*
is used. Here, the absorbers feel a static electric field by the disturbers during the transition,
which leads to a distortion of the energy levels. But even if only the nearest neighbor (’nearest
neighbor approximation®) is considered, the resulting line profile is more complicated and
non-Lorentzian.

Thermal Doppler broadening: The absorbing or emitting particles of a thermal gas follow
a Maxwellian velocity distribution (Equation 1.13). Their isotropic thermal motion leads to
Doppler shifts for each transition. In total, the observed line broadens and the corresponding
Gaussian line profile is

1 AV?
(pDoppler(V) = mexp <_AV%1> (1.18)
t

where Avi, = v Vo /¢ with the thermal velocity vy, Vo is the line center, AV = v — vy, and ¢
is the speed of light.
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* Microturbulence: Microscopic small-scale motions of gas lead to additional Doppler
broadening of spectral lines. This microturbulence can be treated similar to the Doppler
broadening and the Gaussian line profile is exactly the same. Only the thermal velocity
needs to be replaced by the microturbulent velocity &.

The contribution of all these broadening mechanisms can be combined to an overall line pro-
file. Mathematically, all the individual line profiles need to be convolved with each other. The
convolution of two functions f and g is defined as

(F8)0) = [ 1)sle=ndy. (119
Then, the final line profile reads (neglecting non-Lorentzian/Gaussian contributions)

Grotal = Pnat * Ppressure * PDoppler * Pmicro = PLorentz * PGauss 5 (1.20)

because the natural and pressure broadening line profiles are (mostly) Lorentzian, the ther-
mal Doppler and microturbulent line profiles are purely Gaussian, and the convolution of two
Lorentzians or Gaussians yield another Lorentzian or Gaussian, respectively. For the execu-
tion of the convolution the damping constants and Doppler parameters can be added up to

Yiotal = Ynat + Ypressure a0d AVpoppler = %\ / vtzh + &2, respectively. These in turn can be combined to

a new damping parameter @ = Yota1/ 4T AVpoppler- Furthermore, by defining a new running variable
x=Av/ AVpoppler the final line profile can be derived to

1 a [ e’ 1
Pvoigt (x) = ﬁﬂ/m md}i = ﬁH(a,x). (1.21)

The integral is called the Hjerting function H(a,x) an can not be solved analytically. It needs to be
approximated numerically or by a series expansion. Figure 1.11 shows the Hjerting function in
dependency on the damping parameter a. For a — 0 the line profile approaches a purely Gaussian
shape and for higher values of a, Lorentzian wings become dominant. This exactly represents the
general shape of spectral line profiles: A Doppler broadened line-core and pressure-broadened
wings on both sides of the line.

There are two further extrinsic broadening mechanisms that should be taken into account in
many observations:

 Stellar rotation: If stars are observed, they might rotate with some equatorial velocity
vrot- This leads to changing Doppler shifts across the stellar disk, because one side of the
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star is continuously approaching, while the other one is receding. This causes additional
broadening, but after the formation of the line in the stellar atmosphere. Hence, it conserves
the equivalent width of the line. In general, one observes only the projected rotational
velocity vyo Sini, where i is the inclination angle between the rotation axis and the line of
sight. The typical observed range is between zero and a few hundred kms~!. The rotational
line profile can become quite complicated, because of other effects such as limb darkening
that need to be included. For more details see Gray (2021).

¢ Instrumental broadening: The finite spectral resolution AA of spectrographs also leads to
a broadening of spectral lines, which is called instrumental broadening. The corresponding
line profile can be complex and is usually measured by recording almost infinitesimally
narrow emission lines from calibration lamps. However, it is often assumed to be Gaussian:

21n2 A —X)?
Pinstr(A) =~ \/EHA)L exp (—4ln2(A7y> (1.22)

Just like for the rotational broadening, instrumental broadening of course arises after the
formation of spectral lines in the corresponding astrophysical environment and therefore
conserves the equivalent width.

1.4.4 The Theory of Interstellar Absorption

While all of the line broadening mechanisms from the previous section contribute to the formation
of stellar spectral lines and need to be included in the modeling of synthetic spectra (Section 3.1),
the conditions in the interstellar medium are quite different. Since the material is much thinner,
pressure broadening can be usually neglected as well as (obviously) stellar rotation. Furthermore,
the temperatures are either extremely low for cold interstellar clouds or at least lower than for
early type O and B stars in warm clouds. Hence, thermal Doppler broadening is also weaker
than for these stars. Overall, one is left with natural broadening, weak thermal broadening, and
microturbulence as intrinsic broadening mechanisms. From these, the overall line profile of
interstellar absorption lines can be derived, depending on physical parameters like the temperature
and the density of absorbers.

The damping parameter of natural broadening 7, is related to the lifetime of the considered
transition, which in turn is related to the inverse of the transition probability A;, from the lower (/)
to the upper () state. By converting the previous expressions from frequencies v to wavelength A,
the overall damping parameter a can be written as

)'()Alu
a =

b with b=/} +&2. (1.23)
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The quantity b, consisting of the thermal'’ and microturbulent velocity of the particles, is called
the Doppler parameter. For interstellar conditions it is typically in the range of b =1—10kms~!
(Welty et al., 1994; Redfield & Linsky, 2002; Welsh et al., 2010), at least for Call and Nal
lines. Furthermore, the wavelength-dependent transmission of a spectral line is given by (1) =
exp(—7(4)), where 7 is the so-called optical depth. It is a dimensionless measure of how opaque
a medium is to light, quantifying the cumulative absorption and scattering along the line of sight
and is given by (Savage et al., 1977)

N-b~'fi,-Ay-H(a,x). (1.24)

2
e
r(a) =
MeC
The first factor just consists of general constants (elementary charge e, electron mass m,, and speed

of light ¢). N is the column density, which is defined as the number of absorbers along the line of
sight and therefore has the unit cm~2. b is the Doppler parameter, f;, the oscillator strength of

17 The most frequent thermal velocity of a gas in thermal equilibrium depends on the temperature and is given by
vih = v/2kgT /myA, where my is the atomic mass unit and A the atomic weight of the considered gas particles.
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the transition, A the rest wavelength, and H(a,x) the Hjerting function defining the line profile.
The latter one includes the damping parameter a, which depends on the transition probability, the
rest wavelength, and the Doppler parameter. Overall, apart from the atomic constants Ay, A;,, and
f1u» the appearance and shape of interstellar absorption lines /(1) solely depends on the column
density N of absorbers and on the Doppler parameter b.

This is exactly the absorption model that is applied to the interstellar Call H&K as well as
Nal D1&D2 lines (Subsection 3.3.4). From Voigt profile fits including the atomic constants from
Table 1.1, the column density N and the Doppler parameter b can be derived. However, additionally
the instrumental broadening due to finite spectral resolutions needs to be considered. Since ISM
lines are usually very narrow, they are quickly dominated by AA, if the resolution is low. Then
the intrinsic width of the lines determined by b is no longer resolved. It needs to be fixed to a
reasonable value in order to derive at least reliable column densities (see Subsection 3.3.4).

1.5 Outline of the Thesis

The distribution and properties of interstellar material at high Galactic latitudes is poorly studied
yet due to a lack of available Galactic background sources, which can be observed out to the
halo. This thesis presents hot subdwarf stars as possible light bulbs to shine through the ISM
predominantly at high Galactic latitudes. They represent a late stage of stellar evolution formed
via binary interaction and are observable out to the Galactic halo. The first main aim of this work
is to probe the ISM using hot subdwarf background sources. The second main aim is to search for
CSM that possibly remained after their formation around hot subdwarfs using the same analysis
methods as for the ISM.

In Chapter 2 the used surveys and instruments are summarized as well as the collected sample
of hot subdwarf stars. Then in Chapter 3 the methods and tools are discussed, which are used to
carry out the analyses of this work. On the one hand, they comprise pre-existing ones, like stellar
model atmospheres and synthetic spectra or a spectral energy distribution (SED) fitting routine.
On the other hand, a set of new Python scripts is developed in order to carry out comprehensive
spectral analyses of both, stellar atmospheres as well as interstellar absorption lines. These scripts
are not restricted to the needs of this study, but could be of general use for spectral analyses.
Hence, Section 3.3 can be considered as kind of manual what the programs exactly do and how
they are executed. The pipeline of the conducted analyses is outlined in Chapter 4. Furthermore,
Chapter 4 includes a brief summary about the measured atmospheric and stellar parameters for
the hot subdwarf stars, which are observed as a valuable side-effect of the analysis, as well as a
simulation of measured interstellar parameters depending on the spectral resolution and signal to
noise ratio of synthetic interstellar absorption lines. The simulation serves as preparation for the
application of the scripts on real data and the quantification of possible systematic uncertainties.
Detailed investigations of the interstellar medium are presented in Chapter 5:

* Parameter distributions: The raw distributions of the measured interstellar parameters,
like column densities, equivalent widths, radial velocities, and reddening are evaluated on a
statistical basis.

* Parameter correlations: The measured parameters are related in order to see how they
correlate with each other. On the one hand, this serves as consistency check and on the other
hand it provides new insights about the connection between calcium and sodium abundances
in interstellar clouds.

* Distribution of interstellar material on the sky: Two dimensional maps are created in
order to trace the distribution of interstellar gas and dust on the sky.

* Variation of interstellar parameters: It is investigated, how interstellar parameters vary
with distance, direction, and height from the Galactic plane. In particular, the deviation of
interstellar properties between the Galactic disk and the halo is probed.

25



CHAPTER 1. INTRODUCTION AND THEORETICAL BACKGROUND

* Interstellar gas to dust ratios: The connection between the abundances of interstellar gas
and interstellar dust in the ISM is examined. It is investigated how the gas to dust ratios vary
with distance, direction, and height from the Galactic plane.

As second part of this thesis it is searched for circumstellar material (CSM) around hot subdwarf
stars in Chapter 6 using the same methods as before. Although CSM is expected to remain
bound around these stars after their formation through common envelope evolution and ejection,
detections of such material have been elusive yet. Chapter 6 comprises the following:

* Overview: At the beginning an overview about the physics of common envelope evolution
and ejection is provided, from unstable Roche lobe overflow in binary interaction, to
the formation of a common envelope, and its final ejection. Also the possible outcomes
concerning the stellar remnants are discussed.

* Recent detections: Recent detections of ubiquitous CSM around hot subdwarf stars are
claimed by Li et al. (2025). They did not only use similar methods, but also spectra that are
part of the sample of this work. Therefore, their findings are evaluated and compared to the
results of this study.

» Search for new CSM candidates: Finally, it is searched for new CSM candidates within
a sample of higher resolution spectra in order to minimize uncertainties coming from low
spectral resolutions. The main criterion for potential CSM is that the material from which
Call H&K lines originate moves exactly with the velocity of the stars, while an interstellar
origin can be most likely excluded.

Eventually, the findings and conclusions of this work are summarized in Chapter 7. Moreover,
it is highlighted how the investigation of the interstellar medium using hot subdwarf stars as
background light bulbs as well as the search for circumstellar material around these stars could be
extended in the future.
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Chapter 2

Surveys and Instruments

This study aims to collect and analyze a large number of stellar spectra. Subsequently, the
spectral energy distributions (SEDs) of the corresponding objects are modeled by considering their
photometry in different wavelength bands. Last but not least, parallax measurements are required
to constrain the distances to the sources. Obviously, it is not possible to record this wealth of data
by oneself, especially for several thousands of stars. Plenty of sophisticated instruments have been
developed by science organizations and space agencies all around the globe in order to conduct
large surveys that record these various kinds of data for the astronomical community.

In the following sections, the central surveys and instruments for this thesis are presented,
beginning with the unprecedented Gaia space mission in Section 2.1. In Section 2.2 all the
different spectroscopic surveys and spectrographs are briefly outlined, with the help of which the
investigated sample of this work has been compiled. Lastly, in Section 2.3 an overview about this
sample as a whole is provided. What is not considered in this chapter are the photometric surveys
from which the data is taken to model the stellar SEDs. The automatic query of these databases as
part of the SED fitting routine is discussed separately in Section 3.4.

2.1 ESA’s Gaia Space Mission

The Gaia space mission of the European Space Agency (ESA) is the direct successor mission of
HIPPARCOS (Clausen & Perryman, 1990; van Leeuwen, 1997) launched in 1989 by ESA as well.
HIPPARCOS laid the foundation for space astrometry by measuring the positions, parallaxes!,
and motions of over 118,000 Galactic objects. It achieved a mean parallax accuracy of about 1
milliarcsecond (mas), significantly better than previous ground-based measurements. Since the
parallax is directly related to the distance of an object, the HIPPARCOS catalog provided the first
reliable distance measurements for a large number of stars (van Leeuwen, 2009) and provided
groundwork for subsequent astrometry missions such as Gaia.

The main aim of Gaia is to compile a complete 3D map of the Milky Way in order to enhance
our understanding of the formation, structure, and evolution of the Galaxy. It was launched
December 19, 2013 and arrived at its operating point, the second Lagrange point of the Sun-Earth-
Moon system (~1.5 million km from Earth) a few weeks later (Gaia Collaboration et al., 2016a).
From there it measures the positions, parallaxes, and proper motions for more than 1.8 billion stars
with unprecedented precision. It is capable of observing objects down to a limiting magnitude
of about 20.7 and reaches astrometric precisions in the pas regime. Furthermore, it provides
photometry across the G (generic), BP (blue), and RP (red) passbands and is even able to do low
resolution spectroscopy for many objects. It continuously scans the full sky to gain uniform data.
The longer it observes the more precise the data for each object becomes and the more objects
are in total observed. Therefore, each data release (DR) supersedes the former ones. Originally,
Gaia was planned to stay operational for five years, until 2019, but then it was still working so
immaculate that it entered the extended mode until 2025. Unfortunately, now it is no longer

The parallax angle @ is the annual angle a nearby astronomical object subtends with respect to distant background
sources due to Earth’s motion around the Sun. It is directly related to the distance d to the object: ”d = 1/@ “.
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recording data and with its last remaining fuel it left its site of operation to keep the space free for
future missions.

The major milestones of Gaia are its consecutive data releases: DR1 was released in 2016 and
provided first astrometry and photometry for about 1 billion sources (Gaia Collaboration et al.,
2016b; Fabricius et al., 2016; Lindegren et al., 2016). In DR2 (2018) about 1.7 billion objects
are included with improved parallaxes and proper motions compared to DR1 (Gaia Collaboration
et al., 2018; Arenou et al., 2018). In 2020, astrometric data with unprecedented precision for more
than 1.8 billion objects was released as part of an early data release (eDR3; Gaia Collaboration
et al., 2021; Fabricius et al., 2021). The most recent data release that complements the astrometric
data from Gaia eDR3 is full DR3 and was published in 2022 (Gaia Collaboration et al., 2023a;
Babusiaux et al., 2023). However, the amount of recorded data by Gaia before its retirement will
be sufficient to provide us with two more releases. After all the data reduction and processing,
DR4 is expected to be published in the near future, while at some point in the next years DRS will
complete the mission with a full data set.

This work makes extensive use of positions, parallaxes, and photometry from Gaia DR3.
Precise coordinates are crucial to identify stars and query data from various catalogs and data
bases. Parallaxes are, of course, used to determine distances to the observed objects. These
distances are of central importance, e.g. to see how interstellar properties vary with distance to the
background sources (Section 5.4) or to calculate stellar parameters that depend on the distance
(Subsection 3.4.2). The photometry is mainly used to model stellar spectral energy distributions
(SEDs) as explained in Section 3.4.

2.2 Spectroscopic Surveys and Spectrographs

As central part of this analysis spectra of hot subdwarf stars are investigated in order to derive
information about the interstellar medium from interstellar absorption lines present in those spectra.
They are not just taken from one predefined source, but collected manually from various surveys
and databases. While the majority are low resolution spectra from large spectroscopic all-sky
surveys, also a smaller number of higher resolution spectra is publicly available. The different
surveys and spectrographs from which the spectra originate are briefly presented in the following.

2.2.1 SDSS

The Sloan Digital Sky Survey (SDSS) was planned in the 1980s-1990s to move from photographic
plates to large scale and homogeneous digital sky surveys and officially started operations in
2000 (Szalay, 1999; York et al., 2000). It aims to create a multi-color, three-dimensional map of
the nearby universe in order to constrain the models of cosmology and of galaxy formation and
evolution (Loveday, 2002). To this end, it photometrically and spectroscopically observed several
million celestial objects like galaxies and quasars, but also stars, down to a limiting magnitude of
about 23. With that, it became a paradigm for open, public survey data in astronomy.

SDSS makes use of the dedicated 2.5 m wide-field Sloan Telescope at the Apache Point
Observatory in New Mexico, USA. With a field of view of about 7 square degrees per exposure and
a fiber-fed spectrograph with more than 1000 fibers, it scans about one half of the whole Northern
sky. The recorded spectra have a spectral resolving power of about R ~ 2,000 and cover a spectral
range from 3,600 A to 10,000 A (Smee et al., 2013).

The SDSS survey is conducted in multiple successive phases. From SDSS-I to SDSS-IV (2000-
2020) the scientific goals as well as the instrumentation got permanently updated and extended.
The SDSS-V phase (since 2020) also adopts Southern observatories to broaden the sky coverage
(Kollmeier et al., 2017), but this extension is still ongoing. The SDSS survey regularly publishes
public data releases. This work makes use of spectra from the first data release of SDSS-V.
Including all releases from the previous phases, it represents in total DR18 of the overall SDSS
survey (Almeida et al., 2023).
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2.2.2 LAMOST

The Large Sky Area Multi-Object Fiber Spectroscopic Telescope (LAMOST), also called the Guo
Shoujing Telescope, is used to carry out a spectroscopic survey with the same name (Cui et al.,
2012; Zhao et al., 2012). It was developed by the Chinese Academy of Sciences and is operational
since 2012. Its motivation is to complement other astrometric and photometric surveys like Gaia
or SDSS with massive spectroscopic follow-up. To this end, it recorded millions of spectra yet for
various kinds of objects, but mainly stars.

The telescope is located at the Xinglong Station in the Hebei Province, China, has an effective
aperture of about 4 m, and a field of view of 5° in diameter. With a limiting magnitude of about 19
it is not capable of observing as faint objects as SDSS, but with 4,000 fibers feeding in total 16
spectrographs it can record spectra for a lot of objects at once. With more than 10 million recorded
spectra it was the world’s largest spectroscopic database. LAMOST offers two distinct modes: The
low resolution (LRS) mode with R ~ 1,800 and a spectral coverage of 3,700-9,000 A, which is
used for the vast majority of recorded objects, and a medium/high resolution (MRS) mode with
R ~ 7,500 or higher and a shorter coverage (two arms with 4,950-5,350 A and 6,300-6,800 A,
respectively) for more dedicated programs. Due to its operation site it is restricted to the Northern
hemisphere.

Just like SDSS, LAMOST follows an open data policy with staged public releases. This work
makes use of spectra from the most recent tenth data release (DR10) of LAMOST LRS. The MRS
spectra do not cover the spectral range of the considered interstellar absorption lines.

2.2.3 DESI

The Dark Energy Spectroscopic Instrument (DESI) is a next-generation spectroscopic survey
carried out with the 4 m Mayall Telescope at Kitt Peak National Observatory, Arizona, USA (DESI
Collaboration et al., 2016a). Its main aims are to measure the expansion of the universe, probe dark
energy, and to map the 3D distribution of galaxies and quasars with high precision. The survey is
operational since 2021 and is planned for a total duration of five years. Due to its operation site
it observes the Northern hemisphere and the target classes are mainly galaxies and quasars, but
additionally also Milky Way stars are observed. The expected yield in the end are about 40 million
spectra, which would make it the largest spectroscopic survey ever undertaken, even outnumbering
LAMOST.

The telescope has a 3.2° field of view in diameter and 5,000 fibers feed the in total 10 spec-
trographs. The spectra have about R ~ 3,000 in the optical and a wavelength coverage of 3,600-
9,800 A (DESI Collaboration et al., 2016b).

Apart from an early data release in 2023 (DESI Collaboration et al., 2024), the first full data set
(DR1) was published recently this year (DESI Collaboration et al., 2025). It comprises about 18.7
million objects, of which about 4 million are stars. Serendipitously, the release took place before
the finishing of this work. Therefore, DESI spectra from DR1 could be included in the investigated
sample.

2.24 FEROS

The Fiber-fed Extended Range Optical Spectrograph (FEROS) was developed in the mid-1990s. It
had first light in 1998 on the European Southern Observatory (ESO) 1.52 m telescope at the La
Silla Observatory in Chile and was moved to the ESO 2.2 m telescope at La Silla in 2002, where it
still operates. The motivation for FEROS’ development was high resolution optical spectroscopy,
in order to enable precise stellar radial velocity, atmospheric parameter, and chemical abundance
measurements as well as the search for exoplanets in the Southern hemisphere.

FEROS is a fiber-fed echelle spectrograph with a spectral resolving power of R ~ 48,000 and a
spectral range of 3,700-8,600 A (Kaufer & Pasquini, 1998). It contains only two fibers, one for
the science target and one for calibration purposes, e.g. wavelength calibration or sky background
subtraction. Hence, it is not capable of recording spectra for multiple objects at the same time.

29



CHAPTER 2. SURVEYS AND INSTRUMENTS

Unlike SDSS, LAMOST, or DESI, it is not part of a large all-sky survey, but the observing mode is
given by principal investigator (PI) driven proposals. However, after a standard proprietary period
the science ready spectra become publicly available in the ESO archive (Retzlaff et al., 2016;
Mascetti et al., 2024), which also contains lots of spectroscopic data for hot subdwarf stars.

2.2.5 SPY/UVES

The Supernovae type la Progenitor surveY (SPY) was a spectroscopic survey dedicated to search
for possible supernova type la progenitor systems, i.e. white dwarfs in close binary systems, by
utilizing the Ultraviolet and Visual Echelle Spectrograph (UVES).

The UVES Spectrograph

UVES is installed on ESO’s 8.2 m Unit Telescope 2 (Kueyen) as part of the Very Large Telescope
(VLT) at the Paranal Observatory in Chile. It had first light in 1999 and is still one of the VLT’s
most heavily used high resolution instruments. It provides high resolution spectroscopy for a
broad range of astrophysical conditions like the observations of stars or extragalactic objects in the
Southern hemisphere.

It is an echelle spectrograph with configurable resolution of R ~ 40,000 — 115,000 depending
on the chosen setup (Dekker et al., 2000). The wavelength range is typically 3,200-10,500 A, but
is also adjustable. Similar to FEROS, the observing mode is given by PI driven proposals and after
some time, the recorded and science ready spectra are publicly available in the ESO archive.

The SPY Survey

The SPY survey was conducted with the UVES spectrograph in the early 2000s (Napiwotzki et al.,
2001, 2020). The targets were about 1,000 white dwarfs and each object was observed at least
twice in different nights in order to detect radial velocity shifts indicative of a close binary system
(Napiwotzki et al., 2005). The optimal settings of UVES for this survey lead to a spectral resolution
of R ~ 18,500 — 20,000, which is below the usual values for the spectrograph. Main reason for
this setup was that white dwarfs are intrinsically faint objects and need a long exposure time, when
observing them with high spectral resolution. Therefore, the settings were optimized for survey
speed rather than resolution (Napiwotzki et al., 2003).

However, the SPY sample is contaminated with other objects than white dwarfs, like hot
subdwarf stars, due to their photometric similarities. Lisker et al. (2005) identified the subdwarf B
stars among the SPY sample, while Stroeer et al. (2007) identified the subdwarf O ones. All their
spectra are available in the ESO archive and used in this work.

2.2.6 X-Shooter

X-Shooter is a medium resolution echelle spectrograph (D’Odorico et al., 2006). Like UVES,
it is installed on ESO’s 8.2 m Unit Telescope 2 (Kueyen) as part of the Very Large Telescope
(VLT) at the Paranal Observatory in Chile. It had first light in 2009 and can be considered as
second-generation VLT instrument. Its motivation was to provide simultaneous spectroscopy from
the ultraviolet (UV) to the near-infrared (NIR) in one shot (Kaper et al., 2009). Similar to FEROS
and UVES, it supports a broad range of astronomical science cases.

X-Shooter consists of three arms: An UVB arm (UV/blue, 3,000-5.600 A), a VIS arm (optical,
5,600-10,200 A), and a NIR arm (near-infrared, 10,200-24,800 10\). The spectral resolution varies
depending on the arm and the chosen settings. In general, it is R ~ 4,000 — 17,000 (Vernet et al.,
2011) with about R ~ 9,800 in the optical. The spectrograph is primarily designed for a high light
throughput and efficiency to maximize the photon collection. Thus, it works more critically for
faint targets, but often reaches high signal to noise ratios for brighter ones.

Just like FEROS and UVES, X-Shooter is operated on a PI proposal basis and the science ready
spectra are publicly available in the ESO archive after a certain time. This includes a little number
of spectra for hot subdwarf stars, which are included in the collected sample.
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2.3 Opverview of the Collected Sample

In order to query data from the databases of the large spectroscopic surveys and the ESO archive,
an input list of targets is needed. For this purpose, the comprehensive catalog of hot subdwarf
candidates by Culpan et al. (2022) is used. It contains 61,585 stars that were selected mainly based
on color and magnitude criteria from Gaia eDR3.

This catalog was crossmatched with all databases, resulting into in total 17,467 spectra. From
Table 2.1 it can be seen that the majority comes from the large all-sky surveys, especially SDSS
and LAMOST. This means that most of the data are low resolution spectra with only a small
contribution from higher resolved ones. It also has to be mentioned that Table 2.1 just represent the
raw number of spectra, but many objects were observed multiple times. The number of unique stars
is actually smaller and later on the individual results for each source are averaged (see Section 4.1).

In Figure 2.1 the quality of the spectra in terms of signal to noise ratio (SNR) is shown. In the
overall distribution (left panel) it can be seen that the SNR drops off exponentially towards higher
values. Most of the spectra are rather noisy with SNRs below 25. The peak at 200 comes from an
overflow bin, which clips the distribution. Otherwise the tail would be even longer. In the right
panel the distribution is shown per survey/spectrograph in different colors. As expected, X-Shooter
spectra have on average the highest SNR with a mean value close to 100. All others peak well
below 50. While SDSS, LAMOST, and FEROS all at least show a tail towards better SNR, DESI
and SPY/UVES have on average the lowest quality. This is, however, no performance indicator
for the used instruments, but rather a consequence of the properties of the observed objects. Both
surveys are dedicated to record spectra of faint objects. Therefore, often long exposure times are
needed, which naturally increases the noise in many cases. The SNR will later on play a crucial
role whether interstellar lines are measurable in the spectra, in particular for low resolution spectra
(see Section 4.3). Strict quality criteria are applied, which further reduces the number of objects of
the investigated sample. Moreover, the sample is slightly contaminated with sources, which are
apparently no hot subdwarf stars and need to be removed. The processes of cleaning the sample
and averaging the results for multiply observed objects are discussed in Section 4.1 and Chapter 5.

One major goal of this thesis is to investigate the properties of the interstellar medium across
the nearby Galaxy, especially at high Galactic latitudes, and at best to create interstellar gas and
dust maps. To this end a good coverage of the sky by the background light bulbs is desired. In
Figure 2.2 the distribution of the collected sample of hot subdwarf stars is shown in equatorial
coordinates. The footprints of the large all sky surveys?, which mostly cover only the Northern
hemisphere, are clearly visible. Furthermore, they leave out a band ranging from the equatorial
plane at a right ascension of about 75° towards the North pole and back to the equatorial plane
at about 285°. This band corresponds to the Galactic disk, which is crowded with an extremely
high number of young and bright stars. Due to these crowded fields with lots of blended objects
and because the surveys are in general dedicated to observe fainter objects, this band is mostly
excluded. Moreover, only a few stars are observed near the North celestial pole. This is most likely
an observational limitation, because the pole region lies at high declinations for the considered
telescopes and to point exactly overhead towards the zenith is mechanically difficult for all the
heavy instrumentation. On the other hand, the Southern hemisphere is only covered very sparsely
by FEROS, SPY/UVES, and X-Shooter observations. However, this underlines the importance
of this rather small number of higher resolution spectra. They do not only provide much more
spectral information than the low resolution ones, but are also solely responsible for covering at
least some parts of the Southern hemisphere.

While equatorial coordinates are best suited for the orientation on Earth, Galactic coordinates
are commonly used to represent the orientation within the Milky Way. Therefore, Figure 2.3
shows how Figure 2.2 is translated into the distribution of the sample in Galactic longitude / and
Galactic latitude b. Here, the Galactic disk corresponds to the plane of zero latitude, which is
mostly left empty as expected. Another two regions are covered very poorly: One is centered at
(1,b) =~ (120°,30°) and corresponds to the celestial North pole region, while large parts of the

2 Even though they cover at most half the sky, they are still called "all sky* surveys.
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Table 2.1: Raw number of queried spectra Nypecira fOr each survey/spectrograph and in total. Many
stars were observed multiple times, hence the number of unique objects is actually smaller.

‘ SDSS LAMOST DESI FEROS SPY/UVES X-Shooter ‘ In total
Nypectra ‘ 4,972 10,131 981 961 278 144 ‘ 17,467
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Figure 2.1: Signal to noise ratio (SNR) distribution for the collected sample of spectra. The left
panel shows the overall distribution, while the right panel distinguishes between the different
surveys/spectrographs in different colors. Each histogram contains v/N equally wide bins in the
considered range, where N is the number of data points. This is adopted for all other distributions
of this kind in this work.

Eastern side are empty, corresponding to Earth’ Southern hemisphere. The rest of the sky is fairly
well covered by background sources.

Figure 2.4 shows the Galactic latitude distribution of the sample. The dip at » = 0° correspond-
ing to the Galactic disk is nicely visible and confirms that this study mainly examines the properties
of the interstellar medium towards higher Galactic latitudes. However, Figure 2.4 also shows an
imbalance between the number of background sources on the Northern and Southern Galactic
hemisphere. Unfortunately, this will introduce a little observational bias later on. If this is the case,
it is mentioned at the respective point of this work.

Overall, it can be said that despite the rather exotic nature of hot subdwarf stars, a large sample
of them has been collected to act as background light bulbs to shine through the interstellar medium.
But even though a complete coverage of the sky is desired, this is essentially only the case for Earth’
Northern hemisphere. The contribution from future large spectroscopic surveys, like SDSS-V
(Kollmeier et al., 2017) or 4MOST (de Jong et al., 2014, 2022), is needed to reduce this issue.
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Figure 2.2: Aitoff projection of the distribution of the collected sample of hot subdwarf stars
on the sky in equatorial coordinates (right ascension and declination). The corresponding sur-
vey/spectrograph in the course of which the objects were observed are indicated by different
symbols and colors.
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Figure 2.4: Galactic latitude distribution of the collected sample of background sources. The
left panel shows the overall distribution, while the right panel distinguishes between the different
surveys/spectrographs in different colors. A clear dip can be seen at b = 0° corresponding to the
Galactic disk as well as an imbalance between both Galactic hemispheres.
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Chapter 3
Methods and Tools

For every investigation or analysis a kit of methods and tools is required. Those either already
exist and can be readily used, at most with some adjustments for the specific needs, or have to be
newly developed.

This chapter is devoted to all pre-existing as well as developed methods and tools used in the
course of this work. Those are grids of model atmospheres and synthetic spectra discussed in
Section 3.1, the theory and application of y2-minimization explained in Section 3.2, an extensive
description of self-developed Python programs in Section 3.3, and a spectral energy distribution
fitting routine outlined in Section 3.4. Since the core of the whole analysis was conducted using
the self-developed Python scripts, they are discussed in great detail. Furthermore, they are not only
limited to the purpose of this thesis, but could be of general interest, e.g. for the spectral analysis
of stellar spectra or interstellar absorption lines. Therefore, Section 3.3 can be considered as kind
of manual what the scripts exactly do and how they can be executed and applied to scientific data.

3.1 Model Atmospheres and Synthetic Spectra

Stars produce energy in their interiors by nuclear fusion. This energy is transported from the core
to the surface mainly by radiation and/or convection'. On their way, photons are continuously
absorbed and re-emitted until they reach a layer that is optically thin enough such they can escape
from the star. This layer is by definition the surface of a star and called its photosphere. It represents
the deepest part of the stellar atmosphere, which also comprises the chromosphere, the corona,
and stellar winds. Photons emitted from the bottom of the photosphere can interact with particles
of the outer atmosphere, which for example causes spectral lines. Most of what we can directly
observe from stars are exactly those photons. The result of collecting this light and splitting it into
its constituent wavelengths by a dispersion element is called a spectrum.

To deduce information about the atmosphere of a star, like its temperature, density, or chemical
composition, recorded spectra need to be compared with theory. To this end, model atmospheres
and synthetic spectra are calculated. A model atmosphere reflects the temperature and density
stratification in the outer layers of a star, while a synthetic spectrum represents the emergent flux
from these layers. The construction of those models is briefly outlined in this section. Since the
whole procedure is quite complex, it is focused on the basic principles, which are explained in a
qualitative manner. More quantitative discussions of the physics involved can be found for instance
in Hubeny & Mihalas (2014), Irrgang (2014), Gray (2021), or Dorsch (2023).

3.1.1 Standard Assumptions for Model Atmosphere Calculations

In order to simplify the complex task of model atmosphere calculations, a number of approxima-
tions and assumptions are often made, which are mostly based on the conservation of energy and
momentum:

' Hot O and B stars are mostly radiative.
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* Plane-parallel geometry: The thickness of the stellar atmosphere is usually small compared
to the radius of a star. Hence, the curvature of the star is negligible for the length scales on
which the photon interactions occur.

* Homogeneity: The structure and composition of the stellar atmosphere is supposed to
be homogeneous in each layer, which means there are no variations in radial direction.
Therefore, one single coordinate is sufficient, usually either the dimensionless optical depth
Ty or the spatial z-coordinate, which increases from the interior of a star to its outside and
equals the stellar radius at the surface. However, due to the frequency dependence of 7,
the same value of 7, does not correspond to the same spatial z-coordinate for different
wavelengths.

Stationarity: All time dependent effects, like pulsations, are neglected. The atmosphere is
said to be in a “steady state®.

* Hydrostatic equilibrium: As long as the assumption of hydrostatic equilibrium is valid,
i.e. the outwards directed radiation and gas pressure is in balance with the inwards directed
gravitational pressure, the whole star is in a stationary state. This means the gravitational
acceleration or surface gravity g, which is one of the fundamental parameters of stellar
atmospheres since it is a proxy for the (electron) density, is constant along the stellar surface.
For gradiation > g hydrostatic equilibrium breaks down, leading to a dynamic outflow of stellar
material into the interstellar medium. Therefore, such stellar winds can not be modeled
under this assumption.

» Radiative equilibrium: The absorption and emission of photons in each volume element of
the stellar atmosphere is in balance, which means the energy is conserved for each point. This
directly leads to flux conservation in a plane-parallel geometry and to the Stefan-Boltzmann
law F = osp Te‘lﬁf, where F is the total flux, T¢ the effective temperature, another fundamental
parameter of the stellar atmosphere, and osp the Stefan-Boltzmann constant.

* Local thermodynamic equilibrium (LTE) vs. non-LTE: If the mean free path of photons
is much smaller than the distances over which the temperature changes, thermodynamic
equilibrium can be locally assumed for each layer with roughly constant temperature. This
considerably simplifies model atmosphere calculations. The particle velocities follow a
Maxwell-Boltzmann distribution (Equation 1.13), the ratios of energy level populations of
the same atoms or ions are given by the Boltzmann excitation equation (Equation 1.14), and
the number ratio of atoms or ions of an element in subsequent ionization stages is given by
the Saha ionization equation (Equation 1.15). However, if LTE can not be assumed, which
is often the case for hot and thin atmospheres of early type stars, the Boltzmann and Saha
equations need to be replaced by more general ones, namely the so-called kinetic (statistical)
equilibrium or rate equations (see, for example, Irrgang (2014) or Dorsch (2023)).

3.1.2 Radiative Transfer

The specific photon intensity By (7') emitted from the bottom of the photosphere follows a Planck
distribution, where Vv is the photon frequency and T the local temperature. The radiative transfer
of a photon beam through the stellar atmosphere is governed by the fundamental radiative transfer
equation, which reads

dIV = _Kvlvds+nvds. (31)

Iy is the specific intensity, k, the total (macroscopic) absorption coefficient, sometimes also
called opacity, 1y the total (macroscopic) emission coefficient, and ds an infinitesimal distance
in direction of the solid angle dQ. The ratio of absorption to emission S, = ky, /1y is called the
source function. Now Equation 3.1 can be rewritten to

dr,
06— =I,—-S 3.2
cos g, ~ S (3.2)
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where 0 is the normal angle to the surface and 7, the optical depth, which is a measure of how
opaque a medium is, describing how much light is absorbed or scattered as it passes through. It
decreases from 7, = o in the interior to 7, = 0 at the outer atmosphere of a star. The photosphere
(surface) has 7y ~ 1. Introducing the variable u = cos 0 the emergent specific intensity is given by

Tp=ee 7\ dty
W =0 = [* s (a)ew <u>u (3.3)
_

i.e. essentially by integrating the source function from the interior of a star out to the interstellar
medium. If LTE is valid, the source function is identical to the Planck function: S, = By. The
exponential factor in Equation 3.3 is called the extinction. Finally, the flux F, (7, = 0) of a model
spectrum is given by integrating I,,(t, = 0) over all angles and is typically expressed in the units

of erg cm 25! Al However, this flux can only be determined with detailed knowledge about
the structure of the stellar atmosphere as well as its physical conditions. Furthermore, atomic data
and cross sections for all possible interactions of the photons with atoms, ions, and molecules of
the atmosphere are required.

3.1.3 Hot Subdwarf Model Grids

Usually, the goal is not to calculate only one specific synthetic spectrum, but a whole grid of them,
where every grid point consists of a spectrum for a certain combination of atmospheric parameters.
Then in spectral fits, for example, it can be interpolated between those grid points in order to obtain
a continuous parameter range. Typically, linear interpolation is sufficient.

The two model grids for hot subdwarf stars used in this work were created by many contributors
of the stellar research group at the Karl Remeis-Observatory in Bamberg, mainly by Andreas
Irrgang and Uli Heber, and are regularly updated and extended. Since calculating synthetic spectra
in particular in non-LTE is an expensive numerical task, a hybrid LTE/non-LTE approach was used.
A detailed discussion can be found in Nieva & Przybilla (2007) and Przybilla et al. (2011), who
also show that this method is consistent with pure non-LTE calculations for B-type stars. Three
different codes were applied to compute the model atmospheres and to obtain synthetic spectra:

1. ATLAS12 (Kurucz, 1996): Used to compute the atmospheric structure in LTE.

2. DETAIL (Butler & Giddings, 1985): An updated and extended version of this code is used to
solve the coupled radiative transfer and rate equations in non-LTE. It introduces departure
coefficients from LTE for the emergent flux. In former times, this step was often omitted by
sticking to pure LTE.

3. SURFACE (Butler & Giddings, 1985): Builds upon the results of DETAIL to calculate more
detailed line profiles and returns the final synthetic spectrum in both, absolute and normalized
form?.

The atmospheres of hot subdwarf stars predominantly consist of hydrogen and helium. Hence,
the synthetic spectra include only absorption lines from these two elements, also because usually
almost no metal lines are found in the optical and the H and He lines are sufficient to determine
the atmospheric parameters. However, even if metal lines are not used for the spectral analysis,
metal line opacity has a strong impact on the atmospheric structure through “’line blanketing*
(Hubeny & Mihalas, 2014). Metal lines act as ”blanket* heating up the continuum-forming layers
(’backwarming®) and cooling the layer close to the surface. In general, it is quite difficult to
implement line blanketing in non-LTE calculations, but it is fairly easy to treat it in LTE. Therefore,
the ADS (ATLAS/DETAIL/SURFACE) approach combines the advantages of LTE (fast computation,
treatment of metal line blanketing) with the approximated effects of non-LTE.

. P . . . 2 —1s-1 .
2 ”Absolute” means the shape of the continuum is included and the flux given in units of erg cm~2s~ ' A™", while
”normalized* means the spectrum is divided by the continuum such that it is normalized to unity and only spectral
features like absorption lines are visible.

37



CHAPTER 3. METHODS AND TOOLS

Table 3.1: Effective temperature T, surface gravity log g, and helium abundance logn(He) ranges
of the sdB and He-sdO model grids.

grid ‘ Tt [K] ‘ log g [cgs] ‘ logn(He)
sdB 15,000 to 55,000 4.6t07.0 —5.05 to —0.041
in steps of 1,000 | in steps of 0.2 | in non-uniform steps
5.0t0 6.6 —1.05 to —0.001

He-sdO | 25,000 to 55,000

in steps of 1,000 in non-uniform steps

in steps of 0.2

The two model grids used in this work are the so-called sdB and He-sdO grids. The former one
comprises a wide range of atmospheric parameters for typical sdB stars, while the latter one is
an extension of the sdB grid towards higher helium abundances. The parameter ranges of both
grids are listed in Table 3.1, where logn(He) := logn(He)/n(H) is the helium abundance given as
number density ratio of helium to hydrogen. It can be converted to the sometimes more commonly
used helium abundance logy := logn(He)/n(All) ~ logn(He)/(n(H) +n(He)) according to

In (1071n10gn(He) _ 1)
In10 ’

logy = — (34
which is the number density ratio of helium to all other elements. These two model grids are used
for the entire spectral analysis of this work.

3.2 x?-Minimization

Comparing theoretical models to observations in order to derive physical parameters is a key
principle across all fields of science. A common technique to automatically carry it out using
computer programs is the y2-minimization. Also in this work it is made extensive use of the
method. Therefore, it is briefly discussed in this section how it works and how it is implemented in
the developed Python scripts, which are explained in Section 3.3.

3.2.1 Overview

The aim of y?-minimization is to extract meaningful parameters from observations by finding
the best matching model. Also it allows to assess how well a model fits the data involving the
uncertainties on the data points. In general, it tries to minimize the y>-statistic, which is defined as

N (e 2
xz — Z <)’z f(xl’9)> , (35)

i=1 i

where N is the number of data points, y; the observed data, f(x;; 0) the model function with a set
of fit parameters 6, and o; the uncertainties on the recorded data. Minimizing the x? yields the
parameters 0 that describe the observation best under the given model function. The lower the
x2-value, the better the agreement between model and observed data, but always assuming that the
uncertainties are correctly estimated. The resulting value can then be used further to evaluate the
quality of the fit. If the reduced 2,

x2

— 3.6
NN (3.6)

2
Xred =
where the difference between the number of data points N and the number of fit parameters Ny is
called the degrees of freedom, roughly equals unity, the fit is considered as good and consistent with
the assumed uncertainties. However, if szed > 1, the fit is considered as poor or the uncertainties
are underestimated and if szed < 1, the data is possibly overfitted (the number of data points is
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not sufficient to constrain the model) or the uncertainties are overestimated. From this it can be
seen that it is important to properly estimate the uncertainties on the observed data. Furthermore,
they should be normally distributed. Otherwise, they can bias the fit or lead to invalid conclusions
about the fit results. Common practice is also to fit the data once with the estimated uncertainties,

rescale them with the "noise scale factor nsf = 4/ xzed, and to fit everything again with the updated

T
uncertainties. It can be shown that then the final xfed always equals unity, meaning the resulting
uncertainties are properly estimated, if the model is suited to reproduce the observation. What can
also give conclusion about the goodness of a fit are the y values

yi—f(xi;0)

XN=T (3.7
which are often shabbily called “residuals®, while residuals are in principle just the differences
between the observed and model data points without weighting them with the uncertainties.
However, during the course of this work when saying “residuals®, always the y-values are meant.
Now, if the residuals show unusual high values somewhere, it can either mean that the model is
not sufficient to reproduce the observation there, or hint towards irregularities in the recorded data
in this region. If this is the case, it is possible to increase the uncertainties on these data points
to improve the fit, because they are then weighted less. Of course, it should be taken care that
the uncertainties are always manipulated in a reasonable way such that not just every model can
arbitrarily match the data and result into a good fit. Plotting the data together with the fit as well as
the residuals is always recommended to check the outcome visually.

Finally, to carry the whole minimization procedure out, a fitting framework as well as efficient
minimization algorithms are needed, which are both discussed in the next two sections.

3.2.2 The LMFIT Framework

One flexible and user-friendly open-source Python library for non-linear least-squares minimization
and curve-fitting problems is the LMFIT package® (Newville et al., 2014). Essentially, it is built
on top of the widely used Scipy library (Virtanen et al., 2020), especially scipy.optimize,
but allows for an easier handling of complex fitting tasks and offers several key features. The
first one is the creation of a Parameters object to define the fit parameters with initial values,
bounds (minimum/maximum value), and further constraints. It is even possible to link different fit
parameters via mathematical expressions. Fit parameters can be fixed during the fit or allowed to
vary. Furthermore, it provides a Model class that can wrap user-defined functions into fit-ready
models and supports automatic handling of residuals and > computation. Also a lot of pre-defined
models for common fits (linear, Gaussian, Lorentzian, etc.) are accessible. However, for a better
control and to avoid too many “black boxes®, it was decided to not use the Model class for the
development of the scripts. Instead, an objective function ("’fit function®) is always manually set
up, which calculates or defines the model and computes and returns the residuals according to
Equation 3.7. Both, the Parameters object as well as the fit function are then combined to a
Minimizer object. This Minimizer object is finally passed to the minimization routine with a
selected algorithm (see Subsection 3.2.3) and a FitResult object is returned, which contains
all relevant fit results. Those are, for example, the best-fit parameter values, properly estimated
uncertainties and correlations, and the fit statistics. It also includes a complete fit report that can be
printed out in the terminal to directly check the outcome.

A recommended way of setting up the whole LMFIT framework, which is also preferred in the
developed scripts, is to split all the different steps into distinct functions. One function is of course
the fit function, which needs to be created anyway. Another one is the function that defines the
fit parameters, creates the Parameters object, and combines it together with the fit function to
a Minimizer object. The third one is the “main‘ function that runs the fitting procedure on the
Minimizer object and, for example, structures as well as executes the initial fit, the rescaling of

3 https://Imfit.github.io/lmfit-py/
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the uncertainties, the refitting, and all other steps that might be necessary. However, this is just one
way of structuring it and the LMFIT package offers a great flexibility with lots of possibilities.

Lastly, for every fitting run a minimization algorithm needs to be chosen. It is another advantage
of LMFIT that many commonly used algorithms are already implemented and just need to be
selected in the fitting procedure without the need to change the objective function. Therefore, some
of the most common ones are discussed in the next section.

3.2.3 Minimization Algorithms

A lot of numerical methods have been invented to solve minimization problems, to which also the
x%-minimization belongs. In general, one can imagine the > (Equation 3.5) in dependency on
the set of fit parameters 0 as multidimensional landscape. For instance, if 6 consists of only two
parameters, the landscape is three dimensional with the parameter values as “’sea level ground* axes
and the x7 values as “elevation axis. A lot of hills and valleys, heights and dips arise, which are
technically minima and maxima of the y2-distribution. The task of the minimization algorithm is
to begin from a certain starting point (the initial values) and to search for minima in the landscape,
in the best case the global minimum. Most of them work quite differently, all with advantages
and disadvantages. Some are very efficient, but strongly depend on the choice of initial values,
because they are just capable of finding the next local minimum, while others are very computation
heavy, because they always try to find the global minimum. Some are well suited to properly
estimate the uncertainties on the determined fit parameters, some are not. Hence, depending on the
circumstances of the fitting problem, a proper choice of the minimization algorithm is essential.
The in this work commonly used ones are briefly outlined in the following. However, a lot more
algorithms are implemented in LMFIT and a list can be found on the website.*

* Leastsq (Levenberg-Marquardt): The Levenberg-Marquardt algorithm (Levenberg, 1944;
Marquardt, 1963) is most likely the most commonly used one for fitting problems. It is
implemented with the key word “leastsq* in LMFIT and set as default, if the fitting method
is not specified. It is very fast and efficient, but can easily get stuck in a local minimum, if
the starting point is far from the global best solution. Hence, a decent initial guess is needed
and it is often used when the model is smooth and well-behaved.

» Basinhopping: The "basinhopping* method (Wales & Doye, 1997) is designed to explore
the whole landscape instead of just the area around the starting point. It combines many
local minimization steps with random jumps to escape from local minima. It is useful when
it is likely that the problem has several minima and the goal is to find the best one, the global
minimum. Typically, it is very computation heavy and using it for complex fits with lots of
parameters can become extremely time-consuming.

* Emcee (Markov Chain Monte Carlo - MCMC): The stochastic “emcee‘ method (Metropo-
lis et al., 1953; Hastings, 1970) is strictly speaking no fitting algorithm and actually, does
not perform a fit at all. Instead, it just explores the parameter space around a given solution.
Therefore, it is not suited to iteratively find a solution in the first place, but to properly
estimate the parameter space and uncertainties in a second run, after a solution has already
been found with another fitting method. Moreover, some finetuning is needed to use this
method. In general, MCMC methods use “walkers®, which explore the parameter space in

4 Two more algorithms that were tested during the development of the scripts, but are not used in the end, are Powell and
Nelder-Mead:

* Powell: The Powell method (Powell, 1964) implemented with the key word “powell* in LMFIT is a bit more
robust and can handle more complex shapes of the y2-landscape compared to "leastsq®. However, it is slower
and less efficient, but sometimes more reliable for complex fitting problems.

* Nelder-Mead: Nelder-Mead (“nelder in LMFIT) is another method that can handle complex fitting problems
(Nelder & Mead, 1965). It usually works well even if the x2-landscape is irregular or noisy. However, it is often
slower and less precise, but a good fallback if other methods do not work.
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a certain number of “’steps® to build up a full picture of the distribution (see, e.g., Speagle,
2020). Each walker is an independent chain exploring the parameter space and a proper
number of walkers needs to be chosen. A rule of thumb is to take 2 — 4 times the number of
free parameters, where more walkers lead to a better sampling, but also a longer computation
time. Also the number of steps per walker needs to be specified. Typical values are between
1,000 and 10,000. Additionally, a ’burn® period needs to be chosen. The initial part of the
chains depends on the starting positions and should, thus, be discarded. Usually, 10 —30% of
the total steps are burned. All these settings can be adjusted in LMFIT and when this method
is used later on in the developed scripts, always four times the number of free parameters
is chosen for the number of walkers, a number of 10,000 for the total steps, and a burn of
2,500 steps (25%).

What the fitting routine technically does, is to iteratively call the fit function once and once again
with a different choice of parameters. The chosen algorithm is responsible to decide how this
choice is varied from one call to another in order to minimize the residuals/the y2-statistic. It also
determines, when this goal is reached and the best matching parameters are returned.

3.3 Stellar Python Scripts

This work mainly consists of comprehensive spectral and photometric analyses for a large sample
of stars (Section 2.3). Hence, tools are needed to carry out those analyses. A collection of such tools
has been developed by Andreas Irrgang and is now maintained by Matti Dorsch. All the programs
are written for the data analysis software ISIS® (Interactive Spectral Interpretation System) in
the scripting language SLang® (Houck & Denicola, 2000). One of these programs is a spectral
fitting tool that fits synthetic spectra based on model atmospheres to observed stellar spectra in
order to determine atmospheric parameters (Irrgang, 2014), a procedure that is also central for
this work. However, modifications would have been needed for the purposes here. Therefore, the
idea came up to write own scripts in the more commonly used programming language Python.
This idea has been realized during the course of this work and four main stellar Python scripts
have been developed, which built upon each other. One of them is the script spectral_fit.py
(Subsection 3.3.3) that is comparable to the ISIS spectral fitting tool. A simple script to read
in, process, and display a recorded spectrum is read_observation.py (Subsection 3.3.1). The
script interpolate_in_grid.py (Subsection 3.3.2) reads a selected grid of model spectra and
carries out a multidimensional linear interpolation between grid points, which is needed especially
for the spectral fitting. The last of the four main scripts is ism_analysis.py (Subsection 3.3.4),
which runs a comprehensive quantitative analysis of the interstellar absorption lines present in
stellar spectra. This functionality is not available in the set of ISIS scripts. The script is crucial
for the main aim of this project and actually the most complex and complicated one, because the
outcome of the analysis is highly sensitive to the quality (mainly spectral resolution and signal
to noise ratio) of the given spectrum. Thus, a lot of effort was needed to make this program as
robust as possible by implementing a careful treatment of spectral resolution and noise. The cores
of the four scripts constitute the classes Observation, GridInterpolator, SepctralFit, and
ISM. Before their discussion in the following sections, an overview about their functionality and
interplay is illustrated in form of a flow chart in Figure 3.1.

In general, like the ISIS programs, the stellar Python scripts are developed for the use on a
Linux operation system as installed on the computation cluster at the observatory. All scripts can
be run in the command line and the functionality as well as the usage is explained in the following
sections. Since in particular the fitting of observed spectra with models is very common practice
in stellar astrophysics, all scripts can be found online on the internal observatory gitlab’. For
non-observatory members, they can also be provided upon request.

5 https://space.mit.edu/cxc/isis/
6 https://www.jedsoft.org/slang/
7 https://www.sternwarte.uni-erlangen.de/gitlab/weich/stellar-Python-scripts
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class Observation

Extract data and observational details
from the spectrum file
Apply barycentric correction,

if needed

Compute flux uncertainties

Clean spectrum from bad intervals,
cosmics, and unphysical fluxes
Estimate SNR

Pass data and
spectral resolution
information to the
spectral fitting
routine

class SpectralFit

Setup spectral fitting environment
Normalize observed spectrum with
the use of model spectra

Fit synthetic spectrum to observation
Determine atmospheric parameters

Pass synthetic
spectrum as ISM
continuum to the
ISM line analysis
program

class ISM

Extract and process interstellar line
regions with synthetic spectrum as
ISM continuum

Perform individual Gaussian fits
Measure equivalent widths
Determine global radial velocity
Perform combined Voigt profile fits
Determine interstellar line
parameters

Input:

* 2D spectrum:
Flux over wavelength

* Instrumental and
observational information

Pass combination
of atmospheric
parameters to the
grid interpolation

routine

class Gridinterpolator

Linearly interpolate in model grid
for given set of atmospheric
parameters

Return synthetic spectrum

Pass interpolated
synthetic spectrum
back to the
spectral fitting
routine

Output:

* Atmospheric parameters,
stellar radial velocity,
rotational velocity

* Equivalent widths, ISM radial
velocities, ISM column
densities, Doppler
parameters

Figure 3.1: Overview flow chart for the functionality and interplay between the four main stellar
Python scripts. The input spectrum file containing the wavelength and flux values as well as
instrumental and observational information is read and processed by the Observation class. The
data plus spectral resolution information is passed to the spectral fitting routine SpectralFit.
Synthetic model spectra are fitted to the observation by successively passing different combina-
tions of atmospheric parameters to the grid interpolation routine GridInterpolator until the
best matching combination is found. As part of the fitting process, the observed spectrum gets
normalized. The results are the atmospheric parameters of the observed star, like temperature,
surface gravity, and helium abundance, as well as the stellar radial velocity and the projected
rotational velocity. Finally, the synthetic spectrum is passed to the ISM line analysis tool ISM,
which first extracts and processes the observed spectrum by taking the synthetic spectrum as ISM
continuum. Subsequently, the interstellar line analyses are carried out for the four interstellar
lines, like individual Gaussian fits, equivalent width measurements, the global ISM radial velocity
determination, and combined Voigt profile fits. From the latter one, column densities and Doppler
parameters are derived.
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3.3.1 read_observation.py

The read_observation.py script simply reads the observed two dimensional spectrum (flux
over wavelength) as well as instrumental properties and observational information (object name,
coordinates, time and location of observation, etc.) from the given file, processes the spectrum,
and calculates some important parameters like the signal to noise ratio (SNR) and the uncertainty
on each flux pixel. It contains the class Observation, which provides the functionality and can be
imported and used in other scripts. However, it is also possible to use the script independently, e.g.,
to have a first look at an recorded spectrum. Then several positional and optional arguments have
to be specified in the command line:

» file_path: The path to the file containing the spectrum (positional).
» survey: The survey the spectrum originates from (positional).

e —-wmin: Lower wavelength limit in A (optional, default: 3,000).

e --wmax: Upper wavelength limit in A (optional, default: 9,000).

* --noclean: Disable cosmic ray removal (optional, default: enabled).
* —-show: Show the plot of the spectrum (optional, default: disabled).

* —-save: Save the plot of the spectrum (optional, default: disabled).

The survey argument is of particular importance, because it specifies how the data in the spectrum
file is read. Usually, the spectra coming from spectroscopic surveys are stored in FITS files and
every survey provides them with a uniform structure and observational details in the header. Some
of these information are essential, for example, in order to calculate barycentric corrections. Hence,
the Observation class contains a set of reader functions for many popular spectroscopic surveys
and the survey argument specifies, which reader function is called for the respective spectrum file.
A list of currently implemented surveys can be printed out with the help command (-h or --help).
As example, the command for running the script could look like this:

python3 read_observation.py my_sdss_spectrum.fits SDSS --wmax=7000 --show

With that, the SDSS spectrum my_sdss_spectrum.fits would be read in, cropped to 3000 —
7000 A, and a plot of the spectrum is shown, but not saved.

If a spectrum comes from a survey that is not implemented in the script or the spectrum file
is given in a different format, it is also possible to provide it as ASCII file with two columns
(wavelength and flux). In this case, the survey argument must be set to ASCII and auxiliary data
can be entered in the get_ascii_info function at the top of the script (object name, coordinates,
real survey, resolution parameters, and barycentric correction). Some of these information, like
the spectral resolution, might be crucial for further scripts, for example the spectral fitting routine
(Subsection 3.3.3), and are therefore important to provide. Furthermore, if certain parts of the
spectrum should be excluded for further analysis steps like spectral fits, for instance because of
calibration issues in that region or if certain spectral lines should be clipped, a list of wavelength
tuples can be defined in the get_bad_intervals function, which are then cut out from the
spectrum. This function is also found at the top of the script.

In the following, the different steps of the script are described in more detail. First, the respective
reader function is called. It reads the header information, calculates Galactic coordinates from the
given equatorial coordinates and extracts the observed wavelength and flux values. If necessary,
the wavelength grid given in vacuum is transformed to the corresponding wavelength grid in air.
For this transformation the equation from Morton (2000) is used. Moreover, the spectral resolution
parameters are computed or defined for the respective spectrograph of the survey and a barycentric
correction is applied if needed. In a next step, the uncertainty on each flux pixel is determined. For
this purpose a function is used that was provided by Matti Dorsch and is based on the technique
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from Stoehr et al. (2008). Then, the whole spectrum is cropped to the range defined by wmin and
wmax and all unwanted intervals given in the get_bad_intervals function are clipped. Next, the
spectrum is checked for unphysical negative flux values and substitutes those with the median
of the 10A neighborhood (in each direction). Also, cosmics® or unusual high noise peaks are
identified and set to the median of the neighborhood of that pixel as well, if not disabled by the
user with the noclean argument. The criterion for the detection of a cosmic is if a flux value
exceeds the 30 range of the direct neighborhood. Note that the script was mainly developed for
stellar absorption line spectra. Hence, if dealing with an emission line spectrum, the cosmic ray
removal must be disabled. Otherwise, emission lines might be identified as cosmics and removed
from the spectrum. Finally, after the spectrum is fully processed and cleaned, the SNR is estimated.
For this, the flux over flux uncertainty ratio is calculated for each pixel of the spectrum and the
median of all these ratios is taken as average value for the SNR. Here, it should be kept in mind
that this really only gives a rough estimate of the overall SNR of the spectrum. Typically it is not
constant, but varies with wavelength across a spectrum. In the optical, it is for example often much
higher at the red end than at the blue end.

3.3.2 interpolate_in_grid.py

The script interpolate_in_grid.py contains the class called GridInterpolator. It reads
the selected grid of synthetic spectra (e.g., one of those described in Section 3.1) and linearly
interpolates between the grid points to generate a model spectrum for a given set of atmospheric
parameters. Usually, the chosen type of interpolation should depend on the spacing between
the grid points. While polynomial or spline interpolation is more precise, it is also much slower
than linear interpolation. For close meshed grids as those fore the hot subdwarf stars, however,
linear interpolation is sufficient. Again, the functionality of the GridInterpolator class can be
imported and implemented in other scripts as well as used independently. For example, it is one
of the core ingredients in the spectral fitting routine described in Subsection 3.3.3. If it is used
independently, the following positional and optional arguments can be specified:

* grid: The model grid to be interpolated in (positional).
* —-norm: Generate a normalized spectrum (optional, default: disabled).
* —-show: Show the plot of the spectrum (optional, default: disabled).

» --save: Save the plot of the spectrum and a table containing the wavelength and flux values
(optional, default: disabled).

Here, the grid argument defines the used model grid and again, a list of currently implemented
grids is available when calling the help command (-h or -help). In principle, all grids can be
used that have the same structure as those, which are already implemented and just the path to
the grid needs to be added in the script. If the norm argument is given, the generated model
spectrum will be normalized. Additional to the arguments in the command line, the atmospheric
parameters (temperature, surface gravity, metallicity, helium abundance, and microturbulence) need
to be adjusted in the get_input_values function at the top of the script. Then, the interpolated
spectrum will be the model spectrum for exactly those atmospheric parameters. More details about
the interpolation routine can be found in Section B.1.

3.3.3 spectral_fit.py

The script spectral_fit.py with the class SpectralFit fits model spectra to recorded ones
in order to determine the atmospheric parameters of the observed star. To this end, it needs
both classes of the previous scripts, the Observation class to read in the observed spectrum and

If cosmic high energetic charged particles (“cosmics*) hit the detector during exposure, they cause a feature similar no
an emission line in the spectrum.
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to derive instrumental and observational information like the spectral resolution as well as the
GridInterpolator class to interpolate between the grid points. Furthermore, it uses functions
of the two side scripts plot_results.py and generate_results.py to generate proper output
that is suited for further processing. The positional and optional arguments are just a mix of those
for the previous scripts and thus, do not need further explanation:

» file_path: The path to the file containing the spectrum (positional).

* survey: The survey the spectrum comes from (positional).

» grid: The model grid to be fitted to the observation (positional).

e --wmin: Lower wavelength limit in A (optional, default: 3600).

o ——wmax: Upper wavelength limit in A (optional, default: 7200).

* --noclean: Disable cosmic ray removal (optional, default: enabled).

» --show: Show the plot of the spectral fit (optional, default: disabled).

* —-save: Save the outcomes of the spectral fit (optional, default: disabled).

Note that the default wavelength range changed to properly cover the Balmer jump in the blue
regime of the spectrum without taking too much of the often noisy parts at shorter wavelengths
into account and to cut the spectrum at the red end of the optical band. These two wavelength cuts
are actually very important. On the one hand, recent investigations in our working group have
shown that spectral fits, which do not cover the whole Balmer series of the photospheric absorption
line spectra, might lead to systematic uncertainties in the atmospheric parameters (especially the
surface gravity). On the other hand, hot subdwarfs do not contribute with a lot of flux in the near
infrared such that the Paschen series (additionally weakened by pressure ionization of hydrogen) is
often swallowed by noise and blended with telluric lines®. Of course, if the spectral coverage of a
certain spectrum does not range down to the Balmer jump or up to the red end of the optical, the
upper and lower wavelength limits are given by the edges of the observed spectrum. Additional to
the get_bad_intervals and get_ascii_info functions (see Subsection 3.3.1), there are two
more functions at the top of the script that can be adjusted by the user to change the fit settings:
setup_fitting_parameters and setup_cspline_anchorpoints. In the first one, the initial
values for the fitting parameters can be set up as well as the setting, which parameters should be
varied and which one stay frozen during the fitting procedure. In the latter one, the anchor points
for the spline (continuum) fitting can be adjusted, which are important for the normalization of
the spectrum. The normalization procedure is explained in more detail in Section B.2 and below.
Overall, a command for running the fit of a sdB star model to an observed SDSS spectrum could
look like this:

python3 spectral_fit.py my_sdss_spectrum.fits SDSS sdB --save

As output (if requested), the program generates a multi-page PDF showing a plot of the spectral
fit (Figure 3.2), a CSV table containing the fit results, and a PDF summarizing the fit results
(Figure 3.3). The plot consists of three panels, the upper panel showing the original spectrum
together with the continuum fit, the mid panel showing the normalized spectrum together with the
spectral fit, and the lower panel showing the residuals of the fit.

Since the SpectralFit class is one of the core methods used in this work, it is explained
step by step and in more detail than the previous scripts in the following. After the observed
spectrum is read in and processed with the Observation class, it is passed to SpectralFit
together with the positional and optional arguments as well as the parameter settings and the
spline anchor points. Then everything is implemented in a LMFIT framework as described in

Telluric lines are caused by atoms and molecules in the Earth’ atmosphere and are predominantly located at longer
wavelengths.
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Section 3.2, consisting of the main function fit_spectrum of the class, the get_minimizer
function setting up a Minimizer object for the fitting routine, and the actual fit function £it_func.
While the main and the fit function are discussed below, the setting up of the Minimizer object by
get_minimizer is outlined in Section B.2.

The Fit Function fit_func

The fit function fit_func includes all the relevant steps for the fitting process and is later on
called once and once again, until the residuals of the fit are minimized and the best matching
model has been found. First, the Parameters object included in the Minimizer is read in and
the x- and y-values of the anchor points for the normalization are passed to a spline interpolation
routine. In principle, multiple such routines are implemented in the script, but as default the
InterpolatedUnivariateSpline!? object from the scipy library scipy.interpolate is used
to calculate a second order spline as continuum estimate. Then, after checking that the spline
interpolation did not return unphysical negative values (which might happen, if measured flux
values are close to zero), the normalization is carried out by dividing the observed spectrum by
the continuum estimate. As soon as this is done, the GridInterpolator class is initialized with
the selected model grid and the atmospheric parameters. The wavelength grid of the synthetic
spectra is extracted and a radial velocity shift is applied using the Doppler formula. Next, the actual
normalized!' model spectrum is calculated by carrying out the multidimensional interpolation
within the grid (see Subsection 3.3.2). Of course, the resolution of the synthetic spectrum is in
general higher than the resolution of the observed spectrum and effects like instrumental broadening
and stellar rotation are not considered yet (see Subsection 1.4.3). Therefore, on the one hand the
model needs to be resampled to the observation conserving the strength and shape of spectral
lines, and on the other hand a convolution of the model with the instrumental profile as well as the
rotational broadening needs to be executed. To this end, the function convolve_single_simple
is used, which was provided by Matti Dorsch and is a wrap-around of a function originally written
by Natasa Dragovic, Andreas Irrgang, and Simon Kreuzer in C. It is implemented this way, since
it is computationally demanding and can be ran much faster in C than in Python. As arguments,
it takes the wavelength grid of the model, the synthetic flux values, the resolution parameters
(resolution slope and offset, see Subsection 1.4.1), the projected rotational velocity, as well as
the wavelength grid of the observation and returns the modified model spectrum. If dealing with
very high resolution spectra, it can still happen that the spectral resolution is higher than that of
the models. In this case, the resulting synthetic flux values from convolve_single_simple are
interpolated to the observed wavelength grid. Finally, the residuals are calculated by taking the
differences between the normalized flux values of the observation and that of the model, weighted
by the normalized flux uncertainties of the recorded spectrum (Equation 3.7). These residuals are
then checked for finiteness and returned by the function.

The main function fit_spectrum

The main function fit_spectrum of the SpectralFit class structures and executes the whole
fitting process in three stages. Before running the first fit, the Minimizer object is created by
calling get_minimizer (see Section B.2). Then, the first whole fitting run is executed employing
the commonly used Levenberg-Marquardt least-squares ("leastsq“ in LMFIT, see Section 3.2)
minimization algorithm. This means, the fit function fit_func is successively called again with
varying fit parameters until the best matching model has been found, where the residuals are
minimal. The fit results and statistics are printed out in the terminal and collected in compact
form by the function get_fit_params. In the second stage, the flux uncertainties, which play a

10 htps://docs.scipy.org/doc/scipy/reference/generated/scipy.interpolate.InterpolatedUnivariateSpline.html

1Tt is important that the normalized version of the synthetic spectra is taken, because otherwise the shape of the continuum
of the observed spectrum would contribute to the atmospheric parameter determination, mainly to that of the effective
temperature. However, observed spectra are often not absolute flux calibrated, which means the shape of their continuum
is not properly reflecting the energy output of the star.
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Figure 3.2: Example multi-page plot of a spectral fit showing the original spectrum plus continuum
estimate in the upper panel, the normalized spectrum with spectral fit in the mid panel, and the
residuals of the fit in the lower panel. There are two gaps present in spectrum, because the
spectrum comes from the SPY survey recorded with UVES (Subsection 2.2.5) and those spectra
were recorded on three CCD chips. The synthetic spectra hold hydrogen and helium lines only.
The sharp absorption lines, which are both not modeled, are from metals in the atmosphere or from

interstellar material.
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the recorded object and spec-

Right ascension 85.27796° trum are given as well as the
Declination ~42.75886"  jetermined atmospheric param-
Galactic longitude [ 248.64021° eters and fit statistics (the re-
Galactic latitude b -30.46122°  duced chi squares of the three
Survey /spectrograph SPY fitting stages and the noise scale
Estimated SNR 22.2  factor as explained below). It is
Effective SNR 21.9  also noted, which fit parameters
Spectral fit were varied during the fit and
Model grid B which ones were frozen (fixed).
Resolution offset R = A/A\ (fixed) 20000
Resolution slope 1/AM (fixed) 0.000 A—*
Projected rotational velocity vsin(i) 3+1kms™!
Effective temperature Tog 23381+ 79 K
Surface gravity log(g (cms™2)) 5.615£0.009
Microturbulence ¢ (fixed) 0 kms™!
Metallicity z (fixed) 0.00 dex
He abundance log(n(He)) -3.784 £ 0.063
Radial velocity vpaq 41.8+1.1 kms™!
X?ed,() 1.132
X?cd,initial 1.021
chd,ﬁnal 1.000
Noise scale factor 1.011

crucial role in the fitting process as weighting factors for the residuals (Equation 3.7), are locally
increased in regions of uncertain fluxes. It is checked, where the residuals of the first fit are larger
than three (30 clipping) and the corresponding flux uncertainties are increased by a factor of
five. In general, this can be the case for artifacts or other irregularities in the observed spectrum,
but also for real features that are not included in the model spectrum like interstellar spectral
lines or photospheric metal lines. By rescaling the uncertainties of such flux pixels, they have
a lower weight such that they become less relevant than the well behaving ones for the fitting
process and the atmospheric parameter determination. After rescaling, another full fitting run is
carried out using the fit parameters from the first run as initial parameters as well as the updated
flux uncertainties. In the beginning of the third stage, the flux uncertainties are rescaled globally
with the so-called noise scale factor, which equals the square root of the reduced chi square (see
Section 3.2) from the previous fitting run. All flux uncertainty values are multiplied with this
factor such that the next run results in a proper fit with a reduced chi square of unity. Technically,
this step compensates the effect of initially over- or underestimated uncertainties on the recorded
data as described in Section 3.2. Afterwards, these updated flux uncertainties are used to refit
the observed spectrum three times, always with the fit parameters from the previous run as initial
values, respectively. As last step, the effective SNR is calculated analogously to Subsection 3.3.1,
but using the rescaled flux uncertainties.

Overall, it can be said that this fitting routine works robustly and efficiently to derive decent
atmospheric parameters for various stellar spectra. However, since the Levenberg-Marquardt
algorithm is used for all fitting runs, one could think about varying and switching the algorithm
during the fitting process. Several other methods, for instance the Powell or Nelder-Mead algo-
rithms (see Section 3.2) would be possible. In fact, this was tested when developing the script,
but it was realized that other algorithms on average take much longer than the very efficient
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Levenberg-Marquardt one. Also, the resulting mean values for the atmospheric parameters did
in most of the cases not change anymore after multiple fitting runs, even when switching the
fit method. Moreover, the derived statistical uncertainties on the fit parameters were sometimes
unrealistically low with other algorithms. Therefore, primarily for the sake of efficiency, it was
entirely stick to the Levenberg-Marquardt method in this script.

3.3.4 ism_analysis.py

A central part of this work is to analyze interstellar absorption lines, which are often present in the
spectra of stars. The script ism_analysis.py with the class ISV, is an extension of the spectral
fitting routine (Subsection 3.3.3) that also investigates and fits these interstellar absorption lines,
which are, of course, not part of the model atmospheres. Thus, it takes exactly the same positional
and optional arguments as spectral_fit.py and the same functions can be found at the top of
the script to adjust the settings. In addition, the optional argument csm can be given. Then the
radial velocity of the ISM lines is fixed to that of the star with a small buffer to actively search
for circumstellar material (CSM, see Subsection 1.3.2 and Chapter 6). The fit parameters for the
interstellar lines (column densities, Doppler parameters, and radial velocity, see Subsection 1.4.4)
can be defined in the setup_ism_fitting_parameters function also at the top of the script.
Unlike for the spectral fitting script, if here the show argument is given, not only the final result
plots are shown, but also intermediate results. Since the whole analysis is highly sensitive to the
quality of the recorded spectrum, this can be helpful to find the error sources, if something does
not behave as expected. The command to run the script could, for example, look like this:

python3 ism_analysis.py my_sdss_spectrum.fits SDSS sdB --save --show

Then, first the spectral fit of the sdB model grid to a recorded SDSS spectrum is carried out
according to Subsection 3.3.3, the ISM flux is calculated by taking the synthetic spectrum as
continuum, the interstellar line regions are extracted and re-normalized, all ISM lines are analyzed
individually, a global radial velocity for these lines is determined, and finally, a combined Voigt
profile fit to the lines is run to find column densities and Doppler parameters from their line shapes.
Since almost all results characterizing the interstellar medium in this work come from this program,
all the individual steps are described in detail below. As output (if requested), several results plots
are generated (Figure 3.6, Figure 3.8, and Figure 3.9) and the summary PDF of Figure 3.3 as well
as the CSV table are extended with the results from the ISM analysis (Figure 3.10).

ISM Flux Calculation and Re-Normalization

The first step is to calculate the ISM flux and extracting as well as re-normalizing the regions
around the interstellar absorption lines, which is all carried out by the function get_ism_f1lux.
The four ISM lines that can be typically found in the optical are the Call H&K lines and the
Nal D1&D2 lines as described in Subsection 1.2.2. To properly analyze them, they need to be
clearly distinguished from photospheric lines. One advantage of using the spectra of hot subdwarf
stars is that they are in most cases quite simple, only showing hydrogen and helium lines. Hence,
this distinction is often not a big issue. However, one of the lines, the Call H line at ~3968 A,
is usually heavily blended by the prominent He Balmer line at ~3970 A. To solve this issue, the
synthetic spectrum from the spectral fit is taken as ISM continuum and removed from the spectrum
by dividing the normalized observation by it. This procedure is visualized in Figure 3.4. The same
is done for the flux uncertainties and in both cases all resulting pixels are checked for finiteness.
As next step, the 10 A regions around the rest wavelengths of each ISM line are extracted. It is
also checked if the respective regions are covered by the given spectrum. If not, these regions are
no longer considered for the further course of the analysis. Now, even though the flux already
got normalized during the spectral fit, the normalization procedure there might sometimes not
account for local offsets due to the spacing of the anchor points. Therefore, simple Gaussian fits
with linear background are carried out to each line region in order to re-normalize them using the
modeled background. The only constraints on the Gaussians here are that they should represent

49



CHAPTER 3. METHODS AND TOOLS

Figure 3.4: The principle of the
ISM flux calculation. The syn-
thetic spectrum shown in red in
the upper half of the figure is
taken as ISM continuum to divide
the observation (black) by it. This

He
Hel
\ / \ results into nicely isolated inter-
J stellar absorption lines as shown
D2

line. Also shown in red is a fit to
the four ISM lines, which will be
discussed later on as well as why
the line cores are sometimes not
properly modeled.

e
in the lower half. In particular,
it solves the heavy blend of the
Call H line (the tiny line at the
tip of He) with the He Balmer
CallH |

CallK

Nal D1

Nal

absorption lines rather than emission lines and their width o is fixed to a reasonable range between
the spacing of the wavelength pixels as lower limit and 2.5 A as upper limit. While in some cases,
especially if the interstellar lines are weak, it can be difficult for the program to automatically
identify the lines as explained in the next paragraph, here this problem is actually not important.
The only relevant issue is the linear background, which is properly modeled even if the Gaussian
fit was applied to some prominent noise peak instead of a real line. Hence, these constraints on the
fit are sufficient and for simplicity the scipy.optimize.curve_fit!? function from the Scipy
library is used to carry out the fits instead of setting up a whole LMFIT framework. For each Call
line a single Gaussian is fitted, while for the two Nal lines a double Gaussian is used because
of their proximity. Then finally, each line region is divided by its linear background in order to
re-normalize it. Next, “cosmics® (or rather unusual high noise peaks or artifacts) are removed
similarly to Subsection 3.3.1. Here, the SNR of each region is estimated and all flux values above
the 30 noise level are set to unity. This can be important, because strong noise peaks or artifacts
next to a line might disturb its equivalent width measurement as described in the next section. In
the end, if the show argument is given, two plots of the outcome of this function are shown as
intermediate results (Figure 3.5).

Individual ISM Line Analysis - Constrained Gaussian Fits

Now, after the interstellar line regions are extracted and processed, the aim is to measure as many
parameters of these lines and properties of the material they originate from as possible. However,
to carry out all measurements in one step, a lot of information needs to be contained in each
spectral line. Unfortunately, there are several factors that limit the amount of spectral information,
mainly the spectral resolution and noise. The higher the resolution and SNR, the easier it is for
the program to derive the parameters describing the line. But the lower both quantities are, the
less reliable the measurements become. Since it is dealt with various kinds of spectra of different
quality in this work, which are mostly of low resolution (see Section 2.3), the needed amount
of information is often not given. Therefore, the measurements were divided into several steps
to make them more robust, beginning with an individual analysis of each line carried out by the
function run_single_line_analysis. Its aim is to reliably identify each line or rather check
whether a line is present at all, fit its Gaussian properties (amplitude, FWHM or AA, and radial
velocity), and to compute its equivalent width. To this end, Gaussian fits are set up using the
LMFIT framework with a proper fit function and a function to create the Minimizer object. But as
described further below, due to the limited amount of spectral information even in higher resolution

12 https://docs.scipy.org/doc/scipy/reference/generated/scipy.optimize.curve_fit.html
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Figure 3.5: Upper left panel: Single Gaussian fit with linear background to the Call H line.
A small slope is visible in the background. Upper right panel: Comparison between the re-
normalized flux and the original flux of the Call H region. A small shift is visible on the right.
Also a noise peak in the middle got removed. Lower left panel: Double Gaussian fit with linear
background to the Nal D1&D?2 lines. Lower right panel: Comparison between the re-normalized
flux and the original flux of the Nal D1&D2 region. A strong artifact often visible at this position
in SPY spectra was excluded at the right.

spectra, it is here not possible to include the convolution with the instrumental profile in the fit.
Hence, prior knowledge is needed to find proper initial values and constraints for the fit parameters
in dependency on the spectral resolution. In general, the simple Gaussian absorption line profile

N 2
f(A)=1—A-exp (—Mzcy) (3.8)

is fitted to the normalized lines, where A is the amplitude (depth), Ay the position of the line center,
and o the width of the lines. However, both the amplitude and the width are just the apparent
properties of the lines after getting smeared out by the instrumental broadening. Thus, initial
values as well as fit limits are calculated based on the observed spectrum.

To estimate the amplitude, it is started with one minus the lowest flux value (1 — fi,i,) within a
region of 3 A around the line’s rest wavelengths. However, this value is never allowed to be smaller
than half the noise level, i.e. the amplitude should exceed average noise peaks. For instance, in the
upper left panel of Figure 3.5 the minimum flux is about 0.7, which gives an initial amplitude of
0.3 (a 30% decrease in flux). The allowed range for the amplitude is set to 20% of this initial
value, but it is always kept between half the noise level (as a lower limit) and 1.0 (a full 100% flux
decrease) as an upper limit.

More complicated is the estimation of the width of the lines. In principle, every line has
an intrinsic width mainly depending on the temperature and the density of the material (see
Subsection 1.4.3). Measurements of the Doppler parameter b of interstellar Ca Il H&K and Nal
D1&D2 lines (see Subsection 1.4.4) based on very high resolution spectroscopy have shown that
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their values are usually in the range of 0.5 — 3.5kms~! (Welty et al., 1994; Redfield & Linsky,
2002; Welsh et al., 2010). However, these results are based on observations of very close-by
objects (a few hundred pc) and even there a tail towards b ~ 7kms~! is found that is explained by
multiple unresolved ISM components. In this work, most of the stars are much more distant up to
several kpc. Therefore, high b values can be expected. Converting these widths given as Doppler
parameters b to AA results in an intrinsic width of about 0.1 — 0.2 A for the interstellar lines
and a value of 0.15 A is chosen here. Now, the lines are additionally broadened by instrumental
broadening, which depends on the spectral resolution. The spectral resolving power is given by
R(A) = A/AA and hence, the minimal width of a spectral line due to instrumental broadening is
AA = A/R(1). Both widths add up quadratically to the observed total width of a line:

AA{otal = \/A)’iistrumental + A/’Li%nrinsic (3.9)

S0 Adipstrumental 18 calculated for each line from its rest wavelength and the spectral resolution of
the spectrum before the fit is carried out. Then AAiy,1, Which corresponds to the full width at
half maximum (FWHM) of a line, is taken, converted to a Gaussian width according to Ay, =
24/21In2 - o, and used as initial value for the fit. As lower limit the pure AAinstrumentar 1S used and as
upper limit the Ay, corresponding to 3 - Adjnginsic- Here it can be seen that for low resolution
spectra (R ~ 2,000), the AAinstrumental 1S On the order of ~2.5 10\, which means the line shape is
completely dominated by instrumental broadening (see, for example, Figure 3.11).

Fitting the radial velocity (shifted position Agy) of the lines is actually also not trivial. While the
velocities of the ISM are usually small (|vraasm| S 30 km s~1), they can in extreme cases range up
t0 [Vrad,1sM| 2 100 km s~ !, for example for so-called high-velocity clouds (Wakker & van Woerden,
1997). Thus, the fit limits should not be chosen smaller than 200 km s~'. But when testing the
fitting procedure, some difficulties appeared, in particular for noisy spectra with weak ISM lines. If
the usual Levenberg-Marquardt algorithm is used, it can happen that it gets stuck in local minima
before finding the right line. Therefore, other fitting algorithms were tested that are more suited to
find the global minimum. In the end, the “basinhopping* method (see Subsection 3.2.3) has proven
to be the best choice even though it is more computationally demanding. On the other hand, when
using this algorithm, the real lines can get confused with other features at high radial velocities,
since right now higher radial velocities are considered as likely in the fit than lower ones within the
allowed range. So the idea came up to somehow manipulate the fit utilizing the prior knowledge
on the radial velocity distribution of the ISM. This is realized by adding the artificial penalty term

<Vd—Vdp>2 (3.10)

AViad prior

to the residuals of the fit function, where vp,q is the fitted radial velocity, Viad prior the initial value
of the radial velocity, i.e. the value given by the user in the setup_ism_fitting_parameters
function (usually Viag prior = 0 km s 1), and AViad prior the 10 dispersion of Viad prior- FOT Aviad prior
a value of 60kms~! was chosen in consistency with the allowed radial velocity range and with
tests of the script on spectra with high radial velocity lines. However, it is just an arbitrary value
that seemed to properly work and does not reflect any physical velocity dispersion of the ISM.
Now, if the fit wants a high radial velocity, the penalty term artificially increases the reduced x>
such that it tends to find a lower radial velocity, i.e. another line position and hence a different line,
in the minimization process, unless the high radial velocity is indeed by far the best match. Due
to the high dispersion value, the fit should also not get biased too much. It just ensures that the
program prefers lines at low radial velocities, which are more likely real, instead of noise peaks at
high radial velocities in the case of weak ISM lines or very noisy spectra.

As last refinement of the fit, the model (Equation 3.8) is defined on a wavelength grid corre-
sponding to a spectral resolving power of R = 50,000 and resampled to the wavelength grid of the
observation. Since the convolution of the model with the instrumental profile is not possible, this
step is executed to conserve at least some information that gets lost due to instrumental broadening,
especially when working with low resolution spectra. For the calculation of the model wavelength
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grid a function provided by Matti Dorsch is used that gives a properly sampled grid for a specific
resolution. It uses a slightly higher sampling of 2.7 instead of 2 suggested by the Nyquist criterion,
which is in general not sufficient (Robertson, 2017). The resampling is carried out using a Fortran
function implemented in Python and provided by Matti Dorsch as well, which is based on Carnall
(2017).

Finally, taking all these adjustments into account, the Gaussian fits are carried out on each ISM
line. One disadvantage of the ”basinhopping® algorithm is that it often can not properly estimate
the uncertainties on the fit parameters. Therefore, the results are used to refit the lines with the
Markov Chain Monte Carlo (MCMC) method “emcee® (see Subsection 3.2.3, also for the needed
settings of this method), which is capable of properly estimating the parameter space, if the mean
values of the fit parameters are already decently determined. This whole procedure shows how
complex even simple Gaussian fits can become. In the end, reliable amplitudes, FWHMs, and
radial velocities are obtained for each of the ISM lines, which are also needed for the subsequent
equivalent width measurements.

Individual ISM Line Analysis - Equivalent Width Measurements

The next step of the run_single_line_analysis function is to measure the equivalent width
of each line and its uncertainty, which is another valuable parameter describing the strength of a
spectral line. In general, it represents the width of a rectangle with a height equal to the continuum
that has the same area as the spectral line itself and is conserved under instrumental broadening.
When dealing with normalized spectra as here, the equivalent width is in principle directly given
by the intensity (covered area) of the Gaussian fit. However, the line shape needs to be well
reproduced by that Gaussian to estimate the equivalent width properly, which is often hindered
by partly resolved multiple ISM components (see the right panel of Figure 3.6 or Figure 3.7),
in particular for high resolution spectra. A second possibility to derive equivalent widths is to
integrate over a spectral line. But then, the question is the chosen integration range, especially
since the apparent width of the lines varies with spectral resolution as depicted in Figure 3.11.
A good choice seems to be the 5o Gaussian width as measured before. Then, the integration
range is broad enough to account for all close-by ISM components and the influence of noise at
the edges of the lines or the surrounding continuum should be averaged out. Only for very low
resolution spectra the proximity of the NaI D lines can become a problem, because the integration
ranges might extend from one line to the other, which would lead to a heavy overestimation of the
equivalent widths. To avoid this issue, the integration range for the Nal D1&D2 lines is capped
to 3 A around the line center, respectively. The actual integration is executed using the function
simpson'® from the scipy.integrate library, which applies a numerical integration according to
the Simpson’s rule to one minus the observed flux. To measure the equivalent width as precisely
as possible a Monte Carlo run with 10,000 samples is carried out considering the uncertainties
on the flux values. As mean value of the equivalent width the median of these samples is taken
and as uncertainty the standard deviation'*. Of course, if the integration is applied on multiple
ISM components, the result does not represent the strength of a single spectral line as usual. The
value will be inflated, which can also be seen in Figure 3.6. Still, it is a good proxy for the total
amount of intervening interstellar material. Important is that there are no pronounced noise peaks
or artifacts next to a line, which is why at least those in upward direction are removed by the
get_ism_flux function. If, for example, an artifact like in the lower panels of Figure 3.5 is within
the integration range of the equivalent width, the resulting value can easily become negative.
Finally, the quality of the analysis has to be evaluated. Also, not all stellar spectra will show
interstellar absorption lines. If a star is close-by or located in a direction with little intervening
interstellar material in the line of sight, ISM lines can be very weak or not present at all. Or Call
lines are visible and Nal ones are not (or vice versa). Therefore, criteria have to be found to

13 https://docs.scipy.org/doc/scipy/reference/generated/scipy.integrate.simpson.html
141n the future, the confidence interval might be replaced by more sophisticated quantiles (see Appendix A) instead of the
standard deviation.
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Figure 3.6: Left panel: Example results plot of the run_single_line_analysis function.
Depicted is the observed flux in black, a Gaussian fit to the ISM line in blue, the integration range
for the equivalent width in red at the height of the continuum, the apparent FWHM in green at
half the height of the line, and the residuals of the fit. Also given are the measured values of the
equivalent width, radial velocity, and FWHM. Right panel: Same plot as in the left panel, but for a
spectrum, where at least one additional ISM component is clearly visible. The full set of lines is
shown in Figure 3.7. Note the different scale of the y-axis and the considerably higher equivalent
width compared to the left plot.

check if the detected and analyzed lines are real. When inspecting spectra visually ("by eye®), we
recognize spectral absorption lines if the flux drops below the surrounding continuum and/or if a
feature is broader than average noise peaks. Hence, suitable criteria seem to be that the amplitude
has to clearly exceed the noise level or the equivalent width has to exceed a certain threshold.
When testing the function, a threshold of 0.04 A was established, in consistency with a minimum
measurable equivalent width of ~0.01 A in decent quality high resolution spectra. Only if at least
one of the both criteria is fulfilled, the detected ISM line is considered as real and all measured
quantities are returned by the function. Lastly, depending on the choice of the show and save
arguments, results plots like in Figure 3.6 are shown and/or saved for each ISM line region.

Global Radial Velocity Determination

When there are multiple interstellar lines present in a spectrum, they are expected to originate from
the same interstellar cloud and hence, should show the same radial velocity. While previously
the radial velocities have been determined individually for each ISM line, now the aim is to find
one uniform global ISM radial velocity, just like for the stellar radial velocity determined from
shifting the whole spectrum of photospheric lines. To this end, a LMFIT framework is set up,
which tries to derive this global radial velocity from the results of the single line analyses. A
Gaussian model is defined, which takes the parameters (amplitudes and FWHMs) from before as
fixed parameters and the radial velocity as only free fit parameter. As initial value the mean of
the individually determined radial velocities is taken and as limits the minimum/maximum value
of the set of radial velocities from before +£20km s~!, respectively. This choice of fit limits has
been established while testing the script, because on the one hand it reasonably constrains the fit
and on the other hand it permits enough freedom to account for the possibility that the individual
line analyses detected lines from different fully resolved ISM components with different radial
velocities. Unfortunately, this can happen in the rare cases of high resolution spectra with two
or more fully resolved and almost equally strong components arising from multiple intervening
interstellar clouds. If one component is much stronger than the other one, the fitting routine from
before will prefer this one and that issue does not appear. By using these settings here, at least the
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Figure 3.7: Example full set of ISM lines with multiple partly resolved components.

radial velocity of one component, most likely the slightly stronger one, will be reliably determined.
In turn, this means that in these rare cases the individual measurements do not necessarily belong
to this component. But if this problem occurs, it is clearly visible from the different individual
radial velocities of the ISM lines.

However, in most of the cases the global radial velocity determination procedure will allow
for an unproblematic and precise measurement of the ISM velocity. In general, the precision
is increased by a factor of 2 — 3 compared to the individual radial velocities, depending on the
spectral resolution, and also the reliability is improved. For instance, in the very low resolution
case the radial velocities from just one spectral lines are often accurate to only 30kms~!. By
taking all four interstellar lines into account, the uncertainty in most cases decreases to about
10kms~'. In the high resolution case, the uncertainty is on average reduced from about 1 kms~!
to about 0.5kms~!. The fits are again carried out using the “basinhopping** algorithm for the
same reasons as before, followed by another run using the “emcee* algorithm to properly estimate
the parameter space. Unlike before, no prior on the ISM radial velocity is implemented as it is
already well constrained. Depending on the choice of the show and save arguments, an output as
in Figure 3.8 is generated. All four interstellar line regions are shown with exactly the same scale,
such that the global radial velocity measurement can be checked. The plot can also serve as easy
comparison between the shapes of the different lines.

Combined Voigt Profile Fits

In the previous steps, the interstellar line regions have been extracted and processed, it was checked
if ISM lines are present and at which radial velocity, and Gaussian fits have been executed as well
as an equivalent measurement. While the first parts are a requirement for further investigation
of the lines, the latter ones give first results describing their properties. However, no theory has
been put into the analysis yet. The amplitudes and FWHMs are just the apparent ones that highly
depend on the spectral resolution of the observed spectrum and equivalent widths are a good proxy
for the overall strength of a spectral line, but do not directly give a conclusion about the properties
like temperature or density of the interstellar material they originate from. To obtain insights
into the nature of the interstellar clouds from the shapes of the ISM lines, now Voigt profile (see
Subsection 1.4.3) fits are carried out with column densities N (or log N) and Doppler parameters b
as free parameters. As explained in Subsection 1.4.4, the column densities are a measure for the
amount of interstellar material along the line of sight, which is mainly responsible for the depth of
a line, while the Doppler parameters are a combination of the thermal motion of the gas and its
microturbulent velocity, which both broaden a line and are hence mainly responsible for the width.
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Figure 3.8: Broken-axis plot showing all four observed interstellar lines (black), together with
the Gaussian fits from the individual line analysis (red), and the corresponding residuals. The
measured global ISM radial velocity is noted as well.

Additional to these two parameters, atomic data like transition probabilities and oscillator strengths
(both constants) for the respective lines are needed as input to properly describe them (Table 1.1).

Altogether, another LMFIT framework is set up. First, a Minimizer object is created defining
the fit parameters, which are the column densities and Doppler parameters for each element as
free parameters, as well as the global ISM radial velocity and the resolution parameters (resolution
slope and offset, see Subsection 1.4.1 as fixed parameters. The free parameters are constrained
to N =10 — 105 cm2 and b = 0 — 10kms~! in consistency with the physically reasonable
range for interstellar clouds (Welty et al., 1994; Redfield & Linsky, 2002; Welsh et al., 2010).
Then, as first step of the fit function, a wavelength grid is calculated on which the model will be
defined. For this, a spectral resolving power of R = 50,000 is chosen and the same function as
for the Gaussian fits is used. In principle, the higher the chosen resolution the better, but on the
other hand with increasing resolution also the number of generated data points increases, which
possibly makes the resampling to the observed wavelength grid more time consuming. For the
sake of efficiency, this moderately high value is taken, which is still larger than the resolution
of every spectrum in the sample of this work. This wavelength grid together with all relevant
parameters (rest wavelengths, oscillator strengths, transition amplitudes, column densities, Doppler
parameters, and radial velocity) are then used to generate a model including both line doublets.
A Voigt profile optical depth 7 is calculated for each line according to Equation 1.24, such that
the flux transmission visible in a normalized spectrum is given by I(1) = e "4, All fluxes
(one I(A) for each line) are then multiplied to reproduce the whole observed ISM spectrum with
the respective lines. The optical depth calculation follows the absorption theory as described in
Subsection 1.4.4 and the Voigt profiles are approximated using the voigt_profile!’ function
from the scipy.special library. Afterwards, the model is convolved with the instrumental profile
of the recorded spectrum and resampled to the observed wavelength grid. Finally, the residuals
are computed, checked for finiteness, and returned by the fit function. Since the positions of the
lines are already known and the only free fitting parameters are the column densities and Doppler
parameters, the actual fit is carried out using the common “leastsq‘ algorithm. After a first run,
the flux uncertainties are rescaled with the noise scale factor and everything is refitted three more
times, completely analog to the spectral fitting routine of Subsection 3.3.3. As result, depending on
the show and save arguments, a plot like Figure 3.9 is generated. It is very similar to Figure 3.8,

15 hitps://docs.scipy.org/doc/scipy/reference/generated/scipy.special . voigt_profile.html
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Figure 3.9: Similar plot as Figure 3.8, but showing the Voigt profile fits instead of the Gaussian
fits. The measured column densities for each element are noted at the top in units of log(cm2).
The line cores are often not properly reproduced either due to the fixing of the Doppler parameter
or because of multiple unresolved ISM components. In the latter case, a single Voigt profile can
not fully account for these multiple components.

but this time showing the Voigt profile fits instead of the Gaussian fits.

One big caveat of this fitting procedure is that a simultaneous determination of column densities
and Doppler parameters reliably works for high spectral resolution spectra only (R 2 100,000).
This problem is discussed further and in more detail below. When working with low resolution
spectra, it is recommended to freeze one of the two parameters to a physically reasonable value.
Then at least the other one can be decently determined. Another problem can be multiple ISM
components again. While the model considers only one single line, the observed lines might
consist of multiple unresolved components. If this is the case, sometimes the fit fails to account
for the full depth of a line, as for example visible for the Nal D1 line in Figure 3.9. However, in
most of the cases the determined column densities are still a valid measure for the total amount of
interstellar material along the line of sight. In principle, it is also possible to carry out multiple
component fits, as for instance done in Welsh et al. (2010). But for this, again super high spectral
resolution is required, which is unfortunately not available in this work. Hence, it did not appear
worthwhile to implement it.

The Main Function run_ism_analysis

The main function of the ISM class is called run_ism_analysis and structures as well as operates
all the individual steps described above. First, the get_ism_f1lux function is called to isolate and
process the interstellar line regions. Then, the individual line analyses including the equivalent
width measurements are run by the run_single_line_analysis function, which also gives
conclusion about each line presence. The results as well as information about the line presences are
stored and before continuing with the subsequent steps another consistency check is carried out. In
general, the thermal motion and the density of each species of particles is identical within the same
interstellar cloud. Therefore, Doppler and pressure broadening (Subsection 1.4.3) are also identical
for each line doublet as well as the instrumental broadening. The only parameters that make the
line profiles different are the atomic constants. That is why, for instance, the Call K line always
appears stronger than the Call H line (see Figure 3.8 or Figure 3.9). However, since the broadening
mechanisms given by the environment and the spectrograph are the same for each element, the
difference in width is only determined by the natural line broadening. This in turn is determined by
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the life time of the respective atomic state, which is given by the inverse of the transition probability
(Subsection 1.2.2 and Subsection 1.4.4). But the transition probabilities within the Call and Nal
line doublets are actually very similar (Table 1.1), which means the apparent widths (FWHMs)
should be comparable. Therefore, the (rather soft) condition is implemented that the FWHM of
one line of each doublet is not allowed to be larger than five times the FWHM of the other line.
Otherwise, the whole line doublet is considered not to be present. This ensures that always either
both lines of a doublet are considered as present or none, which is the only physically reasonable
actuality. The presence of only one out of two lines of a doublet is not realistic and if so, it is more
likely that a noise peak was identified as line. The rather large factor of five is chosen, because the
similar width is just a rough estimate and the measured FWHMs are also subject to uncertainties.
Whole line doublets are only removed, if something is really going wrong. But in fact, this is just
an edge case. In the vast majority of all spectra of decent quality, it is clearly visible whether the
ISM line doublets are present or not.

After this additional check, the global radial velocity determination and the Voigt profile fitting
procedure is run on the detected line doublets. Lastly, if the save argument is set, the summary
PDF as well as the results CSV table of the spectral fit is extended with the results from the ISM
analysis (Figure 3.10).

As future prospect, it is planned to additionally incorporate the functionality of searching for a
second ISM component, at least in higher resolved spectra, by removing the first component and
re-running the analysis. While a first approach is already implemented, it does not seem to reliably
work yet and is not yet well tested. Therefore, it is just left as an outlook.

Problems and Caveats

In this section, the problems and caveats of the ISM analysis script are summarized and further
discussed. While the previous descriptions can be considered as general manual for the scripts
and not necessarily only in the context of hot subdwarf stars and the main aims of this work, the
following will specifically deal with the issues that appeared in the course of this project.

In general, most issues appear only in rare cases. All the individual steps and consistency
checks ensure that the procedure robustly works and produces decent results. However, the major
limitation is the amount of information contained in an observed spectrum, which strongly scales
with the spectral resolution and signal to noise ratio. The higher both quantities are, the more
information describing the ISM can be deduced and the more precise are the results. The effects of
instrumental broadening and SNR are depicted in Figure 3.11, where the Call K line is simulated
for different spectral resolutions and signal to noise ratios. As it can be seen in the panel without
noise on top of the model line, the instrumental profile plays only a minor role for resolving
powers R > 50,000. For lower resolutions, however, instrumental broadening begins to deform
the line. It becomes less deep and much broader until even moderately strong spectral lines are
smeared out and are not detectable any more (R < 2,000). Weaker lines will disappear much
earlier. This situation gets even more complicated, if the quality of a spectrum additionally suffers
from a low SNR. For SNR > 50 also in the low resolution case, the line is still clearly visible. For
SNR < 25, however, it gets completely distorted by the Gaussian noise, while higher resolved
lines stay detectable. Obviously, it will be difficult to deduce information from low resolution and
low SNR spectra, which is most likely the biggest caveat of this work, since many observations
in the collected sample are R < 2,000 SDSS and LAMOST spectra. On the other hand, not all
low resolution spectra are super noisy, but can be of decent quality and are therefore still useful.
Figure 3.11 also underlines the importance of the lower number of high resolution spectra in
the sample. In the following, a few implications of the resolution and SNR problem are briefly
summarized and discussed as well as some further complications for the ISM analysis:

* Uncertainty on the radial velocity: One simple implication of low resolution spectra is that
the radial velocity of single spectral lines cannot be determined with high precision. Fitting
individual lines always gives uncertainties of several tens of km s! (AVrag1sm ~ 30km s,
By combining the radial velocity measurement of all four ISM lines, the uncertainty reduces
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Figure 3.10: Extension of the
summary PDF of Figure 3.3
with the results of the ISM anal-
ysis. Additionally given are
the measured equivalent widths
of each line, the fitted column
densities of each element, the
Doppler parameters frozen to
a reasonable value, the global
ISM radial velocity, and the fit
statistics.

However, if high precision is needed one still has to rely on

higher resolution spectra, where the statistical uncertainties are mostly less than Avyaq 1sm ~

2kms~ L.

* Voigt profile fits: For the combined Voigt profile fits, it is crucial to convolve the model that
is fitted to the observation with the instrumental profile. However, if the instrumental width
completely dominates the true width of a line and the model is resampled to a widely spaced
wavelength grid as it is the case for low resolution spectra, the fit is no longer sensitive to
the physical fit parameters. The column densities and Doppler parameters become highly
correlated, because many different combinations of them can reproduce the observation.
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The simultaneous fit of both quantities does no longer work and sometimes even crashes.
The only way to derive at least one of them more or less reliably is to freeze the other one
to a reasonable value. Then, however, a systematic uncertainty is raised depending on the
choice of the frozen parameter. If, for example, the Doppler parameter is frozen to Skms™!,
while the true value would be 3km s, the fitted column density will be underestimated to
reproduce the full strength of the line. On the other hand, if the true Doppler parameter is
7kms~!, the column density will be overestimated. This issue is further investigated and
quantified by applying the script on simulated data in Section 4.3. Even for higher resolved
spectra (R = 10,000 — 50,000) the issue of the strong correlation does not fully disappear
and noise complicates the situation further. In the literature, the simultaneous determination
of both parameters is carried out for spectra with R = 100, 000.

Equivalent width vs. column density: During the ISM analysis, equivalent widths and
column densities, are determined, which both provide a measure for the strength of the
spectral lines. But while the equivalent width represents the overall strength of a line
(depth plus width), the column density mostly represents the depth of a line only. However,
from equivalent widths alone no conclusion about the physical properties of the interstellar
material from which the lines originate can be drawn, while the column density directly
gives the number of gas particles along the line of sight. So the question is, which one should
be preferred? The answer again depends on the quality of the investigated spectrum, mainly
on the spectral resolution. Since instrumental broadening conserves the equivalent widths
of a line, no convolution with the instrumental profile is needed. Hence, if the spectra are
not too noisy, its determination works robustly for both, high and low resolution ones. On
the other hand, the column density determination suffers from ambiguities and (systematic)
uncertainties in the low resolution case, especially if spectra are noisy. But as the resolution
increases, column densities become more and more accurate. Therefore, it can be said
equivalent widths might be preferred for low resolution spectra, because they are determined
more robustly than column densities, but for high resolution spectra column densities might
be the preferable choice, because they contain more direct information about the interstellar
material.

Multiple ISM components: As discussed earlier, for distant stars it is highly likely that
their emitted light crossed more than one interstellar cloud before reaching us as observers.
This leads to multiple ISM line components (resolved or unresolved) in their spectra, which
in turn leads to unusual broad ISM lines if the components are unresolved, distorted line
profiles if they are partly resolved, or multiple lines if they are fully resolved. For example,
partly resolved multiple component lines can be seen in the right panel of Figure 3.6 or in
Figure 3.7. Obviously, this issue can also influence the outcome of the ISM analysis. In the
first place, it complicates the line detection and position (radial velocity) determination. If
two components are almost equally strong, the program might also confuse lines from both
components during the individual line analysis. However, this problem is fixed due to the
global radial velocity determination for the combined Voigt profile fits, because there only
one of the components is selected and fitted with a fixed radial velocity afterwards. The only
issue left concerning the column densities in the case of unresolved components is that the
Voigt profile fit expects only one distinct line. Thus, it might have problems to account for
the full strength of a line if multiple components are present. This is, however, not an issue
for the equivalent width measurement due to the integration over the 56 Gaussian range.

The He blend: The issue that mainly motivated to take the synthetic spectrum from the
spectral fit as ISM continuum is the the blend of the Call H line with the He Balmer line.
While the other three ISM lines are usually nicely isolated in the spectra of hot subdwarf
stars, this line sits exactly at the tip of the mostly very strong hydrogen line. To overcome this
problem, the stellar spectral fit is taken as ISM continuum and removed from the spectrum
(Figure 3.4). Then however, it must be ensured that the model atmosphere reproduces the
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observation very well, especially the Balmer lines. If, for example, the spectrum of a cooler
horizontal branch star is fitted with the sdB model grid, the lower surface gravity of the star
compared to hot subdwarfs does not allow to account for the full depth of the Balmer lines.
This leads to residual hydrogen lines, when removing the spectral fit from the spectrum,
which can then be confused with the Call H line. Hence, it should be ensured beforehand
that the model really fits the recorded spectrum.

* Binary companions: Hot subdwart stars often reside in binary systems with, for exam-
ple, F/G/K-type main sequence companions. When recording the spectrum, a composite
spectrum is observed including the light from both stars. But now, cooler main sequence
stars typically show strong photospheric Call and Nal lines. So for example, the strongest
spectral lines of the Sun (a G2 star) are not the Balmer lines, but Call lines. Hence, those
lines from the companion are often clearly visible in the composite spectrum and are not
removed from the spectrum, except if the secondary star is included in the spectral model.
Hence, it is not reasonable to run the ISM analysis script on such composite spectra. It
should be checked beforehand, if the observed star is of single or binary nature. Composite
sdB binaries can, for instance, be identified from their SEDs (see Section 3.4) and removed
from the sample in the first place. Furthermore, due to the high temperatures and densities
in stellar atmospheres compared to the ISM, those intrinsic lines are much broader than
the narrow interstellar ones, which should in doubt allow for an easy distinction. Also, if
multiple spectra are recorded of the same object, photospheric lines will move with the star
and show the same radial velocity shift if it is a binary system, while interstellar lines will
always appear at the same position. Therefore, the radial velocity is another indicator for the
interstellar or photospheric origin of the spectral lines.

3.4 Spectral Energy Distributions

Apart from the spectral analyses, the fitting of stellar spectra and the investigation of interstellar
absorption lines, subsequent photometric analyses are carried out in this work. Spectral energy
distributions (SEDs) are constructed from observed magnitudes of stars taken from various pho-
tometric surveys. To this end, a tool is needed and one of the above-mentioned ISIS scripts
(Section 3.3) exactly fulfills the needs of this work. It was originally implemented by Andreas
Irrgang, is now maintained by Matti Dorsch, and constitutes a direct update to the method of Heber
et al. (2018).

In general, a SED is the total energy output of a star over all wavelengths. Here, as usual in

stellar astrophysics, the flux density Fj, in units of ergcm ™2 s~ A~ is used as proxy for the energy.
Many large and deep photometric surveys scan the sky using numerous filters to obtain apparent
magnitudes for various objects in different wavelength bands. Spectral regions from the ultraviolet
(UV) to the infrared (IR) are covered. Those pure photometric observations can be conducted for
many more stars than spectroscopic ones, in principle for all except the faintest or blended objects.
Therefore, from these measurements SEDs can be constructed for the vast majority of observable
hot subdwarf stars as well as all other stellar populations. Some of the most important photometric
surveys are the following:

e UV: The UV is actually the least well covered spectral region. The only comprehensive
surveys were performed by the GALEX (Bianchi et al., 2017) and IUE (Gonzélez-Riestra
et al., 2001) satellites. The latter one does not even directly provide photometric measure-
ments, but low resolution spectra, from which three apparent magnitudes are constructed
(Heber et al., 2018). Unlike optical light, the UV is absorbed by Earth’ atmosphere, which
prohibits ground-based observations. Hence, one has to rely on dedicated spacecrafts, but
unfortunately, not many of such have been developed so far. This is the reason why the
coverage in the UV is the worst.

* Optical: Since the optical regime is accessible to ground- and space-based observations,
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Figure 3.11: Simulation of the Call K line (logN = 12.5 and b = 5km s~ ") for different spectral
resolving powers R and signal to noise ratios (SNRs). The Voigt profiles with instrumental
broadening are calculated the same way as in the ism_analysis. py script on a proper wavelength
grid for each resolution and following the absorption theory of Subsection 1.4.4. Gaussian noise
is added on top of the model flux to simulate observed absorption lines. For better visibility, the
lines are shifted with respect to each other in both, wavelength and flux direction. ISM lines are
in the low R plus low SNR case clearly no longer detectable. This issue is further investigated in

Section 4.3.
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it is very well covered by numerous surveys. Some of the most important ones are SDSS
(Alam et al., 2015), APASS (Henden et al., 2015), Pan-STARRS (Magnier et al., 2020),
SkyMapper (Onken et al., 2019), DES (Abbott et al., 2021), and Gaia (Riello et al., 2021,
see Section 2.1). While Gaia already provides three photometric measurements, a set of 14
additional apparent magnitudes are constructed from its low resolution XP spectra (Gaia
Collaboration et al., 2023b).

e IR: The IR regime can be separated into the near-infrared, the mid-infrared and the far-
infrared. The near-infrared is closest to the optical and Earth’ atmosphere is mostly transpar-
ent to it as well, enabling ground-based observations. It is covered by 2MASS (Cutri et al.,
2003), UKIDSS (Lawrence et al., 2007), and for example VHS (McMahon et al., 2013)
as well as VIKING (Edge et al., 2013), which are two of several surveys carried out at the
VISTA telescope. With increasing wavelength, Earth’ atmosphere becomes more opaque.
Thus, further photometry in the near- to mid-infrared is provided by the WISE satellite
(Schlafly et al., 2019). The far-infrared does not play a role for stellar SEDs, because even
cooler stars do not significantly contribute with flux in this spectral region.

The complete list of in total 66 available photometric surveys for the SED construction is, for
example, provided by Table B.1 of Culpan et al. (2024). In the next section it is described, how
meaningful parameters can be derived from all these photometric measurements.

3.4.1 The SED Fitting Method

To access the photometric data, the script first automatically queries from all available databases
and catalogs based on the coordinates of the star. This functionality was mainly implemented by
Kreuzer (2021). Then, the program tries to find the best-matching model SED to the observed
apparent magnitudes using y2-minimization. These models are the same as those described in
Section 3.1 in non-normalized form. To actually compare the measurements with the models,
synthetic magnitudes need to be calculated. According to Heber et al. (2018), these are given by

2 oo —0.4A(1)
©” J5 r<(A)10 F(l)?td?t) ¢ magt! Gl

mag, = —2.5log ( 4 (A) T () AdA

where mag, is the magnitude of an arbitrary pass-band x, ® is the angular diameter of the star,
r«(A) is the response function of the filter, A(A) is the interstellar extinction as function of the
color excess E (B — V) and the extinction parameter Ry (see Subsection 1.2.3), F(A) is the model
flux at the stellar surface, and the flux of a reference star f™/(1) (usually Vega) is needed to
set the zero point of the filter to a predefined magnitude mag'’. More details on the synthetic
magnitude calculation can be found in Dorsch (2023). Interstellar extinction is modeled using the
empirical extinction curves of Fitzpatrick et al. (2019). For more details on interstellar extinction
and reddening in general also see Subsection 1.2.3, while more details on the implementation in
the SED fitting script can be found in Dorsch (2023) as well.

According to Planck’s law, the emergent flux distribution of a star has one distinct peak at a
certain wavelength depending on the effective temperature 7¢¢. Hence, the SED fits are sensitive to
the temperature of a star, which constrains the selected model. However, if prior knowledge on the
atmospheric parameters is given, for example from spectroscopy as in this work, these parameters
can be specified as input to choose the right model beforehand. Since in particular the surface
gravity, which is also an essential parameter of the models, is completely unconstrained from
SED fits alone, this makes the whole routine more robust. Moreover, hot stars emit most of their
flux in the far-UV (or at even smaller wavelength), which is usually not covered by photometric
measurements. This makes even the effective temperature determination less accurate. Therefore,
providing atmospheric parameters is the best way to derive the most reliable results.

Furthermore, the fitting routine does not only consider single SEDs. If, for example, a F/G/K-
type main sequence (MS) companion is present, the composite SED of both components will be
double peaked. In the case of a primary hot subdwarf, there is one peak in the UV (hotter star) and

63



CHAPTER 3. METHODS AND TOOLS

another one at longer wavelengths (cooler star). Thus, the SEDs can give conclusion about the
single or binary nature of an object. Since the spectral regions from the near-UV to mid-IR are
often well covered by photometric measurements, even the temperature of the cooler star can be
accurately determined. To model the SED of the cool companion the PHOENIX grid from Husser
et al. (2013) is used.

3.4.2 Transition from Atmospheric to Stellar Parameters

One fit parameter of the SED fitting routine is the angular diameter ® of a star (Equation 3.11).
Combined with parallax measurements @ from Gaia (Section 2.1), which directly gives the
distance d to a star, stellar radii can be determined with the geometric relation

® 0

R=d—=—. 3.12

2 2o (3.12)
Next, from the radius R and the effective temperature Ti¢ the stellar luminosity can be calculated
via the Stefan-Boltzmann law

L=4nR*cspTy;, (3.13)

where ogp is the Stefan-Boltzmann constant. Furthermore, if also the surface gravity g is known,
e.g. from spectroscopy, the stellar mass M can be derived from Newton’s law
R2

M= 8 (3.14)
where G is the gravitational constant. Especially this last step is of particular importance, because
even though the mass M is one of the most crucial parameters that describe the evolution and
the fate of a star, it is often hardly determinable. But by combining spectroscopy, photometry,
and Gaia astrometry, the full set of atmospheric and stellar parameters can be obtained. This
impressively shows the significance of the interplay between different analysis techniques and the
power of the unprecedented Gaia mission for stellar astrophysics.

3.4.3 The Power of SEDs

Constructing and fitting model SEDs to the observations of apparent magnitudes in different
wavelength bands allows for the determination of various parameters. If not already available from
spectroscopy, the effective temperature of star can be derived as well as the angular diameter and
the color excess from interstellar extinction and reddening. Moreover, in the case of a F/G/K-type
MS companion, the binary nature of a hot star can be confirmed from its double peaked SED.!6
Even the temperature of the cool companion can be accurately determined as well as the surface
ratio Acool/Anot Of both components. Examples of an SED fit for the single and binary case,
respectively, are shown in Figure 3.12.

In this work, it is made extensive use of the SED fitting method, which complements the
spectral analysis. The atmospheric parameters derived from spectroscopy for each object in the
sample are passed as input to obtain the most reliable results. In particular, the color excess is an
essential parameter for the aim of this work as it quantifies the amount of intervening interstellar
dust between us and the observed object (see Subsection 1.2.3). Moreover, information about the
potential binary nature of a star is crucial, since those systems necessarily need to be excluded from
the sample as the binary companions possibly contribute with photospheric Call H&K and Nal D
lines, which would be confused with the interstellar lines during the spectral analysis. Lastly, even
though it is not the main aim of this work, the SEDs combined with precise parallaxes provide
stellar parameters for a large sample of hot subdwarf stars. This is only possible owing to the
unprecedented Gaia mission and was never feasible in the pre-Gaia era.

16 Even fainter companions such as M-dwarfs, white dwarfs, or sub-stellar objects like brown dwarfs or planets can not be
detected with the SED method, because they are outshone by the hotter component even at longer wavelengths. Vice
versa, O/B/A-type MS companions usually outshine subdwarfs making it hard to detect such systems.

64



3.4. SPECTRAL ENERGY DISTRIBUTIONS

w
TTTTTT

o250 15
D E T
¢ o2F 14
N :
S - s
s L 5
Lot B
= F w1 =
= F = W2 1=
~
\0.5; RN

US =
Ca | | |
2T

. . -+ . .
oL e
X

I SRR T TEES TS P -3
g r X X Xex X4 g L
= b o = 2
il I I L T L L L L | I I I [ | L L L L
1000 2000 5000 10000 20000 50000 1000 2000 5000 10000 20000 50000
14A) 2(4)

Figure 3.12: Example SED fits. Shown in the upper panel of each plot are the data points (apparent
magnitudes with corresponding filter labels), the composite model SED in gray, the hot subdwarf
model SED in blue, and the MS companion model SED in red. The flux density distribution is
flattened for better visualization by a factor of A>. The lower panels show the residuals of the fit.
Left figure: Single peaked SED, where the flux of the MS companion is zero. Additionally depicted
in magenta is the IUE spectrum from which the data points in the UV colored in black were
constructed. Right figure: Clearly double-peaked SED proving the existence of a cool companion
to the primary hot subdwarf star.
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Chapter 4

Application of the Scripts and First Re-
sults

When carrying out analyses in stellar astrophysics, there are typically two choices. Either investi-
gating a small number of objects in great detail, for example to understand their formation and
evolution, or studying one or more whole populations of stars to obtain their parameters ranges or
relative frequencies of their formation channels. In this work, the latter one is the case, for which
a large sample of spectra of hot subdwarf stars has been collected (Section 2.3). However, the
main aim here is actually not to study the stars themselves, but to extract information about the
interstellar medium from their spectra. Still, an important aspect is to obtain model spectra for the
stars in order to use them as continuum for the ISM and to resolve blends between photospheric
and interstellar lines (see Section 3.3) as well as to feed the derived atmospheric parameters into the
SEDs in order to obtain information about interstellar dust. As side-effect, fundamental parameters
of the hot subdwarf stars are derived. Overall, a set of dedicated scripts is used for the analyses,
which are all described in Chapter 3. To conduct the whole analysis, all the individual steps that
built upon each other need to be structured and connected. Therefore, an analysis pipeline has been
developed, which is outlined in Section 4.1. In Section 4.2 the results regarding the parameters
of the hot subdwarf stars are presented. Even though those are not central for this thesis, it is
important to check them for consistency, since the subsequent steps are based on them. After this is
done, in Section 4.3 the ism_analysis. py script is applied to simulated synthetic spectra in order
to test the performance and to quantify potential caveats and systematic uncertainties. Additionally,
supplementary material can be found in Appendix C. It contains further parameter distributions as
well as additional plots regarding this chapter.

4.1 Analysis Pipeline

The analysis pipeline of this work comprises multiple distinct steps such as spectral fits, ISM line
analyses, and SED fits, for which extensive use of the slurm computation cluster at the Remeis
observatory in Bamberg was made'. Furthermore, the results of each step need to be processed
and combined. An outline of the pipeline is depicted in Figure 4.1.

The starting point is the raw collection of spectra from each survey/spectrograph (Section 2.2).
Then initial spectral fits using spectral_fit.py (see Subsection 3.3.3) are applied on the sample,
for which the sdB model grid (see Section 3.1) is entirely used. Proper initial values are chosen?,
but only the effective temperature Tug, the surface gravity log g, the helium abundance logn(He) :=
logn(He)/logn(H), and the radial velocity vy,q are varied during the fit for all spectra. The
metallicity z and the microturbulence & are always kept frozen, while the projected rotational
velocity vrotsini is fixed to zero for the low resolution spectra (SDSS, LAMOST, and DESI), but
varied for the higher resolution ones (X-Shooter, SPY/UVES, and FEROS). The reason for the

To automatically set up the slurm jobs, another set of python scripts was developed. These can also be found on the
internal observatory gitlab or provided upon request.

2 Top=30,000K, logg = 5.5, 2= 0.0, logn(He) = —1.0, & =0kms ™!, v,g = Okms~!, and vyorsini = Okms~!
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Sort out non-hot
subdwarfs, poor
fits, and low SNR
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Flag binaries
and average
results for
identical objects

SED Fits

Final Spectral Fits
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ISM Line Analysis

Cleaned
Results Table

Raw
Results Table

Initial
Spectral Fits

Figure 4.1: Flow chart of the analysis pipeline. First, initial spectral fits are executed on the whole
sample of objects. All spectra are sorted out, which are considered not to belong to hot subdwarf
stars, show poor spectral fits, or have low signal to noise ratios. Subsequently, final spectral fits are
carried out as part of the ISM line analysis. The resulting atmospheric parameters are passed to
the SED fits. The results from both, the ISM line analysis including the spectral fits as well as the
SED fits, are combined to a common table. Systems with F/G/K-type MS companions are flagged
and the results for identical objects are averaged to end up with a cleaned final results table. More
details about the individual steps can be found in the text.

latter distinction is that to reliably fit the rotational velocity it is favorable to have better resolved
line shapes and the spectral resolution parameters need to be well known. Both is only the case for
the higher resolution spectra. These initial spectral fits are carried out in order to sort out non-hot
subdwarf stars (e.g., horizontal branch stars, white dwarfs, and B-type main sequence stars), as
which all objects are considered that approach the grid borders in Tef or log g, poor fits with high
uncertainties (AT > 5,000 K, Alogg > 2, or Avyg > 50 km s~1), and low signal to noise spectra
(SNR < 10)°. Additionally, a lower effective temperature cut is set at Toir = 20,000 K, because for
cooler stars it gets more and more likely that their spectra show photospheric Call H&K as well
as Nal D lines, which would blend the interstellar ones. Moreover, it is distinguished between
helium-poor (logn(He) smaller than the upper grid border) and helium-rich objects (logn(He)
approaching the upper grid border).

Subsequently, the final spectral fitting run is executed with the same initial values as before as
part of the ISM line analysis* using ism_analysis.py (Subsection 3.3.4), where the model grid
for the helium-rich objects is replaced by the He-sdO model grid (see Section 3.1). For the ISM
analysis the initial values NcanNa1 = 102 cm—2, bcaniNa1 = Skm s~ and Vrad,;sM = O km s~ !are
used, but the Doppler parameter b is kept frozen for both elements due to the issues outlined in
Subsection 3.3.4.

The derived atmospheric parameters (7o, log g, and logn(He)) are then passed as input to the
spectral energy distribution (SED) fitting method (see Section 3.4) to constrain the model SED
before running the script and to calculate stellar parameters.

The results from both, the ISM line analysis (plus spectral fits) as well as the SED fitting, are
then combined to a common table. During the process of creating the table, also the resulting
stellar parameters from the SED fits are checked for consistency. If the parallax measurement of
Gaia has an uncertainty of more than 20%, a bad parallax flag is raised and if the resulting stellar
parameters are completely off from the expected values for hot subdwarf stars (radius R > 1R,
mass M > 2 Mg, or luminosity L > 3,000 L) or the number of photometric data points is below
10, a poor SED flag is raised.

Now, this table still contains the systems with F/G/K-type main sequence companions, which
are detected in the SEDs. Such binary systems need to be removed from the sample as the
companions might contribute with photospheric Call and Nal lines. In the following, with the
term “binary* always such systems with composite SEDs are meant. Apparently single stars are
called “single®, but still might be in close binary systems, where the companion is too faint to

For the results of the ISM line analysis even stricter SNR cuts are applied later on to the low resolution spectra (see
Section 5.1).

A spectral fit is always the first step of the ISM line analysis script to take the resulting synthetic spectrum as continuum
for the ISM flux (see, for example, Figure 3.4).
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be observed in the SED. Furthermore, many stars have multiple spectroscopic observations and
the pipeline was ran on all of those individually, possibly resulting into multiple rows per unique
object. The first issue is solved by flagging all objects with a binary flag, where the minimum
surface ratio Acool /Anot Of both components determined during the SED fit is larger than three,
which is a conventional choice. Overall, for about one third of all objects a binary companion has
been detected (Figure 4.2 and Table 4.1). The latter issue is actually more complicated, because
the different spectra for the same object can be of various quality. Higher or lower SNRs often
only lead to smaller or larger statistical uncertainties on the derived parameters, respectively,
and one could think about simply averaging the results. However, varying spectral resolutions
or wavelength coverages (especially in the blue/near UV regime) can lead to systematics on
the derived parameters. Hence, it did not appear reasonable to average the results from spectra
that come from different surveys/spectrographs and only multiple rows for identical objects are
averaged, if the survey/spectrograph is the same. To this end, the commonly used formulas for the
weighted average are used:

with w; = — 4.1)

Here, X, is the weighted average with uncertainty ox, and w;, x;, and o; are the statistical weight,
the mean value, and the uncertainty of each measurement, respectively. However, the weighted
average does not intrinsically account for systematic deviations, for example if the mean values
scatter more than expected. This can for instance happen, if multiple spectra of the same object give
fundamentally different results because of their differing quality. Also, if an observed star resides in
a close binary system with an unseen companion, the radial velocity can change drastically between
different epochs. To account for this possibilities, a y>-rescaling of the resulting uncertainty is
implemented analog to Section 3.2. The reduced y? is calculated according to

2 N = 2
2 _ X . 2 Xi — Xy
Yea =7 With —2( p ) : (4.2)

where N is the number of measurements. Then, 0%, is rescaled with the factor szed’ but only

if szed > 1.5, which means the mean values of the parameter scatter much more than expected.
Inflated uncertainties then indicate potential systematic deviations between the measurements.
If xrze 4 ~ 1 everything behaves as expected and the uncertainty is kept unchanged. On the other
hand, if xrzed < 1 the uncertainty is theoretically overestimated. However, this condition can occur
very quickly, when only a small number of measurements is considered and the results perfectly
match. Rescaling would then lead to a unreasonably small uncertainty and is therefore not done.
This averaging procedure is applied to all parameters in the table and a new final results table is
generated. Also a new column is added specifying the number of spectra the results were averaged
from. This final table is used for all the following findings and investigations of this work.

A summary table about the analyzed sample after sorting out unwanted spectra as first step of
the analysis pipeline is shown in Table 4.1.

4.2 Atmospheric and Stellar Parameters

While one of the aims of this work is to investigate the interstellar medium leveraging the spectra
of hot subdwarf stars, a significant side-effect is the determination of various new atmospheric and
stellar parameters for a large sample of these stars through extensive spectroscopic and photometric
analyses. Those parameters are briefly discussed in this section, even though a detailed study is

If the object is a single star or the companion is too faint to be detected by the SED method (e.g., a white or M dwarf),
the surface ratio is (close to) zero.
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Table 4.1: Number statistics of the analyzed sample per survey/spectrograph and in total after
sorting out non-hot subdwarf stars, poor spectral fits, and low SNR spectra. Shown is the number
of spectra Nypectra, the number of unique objects Nopjects, the number of unique single stars Ngingle,
and the number of unique binary stars Npjnay. The sum of the objects of all surveys is higher
than the total number of objects given in the last column, because identical stars are sometimes
observed across different surveys. Those are not counted multiple times for the total number of
unique objects.

SDSS LAMOST DESI FEROS SPY/UVES X-Shooter | In total

Nspectra | 2,235 2,581 666 548 235 135 6,400
Nobjects | 1,587 1,705 666 114 121 18 3,431
Niingle 934 1,231 485 88 80 16 2,349
Nbinary 653 474 181 26 41 2 1,092

not in the scope of this work. However, the potential for comprehensive follow-up using this data
is outlined at the end of this section.

The atmospheric parameters (Tif, log g, and both equivalent helium abundances logn(He) and
logy) were determined via spectral fits carried out as part of the ISM analysis as described in
Section 3.3 and Section 4.1. To run the corresponding script on in total 6,400 spectra (Table 4.1)
it was made use of the computation cluster at the Remeis observatory in Bamberg. If enough
resources are available, it allows for the execution of up to 155 jobs in parallel. Therefore, it
is easily possible to complete the whole spectral analysis within one day. Subsequently, these
atmospheric parameters are passed to the SED fitting routine. Systematic uncertainties of 3% in
Teer and 0.01 in log g are added quadratically to the pure statistical uncertainties from the spectral
fits, which is conventionally done. The SED fits were run in parallel analog to the spectral fits
using the Remeis cluster as well. The photometric data is automatically collected from numerous
catalogs and data bases using variable search radii depending on the astrometric accuracy of
each queried survey. When dealing with individual SED fits, the resulting data points can be
checked manually to reject spurious ones from the fit. For a large sample of stars, however, this
is no longer possible. Instead, observations with various bad quality flags are excluded by the
program beforehand and 5o outlier magnitudes are automatically removed in consecutive fitting
runs. Then, the SED fits are carried out using x2-minimization. Usually, the program tries to find
the best matching model grid to the observation. But if the atmospheric parameters are provided
as input, this step is redundant, since they already constrain the model. Direct fit parameters
are the angular diameter ® (see Equation 3.11) and E (44 — 55), which is the monochromatic
analog to the color excess E (B — V). Interstellar reddening is treated following Fitzpatrick et al.
(2019) and assuming an extinction parameter of R(55) = 3.02, typical for the Milky Way (see
Subsection 1.2.3). The resulting reddening from the SEDs is of particular importance for this
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work, but discussed separately in Section 5.1. For systems with available Gaia DR3 parallax
measurements, from the atmospheric parameters together with the determined angular diameter
the transition to stellar parameters (radius R, luminosity L, and mass M) can be made according
to Subsection 3.4.2. In the SED script, this is automatically done and the uncertainties on the
input parameters are propagated using the Monte Carlo method. From the resulting parameter
distributions the median and 10 quantiles (for an explanation see Appendix A) are used for the final
values and uncertainties, respectively. Moreover, potential cool binary companions are detected in
the SEDs, where the temperature of the companion is capped to 7,000 K, because for higher ones
the SED would get more and more similar to that of the hot subdwarf such that both components
are no longer distinguishable. The minimum temperature of 2,300 K is given by the PHEONIX
grid border (Section 3.1). The surface ratio Acool /Anot is capped to 900.

In Figure 4.3 to Figure 4.8 plots with different combinations of atmospheric and stellar parame-
ters are shown. The different surveys/spectrographs from which the spectra come are indicated
by colors and symbols. If only atmospheric parameters are considered, the measurements of all
objects are shown excluding only those with detected binary companions. If stellar parameters
are considered, those are additionally rejected, which are flagged indicating a poor SED fit or
uncertain parallax measurement (AD > 20%).

Figure 4.3 shows the Kiel diagram of the analyzed sample, where the surface gravity logg is
plotted over the effective temperature T¢¢. Additionally depicted is the position of the extreme
horizontal branch (EHB) from Dorman et al. (1993) (upper right corner down to the middle of the
plot) as well as the position of the helium main sequence (He-MS) from Paczynski (1971) (middle
to the left side of the plot). The first one represents the blue end of the horizontal branch sdB and
sdO stars are associated with, while the latter one is a theoretical sequence for stars purely consisting
of helium (see, e.g., Heber (2016)). It can be seen that the vast majority of objects is located
exactly on or close to these sequences. Furthermore, three distinct clusters of stars are visible: The
most prominent one is elongated on the EHB and centered at (7., logg) ~ (27,000K, 5.50). It
is associated with He-poor sdB stars. Another big one is located close to the junction of the EHB
and He-MS at (T, logg) ~ (35,000 K, 5.85) and belongs to the population of (iHe-)sdOB® stars.
The origin of these two clusters is not yet fully understood, but matches the groups identified by
Németh et al. (2012), Luo et al. (2021), and Geier et al. (2022). The last clustering located on the
He-MS and ranging towards higher temperatures corresponds to all kinds of sdO stars. Actually, an
additional distinct population of objects below the EHB was recognized by Geier et al. (2022) and
He et al. (2025) and called bEHB stars, however, their origin is unclear. Many stars in Figure 4.3
seem to match that position as well.

Another diagnostic tool with which different types of hot subdwarf stars can be clearly distin-
guished, is the helium abundance logy over effective temperature Ty plot as shown in Figure 4.4.
The dashed black line represents the solar helium abundance and the dotted black line the transi-
tion between intermediate and extreme helium enrichment (Dorsch, 2023). The clusters of sdB,
sdOB, iHe-sdOB, and eHe-sdO stars are marked with black ellipses. All objects in the lower left
corner at high temperatures and low helium enrichment are considered to be helium-poor sdO’s.
Figure 4.3 and Figure 4.4 can be combined by color-coding the helium abundance in the Kiel
diagram according to poor-, intermediate-, and extreme-helium enrichment (Figure 4.5). The three
clusters of sd(O)B, iHe-sdOB, and eHe-sdO stars are clearly visible.

Figure 4.6 shows the Hertzsprung-Russell diagram (HRD, luminosity L over effective temper-
ature Tefr), Figure 4.7 the radius R over T diagram, and Figure 4.8 the L over R diagram. The
same sequences as before are depicted in gray. Even though less objects are included, because
those with a poor SED or bad parallax flag were excluded, the same pattern as in Figure 4.3 is
visible. The position of the vast majority of stars agrees well with the EHB or He-MS and there
are the same three apparent clusters of stars in each plot. However, in this three plots as well as in
Figure 4.3 some positions of objects are also quite off from the shown theoretical tracks. The main
reason for that is, that in fact, hot subdwarf stars can of course also be observed in evolutionary
stages, when they evolve towards or away from these sequences (Dorman et al., 1993; Han et al.,

6 An explanation of the abbreviations used for the different hot subdwarf populations can be found in Figure 1.7.
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Figure 4.3: Kiel diagram of the analyzed sample of hot subdwarf stars. The observations from
different surveys/spectrographs are indicated by different colors and symbols. Additionally shown
are the extreme horizontal branch (EHB) from Dorman et al. (1993) and the helium main sequence
(He-MS) from Paczyniski (1971). Their shapes were slightly modified by Matti Dorsch for a better
visualization.
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Figure 4.4: Helium abundance logy := logn(He)/n(All) ~ logn(He)/(n(H) + n(He)) over effec-
tive temperature Te¢ diagram of the analyzed sample of hot subdwarf stars. The observations from
different surveys/spectrographs are indicated by different colors and symbols. The dashed black
line represents the solar helium abundance, while the dotted black line distinguishes intermediate
helium-enrichment from extreme enrichment (Dorsch, 2023). Abundances that approach the model
grid borders are shown at the plot limits.
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Figure 4.5: Same as Figure 4.3, but with a color-coded helium abundance logy. Different
clusters with a low helium abundance (logy < —1.07) in black, an intermediate helium abundance
(—1.07 <logy < 0.06) in blue, and an extreme helium enrichment (logy > 0.06) in red are clearly
visible. They correspond to sd(O)B, iHe-sdOB, and eHe-sdO stars, respectively.

2003; Yu et al., 2021). Then they are located above or below them. Furthermore, the evolutionary
tracks of other kinds of stars can also intersect the parameter space of hot subdwarf stars such
as post-AGB stars (Miller Bertolami, 2016) or pre-extremely low mass white dwarfs (pre-ELMs,
Driebe et al., 1998; Althaus et al., 2013; Istrate et al., 2016). A little contamination of the sample
with such objects cannot be excluded.

The last stellar parameter not considered yet is the stellar mass M. A histogram showing the
distribution of measured masses for the analyzed sample is shown in Figure 4.9. It peaks very
close to the canonical mass of 0.47 M, for the sdB component (Heber, 2016). However, the mass
ranges for different hot subdwarf populations can be quite different. So for example, while typical
masses are subsolar, the masses of eHe-sdO’s often exceed 1 M., (Dorsch, 2023) explaining the
tail towards higher masses in Figure 4.9. Therefore, it is actually not reasonable to lump all types
of hot subdwarfs together, but to consider their mass distributions individually. This is for instance
done in Dorsch (2023), Dawson et al. (in prep.), Latour et al. (in prep.), or Heber et al. (in prep.),
but is not in the scope of this work.

All these plots do not only show the agreement between observations and theory, but also prove
that the developed methods for the spectral analysis provide decent results. None of the parameters
seem to be systematically over- or underestimated compared to the predictions. Furthermore, no
systematics between the different surveys/spectrographs are visible. This is actually an important
conclusion and is also supported by the supplementary material found in Section C.1.

Lastly, in Figure 4.10 the distribution of measured barycentric radial velocities on the sky is
shown in Galactic coordinates. Apparently, the Western side is dominated by negative velocities,
meaning the stars are approaching us, while the Eastern side is dominated by positive velocities,
meaning the stars are receding from us. Unfortunately, the Eastern side is much more sparsely
covered, but this trend is still clearly visible. It is most likely the consequence of differential
Galactic rotation.

The determination of atmospheric and stellar parameters for a large sample of stars allows
for a comprehensive analysis of their intrinsic properties as well as their formation and evolution
channels. This is for example done in Dorsch (2023), where much more detailed information
on this topic can be found. In principle, the collected data set here allows to do some of the
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Figure 4.6: Hertzsprung-Russell diagram (HRD) analog to Figure 4.3. Less stars are visible as all
SED fits flagged with a poor SED or bad parallax flag are excluded.
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Figure 4.7: Radius R over effective temperature T diagram analog to Figure 4.6.

74



4.2. ATMOSPHERIC AND STELLAR PARAMETERS

'_‘o 102 L
=
~l
o A
] |
o
£
£
5 v
—
oo v LAMOST
101 it s SDSS
WY r ¢ DESI
vé
= FEROS
o * v e SPY/UVES
N NI | +  X-SHOOTER
3y T @ EHB and He-MS
e v v . . . . . .
0.10 0.15 0.20 0.25 0.30 0.35 0.40 0.45 0.50
Radius R [Ro]
Figure 4.8: Luminosity L over radius R diagram analog to Figure 4.6.
200 3}
175 E
2.5F
150 e I
S
o 2f
L1 O T
c ° r
=] L
0 100 N 1.5+
(@] o r
E T |
75 ‘6 1: :
=2 N I
50 r |
0.5F |
25 [ |
L 1
¥ R P SR Y R A S
80 0.25 0.50 0.75 1.00 1.25 1.50 1.75 2.00 0.1 0.2 0.3 0.4 0.5 0.6 0.7
Mass M [M ] Mass M [M4 ]

Figure 4.9: Mass distribution of the analyzed sample of hot subdwarf stars. Measurements with a
poor SED or bad parallax flag are excluded. A clear peak close to the canonical mass of 0.47 M,
for sdB stars (Heber, 2016) is visible in the left panel. The tail towards higher masses can be
explained with massive eHe-sdO’s (Dorsch, 2023) or non-hot subdwarf contaminants. The mode
and HDI as well as median and quantiles determination (for the definitions see Appendix A) is
shown in the right panel. The mode and HDI of O.43f8:}gM® is depicted with red and yellow
vertical lines, respectively, while the median and quantiles of 0.45f81%g M, is depicted with dashed
vertical lines.
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Figure 4.10: Distribution of the analyzed sample of hot subdwarf stars on the sky with their
color-coded radial velocity vy, measured via spectral fits. Signs for differential Galactic rotation
are clearly visible.

work in exactly the same way. With Figure 4.4 different populations of hot subdwarf stars can be
distinguished and their differences could be studied in great detail leading to conclusions about
their formation and further evolution. Therefore, it would be interesting whether the findings of
Dorsch (2023) or other works can be reproduced. Additionally, combining the obtained data with
Gaia proper motions would allow for a comprehensive kinematic analysis of the hot subdwarf
population. However, these considerations are left as an outlook, since it is not in the scope of
this thesis. All the following sections will mainly deal with the results regarding the interstellar
medium and the search for circumstellar material.

4.3 Simulation of Interstellar Line Parameters

Before having a look on the actually observed interstellar line parameters, it is desirable to get a
more quantitative impression of the impact of low quality spectra and the fixing of the Doppler
parameter on the outcomes of the spectral ISM analysis. During the development of the script
(Subsection 3.3.4) it was already realized that low spectral resolutions and low signal to noise
ratios (SNRs) are a major issue for the investigation of the interstellar Ca Il H&K as well as Nal
D1&D2 lines. As consequence it does not appear feasible to fit the two physical parameters of
the lines, the column density N and the Doppler parameter b, simultaneously. This seems to be
possible only for spectra with much higher spectral resolution (R > 100,000) than available in
this work (Rpmax ~ 48,000), where the true line profile begins to dominate over the instrumental
profile. Therefore, the Doppler parameter is fixed to a reasonable average value of b = Skms™!
(Welty et al., 1994; Redfield & Linsky, 2002; Welsh et al., 2010) for the entire analysis of this
work, where the possibility of line broadening through unresolved multiple ISM components is
included.

To quantify the capabilities of the ISM analysis and the systematic uncertainties raised by
freezing the Doppler parameter to a fixed value, synthetic spectra including both components, the
photospheric spectrum and the interstellar lines, were generated for different spectral resolutions
and Doppler parameters. Furthermore, Gaussian noise was added to simulate observations with
varying SNR (analog to Figure 3.11). The atmospheric parameters of the stellar model spectra
are Tor = 30,000K, logg = 5.5, and logn(He) = —1.0 in all cases. The column density of the
interstellar lines is fixed to log N = 12.5 for both elements, while the Doppler parameters vary
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between b = 1 kms~! and b = 10kms~! in steps of 1 kms~!. The choice of different SNRs and
spectral resolutions can be found in the figures below, where the latter ones exactly correspond to
the observed spectra of the analyzed sample. Only the R = 100,000 case is hypothetical. Finally,
the ism_analysis.py script was run on all of the synthetic spectra. The derived atmospheric
parameters are in perfect agreement with the true values, even in the low resolution plus low SNR
case. This result underlines the robustness of the spectral fits as well as the performance of the
used method (Subsection 3.3.3).

4.3.1 Simultaneous Column Density and Doppler Parameter Fits

The first concern is to prove that simultaneous column density and Doppler parameter fits just do
not reliably work, especially for low resolution spectra. Hence, in a first analysis run they were
both fitted freely.

The resulting column densities for Nal are shown in Figure 4.11, where the true value of
logN = 12.5 is indicated by a dashed horizontal line. Obviously, in the low resolution case
(R =2,000 and R = 3,000) the measurements scatter randomly around and have overwhelmingly
large uncertainties. For R = 9,800 the mean values come on average close to the true value, but
the uncertainties are still enormous, in particular for low SNR spectra. For R = 20,000 the mean
values more or less approach the true value and the uncertainties decrease with increasing Doppler
parameter. This makes sense, because the higher b, the stronger the line and the less dominant the
effect of instrumental broadening becomes compared to the intrinsic width of the line. For higher
resolutions (R = 48,000 and R = 100, 000) the measurements seem to converge with the true value,
especially for byye > 3kms~!. Only the uncertainties slightly decrease for higher resolutions.

In Figure 4.12 the resulting Doppler parameters by, of the same measurements are shown,
where the true values are indicated by a dashed identity line. The same random scattering of the
mean values and overwhelmingly large uncertainties as before are visible for resolutions up to
including R =9, 800. For R = 20,000 they seem to be slightly more confined to the true values, but
still a lot of outliers are observable and the uncertainties are large. Again, only for R > 48,000 the
measurements converge with the true values and the uncertainties slightly decrease with increasing
spectral resolution.

Analog plots for Call can be found in Section C.2 and show the same behavior. In conclu-
sion it can be said that fitting both parameters freely is indeed not reasonably possible for the
available observed spectra, in particular the low resolution ones. Even for high resolution FEROS
spectra (R = 48,000), for which the simulated results indicate that it might work, multiple ISM
components further complicate the analysis in practice. It was actually tried to fit both parameters
simultaneously for these spectra in order to derive a reasonable guess for the Doppler parameter
apart from the literature. However, many measurements approach the physical reasonable upper
fit limit of » = 10kms~! (Figure 4.13), especially for Call. Visual inspection of the fits showed
that this is exactly the consequence of multiple only partly or even unresolved ISM components.
Multiple component fits are in principle possible (Welsh et al., 2010), but again only for higher
resolution spectra, where the different lines are fully resolved. At least the small peaks in Fig-
ure 4.13 in the range of b =4 —7kms~' confirm that fixing the Doppler parameter to b = 5kms™!
seems to be the best choice that can be made. However, this raises a systematic uncertainty on the
measurements, which is investigated next.

4.3.2 Fixed Doppler Parameter Fits

The question is, how fixing the Doppler parameter to a certain value influences the resulting column
densities. Figure 4.14 shows an analog plot as Figure 4.12 for the derived column densities of
Nal, but this time with a fixed Doppler parameter of bgyeq = 5kms~!. The true column density of
log NNa1 is indicated by a dashed horizontal line, while the observations, where the true and fixed
Doppler parameters match, are marked with a dotted vertical line.

First of all, it can be seen that those measurements lying on the dotted vertical line perfectly
agree with the true value in all cases, except of one outlier at R = 3,000 and low SNR. However, the
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Figure 4.11: Resulting column densities for Nal after simultaneously freely fitting it and the
Doppler parameter b. The true value of log N = 12.5 is indicated by a dashed horizontal line, while
the true Doppler parameters by, are given on the x-axis. Each subplot corresponds to a different
spectral resolution R as stated in each title and different signal to noise ratios (SNRs) are coded
with different colors and symbols. Missing data points (e.g., in the low resolution and low SNR
cases) mean that no lines have been detected by the program. This happens, if the line is swallowed
by noise. The measurement for R = 100,000, byue = 2kms~!, and a SNR of 30 seems to be an
outlier. In conclusion from the scattering and the large uncertainties, simultaneous free fits of log v
and b do not seem to be reasonable for the real data, except perhaps for the R ~ 48,000 FEROS
spectra.

trend is clearly visible that for overestimated Doppler parameters the measured column densities
are strongly underestimated, while for underestimated Doppler parameters the measured column
density is only slightly overestimated. This trend can be explained with the correlation between
column densities and Doppler parameters. In principle, both parameters increase the equivalent
width of a spectral line, the column density mainly by increasing the depth and the Doppler
parameter by mainly increasing the width. The Voigt profile fits aim to reproduce the equivalent
width of each line. But if, for example, the width cannot be reproduced, because it is fixed to a
wrong value, the fitting routine tries to counteract this issue by increasing or decreasing the column
density. This correlation is also shown in Figure 4.15, where the ISM line fits are shown for three
different true Doppler parameters, but identical fixed ones. In the upper panel the width (b) is
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Figure 4.12: Resulting Doppler parameters for Na I after simultaneously freely fitting it and the
column density. The true values are indicated by a dashed identity line. Each subplot corresponds
to a different spectral resolution R as stated in each title and different signal to noise ratios (SNRs)
are coded with different colors and symbols. Missing data points (e.g., in the low resolution and
low SNR cases) mean that no lines have been detected by the program. This happens, if the line is
swallowed by noise. The scattering and uncertainties are even higher as for Figure 4.11, which
leads to the same conclusion as there.

overestimated and hence, the fit does not account for the full depth (logN) of the line. On the other
hand, in the lower panel the width is underestimated and hence, the depth is overestimated. In the
mid panel the fixed and true value matches and so does the fit. Overall it can be said that fixing
the Doppler parameter raises a systematic uncertainty on the derived column densities. When
dealing with a small number of observation, in the best case higher resolution ones, one could try
to manually adjust the Doppler parameter until the line profile matches. However, this can also be
quite uncertain and is not possible at all, when automatically fitting a large sample of observations
as in this work. Therefore, it is reasonable to agree on a generic value for the systematic uncertainty
that is added on top of the statistical one. According to Figure 4.14, Alog Neysematic = 0.5 seems to
be acceptable and is used for all observed column densities later on in this work. Then it is roughly
accounted for the deviation at larger true Doppler parameters and also for smaller ones, which
are not too far from the fixed value. Really small values of b ~ 1 kms~!, where the deviation is
larger, are actually not often expected for the observed sample, because most of the objects are
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Figure 4.13: Doppler parameter distribution for both elements after freely fitting it using observed
high resolution FEROS spectra. Many measurements approach the upper fit limit of » = 10km s ™!
because of multiple ISM component blends.

fairly distant. Thus, multiple unresolved ISM components broaden the observed interstellar lines
anyway (Figure 4.13). This systematic uncertainty and the pure statistical one add up in quadrature:
Alog Niota) = \/Alogsttat + AlogNsysz.

Another concern is the signal to noise ratio, especially for low resolution spectra. From
Figure 4.14 it can be clearly seen that the trend observed for high resolution spectra is more
and more smeared out in the low resolution ones. This is not only the consequence of the lower
resolution, but also of low SNRs. Even for the higher resolved spectra the low SNR measurements
deviate from the trend at high Doppler parameters. This is even more critical in the low resolution
cases. The derived column densities in the low SNR cases scatter much more heavily and have
much larger uncertainties. Some even approach the upper fit limit of log N = 15. Therefore, it
appears reasonable to set even stricter SNR cuts for low resolution spectra than for higher resolved
ones. The choices adopted later on for the real observations are SNR > 40 for LAMOST spectra
(R ~ 1,800), SNR > 35 for SDSS spectra (R ~ 2,000), SNR > 25 for DESI spectra (R ~ 3,000),
and SNR > 15 for X-Shooter spectra (R ~ 9,800). For all other ones the cut is set to SNR > 10.

4.3.3 Simulated Equivalent Widths

Besides column densities also equivalent widths are measured for each line as proxy for the overall
line strength. These are investigated for the simulated synthetic spectra as well. In Figure 4.16
for example, the derived equivalent widths for the Nal D2 line are shown, which is on average
the strongest of the four interstellar lines. Analog plots for the other three lines can be found in
Section C.2.

Obviously, the measured equivalent widths increase with increasing Doppler parameter as
expected. But this increase does not seem to be linear. It is stronger at lower b values and drops
off at higher ones. From a theoretical point of view, the dependence of the equivalent width of a
spectral absorption line on the number of absorbers (column density) and other physical parameters
like temperature and microturbulence (Doppler parameter) is described by the ”curve of growth*
(e.g., Draine, 2011; Gray, 2021; Bartelmann, 2021). This curve of growth in general exhibits
three distinct regimes. For low column densities NV, the equivalent width increases linearly with N
(W), =< N) and is independent of the Doppler parameter b. At moderate N, the Gaussian Doppler
broadened line core begins to saturate and adding more absorbers just broadens the line rather than
deepening it. In this regime b matters most, because the dependency is approximately

W), < b+/InN/b. 4.3)

Eventually for high column densities N, the growth is dominated by Lorentzian tails of the
line profile and the equivalent width scales with W), o y/N, again independent of b. Interstellar
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Figure 4.14: Resulting column densities for Na [ after fitting it with a fixed Doppler parameter of
biixed = Skms™!. The true value of logN = 12.5 is indicated by a dashed horizontal line, while
the observations, where the fixed and true Doppler parameters match, are marked by a dotted
vertical line. Each subplot corresponds to a different spectral resolution R as stated in each title
and different signal to noise ratios (SNRs) are coded with different colors and symbols. Missing
data points (e.g., in the low resolution and low SNR cases) mean that no lines have been detected
by the program. This happens, if the line is swallowed by noise. The uncertainties on the column
densities decrease with increasing R and SNR, but are still on average about AlogN ~ 0.5 or even
higher for the lowest R values. The systematic offset between measured and true column densities
is larger for lower Doppler parameters than for higher ones. Overall, a systematic uncertainty
due to the fixing of the Doppler parameter of about Alog Ngys ~ 0.5 appears reasonable, as very
low b values are barely observed. A analog plot for the column densities of Call can be found in
Section C.2. It shows exactly the same behavior.

conditions and column densities of roughly N = 10'" — 10'3 cm~2 for CaIl and NaT are typical
for the second regime, where Equation 4.3 is valid. This dependency is perfectly reflected by
Figure 4.16: A linear rise of Wx,1p2 at small b and progressive flattening as b grows. This behavior
is actually also transferred to the column density measurement of Figure 4.14. Since the Voigt
profile fits try to reproduce the equivalent width of a line, which depends on both, the column
density N and the Doppler parameter b. Fixing b to a certain value leads to the systematic deviation
of log N from the true value according to Equation 4.3 and observed in Figure 4.14.
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Figure 4.15: Three Voigt profile fits to synthetic ISM lines (R = 100,000, SNR = 50, log Nyye =
12.5, bgixed = S km s~!) showcasing the bias from fixing the Doppler parameter to a certain value. In
the upper panel the Doppler parameter is overestimated (byue = 4 km s~!) leading to underestimated
column densities and fits that cannot account for the full depth of the lines. In the mid panel the
fitted and true values perfectly match and the fit reproduces the lines well. In the lower panel the
Doppler parameter is overestimated (b = 7kms~!) leading to slightly overestimated column
densities and fits that become deeper than the lines.
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Finally, the equivalent widths measurements are also affected by the SNR, perhaps even
more than the column density measurements (Figure 4.16). While the trend of Equation 4.3 is
clearly visible for higher resolved spectra and low SNR is only affecting the uncertainties, for low
resolution spectra it is again smeared out. The low SNR observations scatter a lot and have huge
uncertainties of up to more than AW ~ 0.1 A. Therefore, in order to measure accurate equivalent
widths, this is another reason to apply strict SNR cuts for low resolution spectra.

4.3.4 Interstellar Radial Velocities

Another important parameter that is measured during the ISM analysis is the radial velocity of
the interstellar lines. In Figure 4.17 the resulting v;,q1sm distributions are shown for different
spectral resolutions and SNRs as measured from the synthetic spectra. The true radial velocity
of Vrag1sm = Okm s~ ! is indicated with a dashed vertical line. Obviously, the accuracy of the
measurements increases drastically from low to high resolution. While it scatters up to more than
+40km s~! around the true value for a resolution of R < 3,000, it always hits the target for higher
resolutions independent of SNR. To get a decent accuracy in the low resolution case, extremely
high SNRs are needed (SNR ~ 500), which are in practice often unrealistic.

Also, when looking at the uncertainties on the radial velocity (Figure 4.18), it can be seen that
it is always well constrained for higher resolutions (Avgsm S 0.5 km s~ 1), even at low SNR.
However, even though the fitting method combines the four individual lines to one radial velocity
fit, which increases the goodness of the measurement, it is not constrained at all for low resolution
spectra (R < 3,000). The uncertainties range up to Avpq ism = 40km s~ and even for super high
SNR it only drops to about Avyygism ~ 10km sl As comparison, for the highest resolutions
Avpag1sm can reach values of less than 0.1 km s~!. For all intermediate resolutions Avradism 18
somewhere in between, but is already quite low for R = 9,800 (Avryg1sm S S km s~1). Compared
to the typical uncertainties of the stellar radial velocities of about Av,q ~ 1 km s~1, this is still
rather high. Later on, the difference between stellar and ISM radial velocity will play an important
role in the search for circumstellar material and high precision is needed. The results here already
indicate, that for this purpose only those spectra with R > 20,000 should be used.

In general, it again appears as a good choice to reject spectra that have both, low resolution
and low SNR for the whole analysis of this work. Furthermore, a lot of caution is needed when
drawing conclusions from radial velocities derived from low resolution spectra. It is generally not
possible to obtain accurate and well constrained values. If this is required though, one necessarily
has to rely on high resolution spectra.
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Figure 4.16: Resulting equivalent widths W for the Nal D2 line. Each subplot corresponds to
a different spectral resolution R as stated in each title and different signal to noise ratios (SNRs)
are coded with different colors and symbols. Missing data points (e.g., in the low resolution and
low SNR cases) mean that no lines have been detected by the program. This happens, if the line
is swallowed by noise. The equivalent widths increase with increasing Doppler parameter as
expected, but this increase is stronger at lower b values. For higher ones the additional increase
seems to drop off according to Equation 4.3. For lower resolutions the uncertainties become very
large (up to more than AW ~ 0.1 A) and even in the high resolution case they can be quite high
(about AW ~ 0.05A) for low SNR. Analog plots for the equivalent widths of the other interstellar
lines can be found in Section C.2.
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Figure 4.17: Resulting radial velocity distributions from the four interstellar lines. Each subplot
corresponds to a different spectral resolution R as stated in each title and different signal to noise
ratios (SNRs) are coded with different colors. The true radial velocity of viq1sm = Okm s is
indicated by a dashed vertical line. Each histogram contains /Ny, bins within the observed
parameter range, where Ng,, is the number of measurements. For R < 3,000 the values scatter
drastically around the true value even for higher SNR (+40kms~"). For R = 9,800 this scattering
is already quite low (about +5kms~!) and for higher R it is no longer visible.
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Figure 4.18: Resulting radial velocity uncertainty distributions from the four interstellar lines. Each
subplot corresponds to a different spectral resolution R as stated in each title and different signal to
noise ratios (SNRs) are coded with different colors. Each histogram contains +/Ngat, bins within
the observed parameter range, where Ngay, is the number of measurements. In the low resolution
case R < 3,000 the radial velocities are highly unconstrained with up to Avyq sm ~ 30 km s7!
or even higher, except for extremely high SNR. From R = 9,800 on (Avqsm S 5 km s71) the
uncertainty decreases drastically even for low SNR. In conclusion, if high precision on the radial
velocity is required, one should stick to R > 20,000 spectra.
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Chapter 5

Investigation of the Interstellar Medium

By running the ism_analysis.py script (Subsection 3.3.4) on numerous stellar spectra of hot
subdwarf stars, various parameters of the interstellar Call H&K and Nal D1&D?2 lines present in
those spectra have been obtained, describing the properties of the interstellar gas they originate
from. Subsequently, the atmospheric parameters of the hot subdwarf stars, derived as part of
the ISM line analysis, are passed to the SED fitting routine (Section 3.4) in order to obtain the
reddening parameter, which represents a proxy for the amount of interstellar dust along the line of
sight.

But before looking at the outcomes, quality cuts have to be introduced to reject unreliable or
even spurious results. First, as extensively discussed in Section 4.3, spectra with a low signal
to noise ratio (SNR) have to be rejected. Since in high resolution spectra much more spectral
information is contained than in low resolution ones, even if the SNR is low, individual SNR
cuts are applied for the different surveys/spectrographs depending on the spectral resolution. The
concrete choices are SNR >40 for LAMOST, SNR >35 for SDSS, SNR >25 for DESI, SNR >15
for X-Shooter, and SNR >10 for SPY/UVES as well as FEROS. These cuts are applied on all
outcomes of the ISM line analysis (equivalent widths, column densities, radial velocities, etc.).
However, if those results are correlated with parameters involving the distance to the stars, another
quality cut based on the Gaia parallax has to be introduced. In particular for distant stars, the
measured parallax gets closer and closer to zero!' and highly uncertain. Therefore, if parallaxes
are involved, additionally objects for which the measured parallax uncertainty is larger than 20%
are rejected. Table 5.1 gives an overview about the number of objects with and without quality
cuts. Earlier in the analysis pipeline (Section 4.1) binary systems detected in the SED as well as
spectra with SNR < 10 were already rejected. Hence, Ny is the number of objects before applying
the new quality cuts and is identical to Ngjgle in Table 4.1. Nsnr is the number of objects after the
new SNR cuts, from which only the low resolution surveys with stricter cuts than SNR > 10 are
affected. Nsnr+g@ 1S the number of objects left after applying both, the SNR and bad parallax cut.
Again, predominantly the low resolution spectra are affected by the additional cut. The reason
for this is that high resolution spectrographs in general need a higher light throughput than low
resolution ones. Therefore, the stars observed by those are brighter and closer and thus, have a
better constrained parallax. Low resolution surveys can observe much fainter and more distant stars
(also see Figure C.4), which is why they are affected more. Obviously, the number of SDSS objects
is reduced the most, because it observes the faintest objects compared to the other surveys (see
Section 2.2). Furthermore, Table 5.1 lists the number of detected interstellar line doublets Ncaii,Nat
out of Ngnr for each species. Due to the strict SNR cuts, most of the spectra show interstellar lines.
Only for a small fraction of objects no interstellar lines were visible. In total, the spectra of 87% of
all objects showed Call H&K lines, while for Nal D1&D2 lines the fraction even increases to
92%. This result alone confirms the ubiquity of interstellar material along all directions, even at
higher Galactic latitudes.

In Section 5.1 a first look at the different obtained parameters is taken and their distributions

In fact, the measured Gaia parallaxes can even become negative (see Figure C.4), which is unphysical, but possible due
to the data processing procedure (Lindegren et al., 2021).
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Table 5.1: Number of objects used for the investigation of the interstellar medium per sur-
vey/spectrograph and in total. Ny is the number of objects without any quality cuts, Nsnr the
number of objects after rejecting spectra with low signal to noise ratio, and NsNr+p the number of
objects after applying the SNR cut combined with a bad parallax cut. Furthermore, the number
of detected interstellar line doublets Ncai na1 out of Nsnr is listed for each element. The sum of
objects per survey is higher than the total number of objects in each row, since some stars have
been observed across different surveys.

SDSS LAMOST DESI FEROS SPY/UVES X-Shooter | In total

No 934 1,231 485 88 80 16 2,349
NsNr 466 586 181 88 80 16 1,237
NsNr+w | 263 567 147 88 77 16 996
Ncan 418 478 131 84 79 16 1,075
NNar 416 539 158 85 69 16 1,136

are statistically evaluated. Then in Section 5.2 the dependencies and correlations between those
parameters are investigated, before it is looked at the distribution of interstellar gas and dust on
the sky in form of Galactic sky maps in Section 5.3. In Section 5.4 the variation of the observed
parameters with distance, direction, and height above and below the Galactic plane is studied in
more detail. Finally, in Section 5.5 the connection between interstellar gas and dust is made by
calculating and analyzing gas to dust ratios and Section 5.6 provides a brief comparison between
measured and predicted reddening values from dust maps.

5.1 Observed Interstellar Line Parameters and Reddening

In this subsection the first results regarding the observed parameters of the interstellar medium are
presented. First, in Figure 5.1 and Figure 5.2 the distribution of the measured column densities
is shown before and after applying the new SNR cuts, respectively. Obviously, the SNR cuts
are justified, since they considerably reduce the contribution from unreasonably high and low
column densities, which approach the fit limits (the borders of the histograms). Additionally, the
distributions get more confined (narrower), which happens if measurements with high uncertainties
and mean values off from the true value are removed. It is also clearly visible from the right
panels of Figure 5.1 that all the unrealistically high column densities exclusively come from low
resolution spectra as expected from the discussions in Section 4.3. In Figure 5.2 leftover peaks at
log N = 15 are still visible. They either come from remaining spurious measurements or they are
actually true. Most of those high column densities come from LAMOST spectra, but LAMOST
comprises the LAMOST Spectroscopic Survey of the Galactic Anticentre (LSS-GAC, Yuan et al.,
2015), which is a survey dedicated to investigate the structure and the history of the Galactic thin
and thick disk. To this end, a large number of stellar spectra were recorded at low Galactic latitudes
(the Galactic disk) in the direction of the Galactic anticentre. This footprint can be clearly seen in
Figure 2.3 for |b| <30° and 150° < < 210°. Because of the dense interstellar material within the
Galactic disk, for those stars extremely high column densities are indeed expected.

Moreover, a deviation between column densities from high and low resolution spectra is ob-
served: Those from higher resolution spectra (FEROS, SPY/UVES, X-Shooter) are systematically
lower than those from low resolution spectra (SDSS, LAMOST, DESI). This is actually not
expected to be a discrepancy in the analysis routine, but reflects the greater distances towards
fainter stars observed with low resolution spectrographs (Figure C.4), which do not require a light
throughput as high as often needed for high resolution ones. The further a star is away from us,
the more intervening interstellar material is possible, resulting into higher column densities. In
addition, the test of the analysis methods on simulated spectra (Section 4.3) did not indicate any
clear systematics between the measured column densities from high and low resolution spectra.
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Furthermore, Figure 5.2 shows the different detection limits of weak ISM lines for each survey.
In general, the higher the spectral resolution the weaker lines can be detected, but also SNR plays
arole. This is also a reason why overall lower column densities for FEROS, SPY/UVES, and
X-Shooter spectra are measured, whereas the distributions for SDSS, LAMOST, and DESI are
already cut off at this point. However, this also means that the column density distributions might
be affected by an observational bias. While it looks like they are closely confined and show a
distinct peak, perhaps measurements of lower column densities are just missing, because they fall
below the detection limit. Anyway, in the following the distributions are statistically examined
further. For both elements the mode and highest density interval (HDI) as well as the median and
quantiles (see Appendix A) were determined as shown in Figure 5.3. For Call the mode and the
median as well as the confidence intervals are identical and the resulting parameter space is

1OgK’CaH,mode/median = 12-7J_r8:g . 5.1

For Nal the results are slightly different with

l0gMatmode = 12.370¢  and  1og MNal.median = 124705 (5.2)
Since the distributions are clearly unimodal, the mode and HDI might be the more appropriate
choice. Assuming that the observational bias is negligible, these results can be interpreted as the
average column densities of Call and NaI with corresponding 1 dispersions in a volume of about
4 kpc (Figure C.4) around us, (mostly) excluding sight lines within the Galactic disk. In previous
analyses with high resolution spectra (R 2 100,000) the column densities are mostly lower than
these average values (Welty et al., 1994; Redfield & Linsky, 2002; Welsh et al., 2010). However,
they observed much closer objects and hence, the higher column densities are not surprising,
assuming that more interstellar material is accumulated along the line of sight.

The distributions of the equivalent widths of the four interstellar lines are shown in Figure 5.4.
For all of them the possible range seems to be within 0.6 A, which is consistent with, e.g., Megier
et al. (2005) and Welsh et al. (2010). Those distributions can also be statistically evaluated
(Figure D.1), even though they show multiple smaller peaks and have zero as physical lower border,
which makes them skewed. The results are as follows:

Wealik mode = 0.21709 A and WeallK median = 0227511 A (5.3)
Weattimode = 0117009 A  and  Weants median = 0.147 503 A (5.4)
WNarD2mode = 0.1779-29 A and WNalD2,median = 0.2570-79 A (5.5)
WNaID1 mode = 0147011 A and WNaID1 median = 0.197017 A (5.6)

These values can again be interpreted as the average values and corresponding dispersions of
the possible parameter space for the interstellar environment of the Milky Way. However, while
column densities directly give physical conditions, equivalent widths only represent the overall
line strengths and no direct conclusions about the properties of the interstellar material can be
deduced from them alone. Therefore, for the further analysis of this work column densities are
preferred. However, as expected from visual inspections of the spectra and the corresponding
atomic data of the lines, the Call H line is on average the weakest one, followed by the Nal D1
line. Whether the Call K or the Nal D2 line is the strongest one depends on the choice of the
mode or median. Since the distributions are a bit oddly shaped, the median might be the more
appropriate choice. Furthermore, the distributions for Nal are slightly broader than those for Call,
which is also reflected in the HDI and the quantiles. Since the column density distributions seem
to be similarly broad for both elements, the physical reason could be that sodium is lighter (atomic
number of Z = 11) compared to calcium (Z = 20). This allows for higher thermal velocities,
leading to increased Doppler broadening and equivalent widths.

One more parameter measured in the ISM line analysis is the radial velocity. Its distribution is
shown in Figure 5.5. It clearly peaks around zero and is much narrower than the distribution of
stellar radial velocities (Figure C.2). This is expected, because the ISM is neither thought to prefer

89



CHAPTER 5. INVESTIGATION OF THE INTERSTELLAR MEDIUM

[ Y - 1 LAMOST _
1.2} £ spss
12} [ DESI
I FEROS
1.0l =1 SPY/UVES
o 10} o X-SHOOTER
C [
3 3
S sl Sos
el ©
(0] (0]
N N 1
© 0.6 T 0.6 -
£ £
o o
Z 94 Z 04
0.2} 0.2
04y 11 12 13 14 15 %90 11 12 13 15
log(Ncan [cm=2]) log(Ncan [cm=2])
1.4
= - 1 LAMOST _
: 1 sDSS
12 3 DESI
I FEROS
1.0} 1 SPY/UVES
- + 1.0 X-SHOOTER
C e
=} =}
3 0.8} 3 1
o O s
he] o©
8 i
% 0.6 %
0.6 =
£ £
Z 04 z
0.4 0.4
0.2} 02
04y 11 12 13 14 15 %9 12 13 15

l0g(Nyar [cm™2]) 10g(Nnar [cm™2])

Figure 5.1: Column density distributions of Ca Il (upper left panel) and Nal (lower left panel)
before applying the new SNR cuts. The number of objects is identical to Ny in Table 5.1. The
number of bins is /Ny, Within the observed parameter range, where Ny, is the number of data
points. The right panels show the same, but for each survey/spectrograph individually. Clearly
visible is the dominant peak at unrealistically high column densities.

one direction, nor to move very fast. The only exceptions are high and intermediate velocity clouds
(HVCs and IVCs, respectively), which show radial velocities of more than |ve,q sm| > 100 km g1
(Wakker & van Woerden, 1997). However, those clouds are located in the Galactic halo at distances
d Z Skpc or are even of extragalactic origin (Richter et al., 2017; Werk et al., 2019; Marasco et al.,
2022). Therefore, only little overlap with the analyzed sample is expected and no clear evidence
for interstellar lines originating from those clouds has been found. Most of the high radial velocity
measurements at the outer wings of the distribution of Figure 5.5 seem to be spurious or very
uncertain ones from low resolution spectra. Statistical evaluation of the distribution gives

i} 267 1 . ot ]
Vrad,ISM,mode = _7,31 kms and Vrad,ISM,median = _8,28 kms™". (5.7)

This quantitatively shows that the dispersion of interstellar radial velocities is about £30km s,
while for stellar ones it is up to 80 km s~! (Figure C.2). The very little skewness towards negative
radial velocities is most likely a consequence of the more sparsely coverage of the Eastern part
of the sky compared to the Western part (Figure 4.10). Due to differential Galactic rotation
the Western side predominantly shows negative radial velocities, while the Eastern one shows
predominantly positive ones (also Figure 4.10). Hence, there are just more data points at negative
radial velocities explaining the little skewness. This is also observed for the stellar radial velocities
(Figure C.2) and would most likely disappear in a fully homogeneous sample.

Lastly, lots of monochromatic reddening parameters E (44 — 55) have been measured using
the SED method, which quantify the amount of intervening interstellar dust. In principle, it is
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Figure 5.2: Same as Figure 5.1, but after applying the new SNR cuts. The large peak at unrealisti-
cally high column densities is considerably reduced compared to Figure 5.1.
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Figure 5.3: Mode (red line) and highest density interval (HDI, yellow lines) as well as median and
quantiles (dashed lines) determination (see Appendix A) for the distributions in the left panels of
Figure 5.2. The results are identical for the column densities of Call with log NCaH,mode /median =

12.7Jj8:g, while they are slightly different for the column densities of NaI with log NNal.mode =
12.3t8;g and IOgNNaI,median = 12-4f8§-
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Figure 5.4: Measured equivalent distributions for the four interstellar lines. The small peaks
especially for Call at unrealistically high values of W > 1 A most likely again come from spurious
measurements using low resolution spectra. The statistical evaluations can be found in Figure D.1.
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Figure 5.5: Overall distribution of measured interstellar radial velocities (left panel) and its
statistical evaluation (right panel). The red and yellow vertical lines depict the determined mode
and HDI of Vaq 1SM mode = —7f§? kms~!, while the dashed vertical lines depict the median and
quantiles of Vraq 1SM,median = —833 kms~!.
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Figure 5.6: Overall distribution of measured interstellar reddening parameters (left panel) and its
statistical evaluation (right panel). The red and yellow vertical lines depict the determined mode
and HDI of E (44 — 55) mode = 0.03 fg:gg mag, while the dashed vertical lines depict the median and
quantiles of E (44 — 55)median = 0.05 700 mag.

possible to convert it to the more commonly used E(B — V) reddening parameter (Fitzpatrick
et al., 2019), but this conversion is actually not trivial. Therefore, and because the conversion
factor is usually close to one, especially in the UV/blue regime where hot subdwarfs emit most of
their light, it did not appear worthwhile to carry out the conversion and in the further course of
this work E (44 —55) is used. Its distribution is shown in Figure 5.6. It comprises the physically
expected parameter space up to 1 mag (Green et al., 2015), but is clipped at 0.6 mag for a better
visualization. However, the comprehensive three dimensional dust maps of Green et al. (2015)
show that high reddening values are only reached for sight lines within the Galactic plane, where
most of the interstellar dust is concentrated. The stellar as well as interstellar density falls off
exponentially with increasing distance from the disk (exponential disk). This explains, why the
reddening distribution of Figure 5.6 mostly shows small values approaching zero: The Galactic
plane is almost entirely excluded (Figure 2.3) and most of the hot subdwarf stars are located at
higher Galactic latitudes. The determined mode with HDI and median with quantiles are

E(44—55)mode = 0.037005mag ~ and  E(44 — 55)median = 0.0579-0) mag. (5.8)

Especially the right panel of Figure 5.6 shows that the skewness caused by the proximity to zero of
most of the values makes the distribution not well behaved. This complicates its evaluation and the
median is definitely the better choice.

To ensure a consistent comparability between all the measured parameters, in the following if
not stated otherwise, always the median and the 30 confidence range is chosen for the parameter
spaces. This mainly concerns the chosen axis limits of plots and the color codes of sky maps.

5.2 Correlations Between the Interstellar Line Parameters - A Con-
sistency Check

The measurements of equivalent widths and column densities for each line and element are, of
course, not independent. If, for example, the equivalent width of one line of a doublet increases, also
that of the other line of the doublet should increase, since both originate from the same interstellar
environment. Furthermore, the amounts of interstellar Call and Nal are also not independent
of each other and the column density ratio Nxa1/Ncair mainly scales with the temperature of the
interstellar environment. In cold neutral gas clouds (7" ~ 30 K) most of the gaseous calcium is
depleted onto dust grains and the ratio is Nxa1/Ncanr > 100, while in warm partially ionized gas
clouds Call remains gaseous, Nal becomes ionized, and the ratio drops to Nna1/Ncanr < 0.5
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Figure 5.7: Correlation of the equivalent widths of the Call line doublet (left panel) and the Nal
doublet (right panel). The measured data is binned into 150 equally wide bins in x-direction. The
linear increase is clearly visible in both cases.

(Welsh et al., 1991, 2010). Taking the average column densities of each element from Equation 5.1
and Equation 5.2, the average ratio here is about

NNal 1012.3 cm*2 B
Mo = o7 om=2 04 (5.9)

This result is in perfect agreement with the findings of Linsky et al. (2022) that the space within
4 kpc around the Sun is filled with warm and partially ionized interstellar clouds having tem-
peratures in the range of 2,450 K up to 12,900 K. However, the Nal to Call ratio should stay
approximately constant across an interstellar cloud. Therefore, an increase of the column density
of one element should also come with an increase of the column density of the other element (or
equivalent width, respectively). These patterns are investigated further in this section.

But first of all, just plotting the measured parameters over each other with more than 1,000 data
points does not appear reasonable. The figures would be heavily crowded and potential trends
smeared out. Thus, it was decided to bin the data for a better view and to isolate those potential
trends. So each of the following plots contains 150 equally wide bins in x-direction, where the
median and the standard error is taken for the x- and y-values.

Figure 5.7 shows the correlation of the equivalent widths among the two line doublets. Even
though the uncertainties and the scattering increases at large equivalent widths in both cases?,
the linear trend is clearly visible. In particular for the Nal D lines, it is nicely confined and well
pronounced. The reason, why for the Call lines the scattering is a bit higher, is most likely that the
SNR in the blue regime of optical spectra is usually lower than in the red one. But the weakness
of the Call H line combined with the He blend could also play a role. Still, the linear trend is
also visible there. It exactly confirms the expectation that the equivalent widths of both lines of a
doublet increase equally strong with changing interstellar environments like density, temperature,
and microturbulent velocity.

Next, the correlation of the line strengths across the two elements is investigated. In Figure 5.8
the equivalent widths of both Call lines are plotted against that of the two Nal lines. For the
strength of the Call K line again a linear correlation with the strengths of the Nal D lines is
clearly visible (upper panels). For the Call H line (lower panels), however, the trend is smeared
out and does not necessarily appear to be linear. This can be again explained with the overall
weakness of the line combined with the He blend, which is certainly a source of uncertainty. But
it is still obvious that the equivalent width of the Call H line increases simultaneously with that

This is not only a result of indeed increasing uncertainties for increasing equivalent widths, but also a result of the
binning. The number of data points in the high equivalent width bins is much smaller than in the lower ones. If
additionally the values for these data points scatter a lot, the uncertainties of the binned data is quickly inflated. This is
also seen in further plots in this chapter.
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Figure 5.8: Correlation of the equivalent widths of the Call H&K lines with that of the Nal
D1&D?2 lines. Apparently, the amounts of interstellar Ca Il and Nal causing the spectral lines are
not independent of each other, since the equivalent widths simultaneously increase.

of the Nal D lines. In Figure 5.9 the same is shown for the measured column densities of both
elements. Again, even though it can not be concluded that the dependence is necessarily linear, it
is clearly visible that both column densities correlate with each other. If one of them increases,
on average also the other one increases. Together with Figure 5.7 this confirms the expectation
that the abundances of Call and Nal in interstellar clouds are not independent, even though they
vary with temperature. Except of in the extreme cases of cold neutral clouds (7" ~ 30 K) and warm
ionized clouds (7" ~ 15,000 K), there are barely clouds either containing large amounts of calcium
and totally lacking of sodium or vice versa. Hence, on average the densities of both scale with
each other.

The last relation to check is the increase of the equivalent width with column density. As already
stated in Section 4.3, it is theoretically described by the curve of growth, which has three distinct
regimes depending on the column density N (Draine, 2011; Bartelmann, 2021; Gray, 2021):

N small N, linear regime
W(N)e ¢ v/InN moderate N, saturated line core regime (5.10)
VN high N, Lorentzian wings regime

In Figure 5.10 the equivalent widths of all four interstellar lines are plotted against the respective
column density. In order to stick with the convention, the equivalent widths are also plotted
in a logarithmic scale. In all of the cases the v/InN dependence is strongly pronounced and
confined, especially when comparing the curves to textbook figures or simply to that on Wikipedia®.
Apparently, the measured column densities lie at the lower end of the saturated core regime. With
spectra that are more sensitive to weaker lines, i.e. having higher resolution or signal to noise

3 https://en.wikipedia.org/wiki/Curve_of_growth
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ratio, a lower detection limit could be reached, perhaps also revealing the transition towards the
linear regime. While the linear and the saturated line core regime are indeed those expected for the
densities of the interstellar medium, the Lorentzian wings regime is most likely never reached for
interstellar conditions, even for sight lines within the Galactic disk. Such high densities regions
might only be found in stellar environments or other very high column density sites, but not in the
average interstellar medium.

Overall it can be said from the findings of this section, that all measurements perfectly fulfill the
expectations. This does not only demonstrate the quality of the derived data, but also underlines
the robustness of the developed analysis methods through all of the complications and caveats
discussed in Subsection 3.3.4. Furthermore, it showcases the effectiveness of the applied quality
cuts. Without them, the results would by far not look as conclusive.

5.3 Distribution of Interstellar Gas and Dust on the Sky

In this section the two dimensional distribution of gas and dust on the sky is investigated. In
principle, it would be desirable to compile comprehensive gas and dust maps, as for example done
by Murga et al. (2015), Green et al. (2019), or Anders et al. (2022). With distance information even
the third dimension is accessible, instead of just the two dimensional distribution on the sky. But
unfortunately, with only about 1,000 sight lines as in this work, even that 2D distribution on the
sky is only poorly covered. Therefore, compiling three dimensional gas and dust maps, for which
hundred thousands or millions of background sources are needed, is far beyond the capabilities of
the obtained data set. Still some major structures and differences between the distributions of gas
and dust can be resolved.

In Figure 5.11 the distribution of Call column densities, in Figure 5.12 the distribution of Nal
column densities, and in Figure 5.13 the distribution of the measured reddening parameters is
shown. The column densities represent gaseous Call and Na I, which can be both considered as
proxy for the overall amount of intervening gas, while the reddening parameter stands as proxy
for the overall amount of intervening dust. For all sky maps the Aitoff projection is used and all
measurements exceeding the borders of the color-coded range are set to the border values. The
same maps for the determined equivalent widths are shown in Section D.2, but do not provide new
insights.

What all sky maps have in common, is a gradient from the Galactic plane towards higher
Galactic latitudes. Much higher values are measured close to the disk than towards the poles, which
is expected, since most of the interstellar gas and dust is confined to the Galactic disk. Furthermore,
the highest values are measured in all maps in a region towards the Galactic anticenter. With a range
in Galactic longitude of about 130° < / < 200° and in Galactic latitude of about —30° < b < 10°
this major structure can most likely be identified with the Taurus—Perseus—Auriga—California
complex as part of the Gould belt (Ungerechts & Thaddeus, 1987; Alves et al., 2020). This
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Figure 5.10: Correlation of the equivalent widths of the four interstellar lines with the respective
column densities, which is theoretically described by the curve of growth (Equation 5.10). The
W (N) o< /InN behavior is clearly pronounced and the measured column densities all lie within the
saturated line core region. At best the transition towards the linear regime is touched at the lower
column density end, but the high density Lorentzian wing regime is never reached, as expected
for interstellar environments. Uniform axis limits instead of the 3¢ parameter space from the
distributions are chosen for the best comparability of all four plots.

structure is also, for example, seen in Figure 1.1. With distances of only 120 — 400 pc this giant
accumulation of dark clouds, molecular clouds, and star forming regions, is very close by and
covers a large area of the sky.

But the maps also show some differences among each other, even the Call and Nal gas maps.
According to Figure 5.11, moderately large Call column densities scatter up to higher Galactic
latitudes, especially in the North. The South is much more poorly covered at high Galactic
latitudes, but also shows some isolated larger values down to b ~ —60°. Since on average no
asymmetry between the Northern and Southern side is expected, the pattern should be the same for
a homogeneously distributed sample. That more higher values are measured towards the North
is most likely an observational bias. The Nal column density map (Figure 5.12) shows the same
patterns and structures up to |b| ~ 40°, but at higher Galactic latitudes the measured values drop off
rapidly. Unlike for CaIl, almost no higher column densities are found for |»| = 60°. This means
that gaseous Na I, mostly found in cold neutral clouds, is more closely confined to the Galactic
plane than gaseous Call, which is mostly found in warm partially ionized clouds and extends
more uniformly to higher Galactic latitudes. This result is in great consistency with, for instance,
Welsh et al. (2010) or Murga et al. (2015). While the background sources of Welsh et al. (2010)
have distances of up to only a few hundred parsecs, making it hard to directly compare the results,
Murga et al. (2015) used several hundred thousand extragalactic sources (quasars and galaxies)
to shine through the interstellar and circumgalactic media of the Milky Way, exclusively at high
Galactic latitudes. Their Call and Nal gas maps show exactly the same patterns and structures as

97



CHAPTER 5. INVESTIGATION OF THE INTERSTELLAR MEDIUM

14.5

14.0

-
w
5

15° /o

o
P
09g(Ncan [em™2])

12,5

Galactic Latitude

g -
-~ o ~

-75°  Galactic Longitude

Figure 5.11: Aitoff projection of the measured Call column densities on the sky in Galac-
tic coordinates. Values exceeding the color-coded parameter range are saturated. The most
prominent feature is observed towards the Galactic anticenter, most likely matching with the
Taurus—Perseus—Auriga—California complex as part of the Gould belt (Alves et al., 2020). High
column density values extend up to high Galactic latitudes.

Figure 5.11 and Figure 5.12.

Now when looking at the distribution of interstellar dust in Figure 5.13, the structure towards the
Galactic anticenter is even more pronounced than in the gas maps. Except of a few measurements
close to the Galactic plane, it is essentially the only region, where the reddening parameters exceed
values of about 0.2 mag. This is actually also the biggest contrast to the previous maps. For
Galactic latitudes of |b| = 30°, the vast majority of the data points are black, indicating a reddening
close to zero. Apparently, interstellar dust seems to be heavily concentrated in the Galactic disk and
not extending at all towards higher Galactic latitudes. This finding agrees well with, for example,
Sodroski et al. (1997), Demyk (2011), or Anders et al. (2022). Interstellar dust is predominantly
found in the Galactic disk, where it closely correlates with the density of gas. It is primarily
concentrated in regions with dense gas such as molecular clouds and areas of star formation like the
Taurus—Perseus—Auriga—California complex. While interstellar gas can extend to higher Galactic
latitudes, especially in the form of diffuse clouds, dust tends to be more localized within the disk.
This is due to the processes of dust formation and destruction, which are heavily influenced by the
local environment, particularly in regions of star formation where dust is created and subsequently
mixed with gas (Demyk, 2011).

Lastly, in Figure 5.14 the distribution of measured ISM line radial velocities is shown. Again
like for the stellar radial velocities (Figure 4.10), the Western side predominantly shows negative
radial velocities (blue dots), while the Eastern side predominantly shows positive ones (red dots).
This is again a clear sign for Galactic differential rotation. Deviations from this trend are most
likely explained by the uncertain radial velocity measurements using low resolution spectra.
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Figure 5.13: Aitoff projection of the measured reddening parameters on the sky in Galactic
coordinates. Values exceeding the color coded parameter range are saturated. The most promi-
nent feature is observed towards the Galactic anticenter, most likely matching with the Tau-
rus—Perseus—Auriga—California complex as part of the Gould belt (Alves et al., 2020). Apart from
that feature almost no larger reddening values are visible. In particular at high Galactic latitudes
no significant reddening is measured at all.
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5.4 Variation of Interstellar Properties with Distance, Direction, and
Height from the Galactic Plane

In the previous section the two dimensional distributions of the measured interstellar parameters on
the sky were inspected. Thanks to Gaia, also the third dimension is accessible in form of parallaxes
and the corresponding distances. Hence, this section will dig a bit deeper and have a closer look
on the correlations of the interstellar parameters with the distance itself, the directions of the sight
lines combined with distances, and the heights above and below the Galactic disk.

In Figure 5.15 the interstellar parameters (equivalent widths of the four ISM lines, column
densities of both elements, and reddening) are plotted against the stellar distances. Again, the data
is binned into 150 equally wide bins in x-direction in order to make the figures not overcrowded
and to better isolate potential trends. Additionally, the median of each parameter distribution as
determined in Section 5.1 is depicted as red dashed line. For the equivalent widths and column
densities a clear trend can be observed for distances smaller than about 1 kpc, where the line
strengths increase with increasing distance. For larger distances, the line strengths reach average
values (the dashed lines) and begin to saturate. Additionally, at about 2.5 kpc the measurements
begin to scatter a lot with large uncertainties smearing out potential trends. As explained before,
this is not only a consequence of indeed larger uncertainties, but also of the binning. Overall, the
observed behavior can be explained as follows: For very low distances there might on average
not be a lot of intervening gas in the line of sight, resulting into low column densities, which
increase successively with distance as additional clouds are intersected. At the same time, for low
column densities the equivalent widths increase linearly with column density and hence, distance,
according to the curve of growth. At some distance, when enough material is added to the line
of sight, the absorption line cores begin to saturate and the growth of the equivalent widths with
column density begins to flatten (Figure 5.10). The reason why also the column densities begin
to saturate with increasing distance is most likely a geometric effect. Since most of the stars
are observed towards higher Galactic latitudes, large distances place them into the Galactic halo
rather than the Galactic disk, where most of the interstellar gas is concentrated. Thus, increasing
the distance further will not add significant amounts of interstellar material to the line of sight,
assuming that the ISM density drops off in the halo, making the column densities saturate as
well as the equivalent widths. In particular, the roughly linear increase of the equivalent widths
at low distances was already observed formerly. Therefore, attempts were made to model this
correlation as precise as possible in order to estimate distances to early type stars based on the
interstellar absorption lines in their spectra (Megier et al., 2005, 2009). However, this approach is
obviously only valid for small distances up to a few hundred parsecs before the equivalent widths
begin to saturate. Furthermore, it is highly uncertain and it was already predicted by Megier et al.
(2009) that the parallaxes from future astrometric surveys will supersede the distance estimates
from interstellar line strengths. With the advent of the unprecedented Gaia mission this became
clearly the case, making distances inferred from interstellar line strengths redundant. Hence, even
though it might be an interesting exercise, it did not appear worthwhile to reproduce the relations
of Megier et al. (2005) and Megier et al. (2009) here. Otherwise, they also investigate the distance
dependence of interstellar line strengths from other metals as well as reddening. However, they
found that those are no suitable candidates for distance estimates as their relations are far less
tight than for Call (Nal is not discussed). This is also reflected in the lowest panel of Figure 5.15,
where the reddening is plotted over the distance. It shows almost no pattern at all, which most
likely means that most of the interstellar dust is located very close to us. Increasing distance,
especially towards higher Galactic latitudes, does on average not add any significant amount of
dust to the line of sight such that the distribution rapidly flattens.

In the sky maps of Section 5.3 a clear gradient of the interstellar parameters from low to high
Galactic latitudes was observed. This gradient is further investigated in Figure 5.16, where the
measured interstellar parameters are plotted over Galactic latitude. To include distance information,
the data is binned into three different distance bins (d < 1kpc, 1kpc < d < 2kpc, and d > 2kpc).
The measurements of each distance bin are again binned into 50 equally wide bins in x-direction.

100



5.4. VARIATION OF INTERSTELLAR PROPERTIES WITH DISTANCE, DIRECTION, AND
HEIGHT FROM THE GALACTIC PLANE

75°

o
Vrad,1sm [kms™1]

150 X

Galactic Latitude

-75° Galactic Longitude

Figure 5.14: Aitoff projection of the measured ISM line radial velocities on the sky in Galactic
coordinates. Values exceeding the color coded parameter range are saturated. The trend of
predominantly negative radial velocities (blue dots) on the Western side and predominantly positive
radial velocities (red dots) on the Eastern side can be explained with differential Galactic rotation.
Deviations most likely originate from uncertain radial velocity measurements using low resolution
spectra.

Additionally, the median of the respective parameter distribution is depicted as dashed horizontal
line. In the panels of Figure 5.16, showing the interstellar line parameters (equivalent widths
and column densities), it is clearly visible that on average higher values are measured for larger
distances, at least at lower Galactic latitudes. For higher Galactic latitudes the three curves more
or less seem to merge, which means increasing the distance does not add significant amounts of
interstellar material. This makes sense for objects located in directions close to the Galactic poles,
where the sight lines traverse mostly the Galactic halo rather then the disk and little intervening
interstellar material is added with increasing distance. For the reddening, however, almost no
distance dependence is observed. This was already indicated by the last panel of Figure 5.15.
Otherwise, Figure 5.16 strongly confirms the findings of Section 5.3:

* Most of the intervening gas and dust is found for sight lines within the Galactic disk at low
latitudes as seen from the huge peak in the middle of each panel.

¢ A second smaller peak or rather plateau is visible for about —50° < b < —10°, which most
likely matches with the Taurus—Perseus—Auriga—California complex as part of the Gould
belt. Since it consists mainly of molecular and dark clouds, which are associated with cold
neutral medium, this feature is more pronounced for Nal and reddening than for Call,
predominantly found in warm partially ionized medium.

* The asymmetry between the North and the South is most likely an observational effect. The
South is much more sparsely covered than the North and by chance predominantly sight
lines are observed with little intervening interstellar material, while the North covers also
sight lines with denser material. In a homogeneously distributed sample, this asymmetry
would most likely disappear. Hence, in the following the North is considered as statistically
more representative.

* Gaseous Call is more uniformly distributed towards higher Galactic latitudes than Nal,
which is more closely confined to the Galactic plane. This can be seen from the less dominant
peak for Call equivalent widths and column densities at low Galactic latitudes and the less
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Figure 5.15: Dependence of the interstellar line parameters (equivalent widths and column
densities) as well as reddening on the distance. The median of each parameter distribution is
depicted as dashed red line. The data is binned to 150 equally wide bins in x-direction for better
visibility. In the case of the ISM line parameters a clear correlation is observed for low distances.
At higher ones the values begin to saturate. For the reddening parameter almost to pattern is visible.
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rapid decrease towards higher Galactic latitudes. The measurements for Call stay at the
average (dashed line) even for the highest Galactic latitudes, while those for Nal fall well
below it.

* Interstellar dust is most strongly confined to the Galactic disk, even stronger than gaseous
Nal. While the Nal line strengths fall below the average at high Galactic latitudes, but still
show moderate values, the reddening almost drops to zero.

Analog plots as in Figure 5.16 for the Galactic longitude are shown in Section D.3. However,
except of the Taurus—Perseus—Auriga—California complex at about 100° < [ < 210° they do not
show any features or new insights and are most likely also biased by observational effects.

Furthermore, analog plots are also shown for the height z above and below the Galactic plane
in Figure 5.17, where the binning is the same as before. From simple geometry the height can be
calculated via z = d'sinb from the distance d and the Galactic latitude b. Of course, if the distance
is limited to a certain value, also the height cannot exceed that value. This explains the different
ranges for the three distance ranges in Figure 5.17. In this case, the distance dependence is clearly
visible for all parameters, especially at low heights, even for the reddening. This behavior is
explained by the long light paths through the Galactic disk for high distances at low heights. Here,
increasing the distance adds a lot of intervening interstellar gas as well as dust to the line of sight.
On the other hand, for low distances (the blue curves) the height does not seem to play a role and
no clear trends are observed. Since the distances are too low for the sight lines to leave the disk
towards the halo, the interstellar parameters are essentially independent of direction there. The only
feature observed at least for NaI and reddening at about —1kpc < z < Okpc again corresponds to
the Taurus—Perseus—Auriga—California complex and is weaker for Call, because it is mostly found
in warm partially ionized medium rather than in cold neutral clouds. Otherwise, the same patterns
as before can be seen. For large |z| values at high distances, at which the background stars are
located in the halo, the measured parameters for Call barely fall below the average (dashed line),
indicating the uniform distribution of Call even outside of the disk. For Nal and reddening, the
measured values rapidly fall below the average, again indicating that gaseous Nal and interstellar
dust is much more closely confined to the Galactic disk than gaseous Call.

5.5 Interstellar Gas to Dust Ratios

Another valuable characteristic of interstellar clouds is the ratio of their gas and dust contents.
Therefore, the correlation between interstellar gas and dust is investigated in this section as well as
the concrete gas to dust ratios.

5.5.1 Correlation Between Interstellar Line Strengths and Reddening

In Figure 5.18 the measured interstellar line parameters for both elements are plotted against the
determined reddening. The data points are binned the same way as before and the medians of the
parameter distributions are depicted as red dashed lines.

Especially for low reddening, for which also the line parameters are below average, a tightly
confined and roughly linear correlation can be seen. It is even more pronounced for Nal than
for Call, which again reflects the interstellar environments in which these elements are found.
Call is predominantly found in warm partially ionized clouds, while Nal is predominantly found
in cold neutral clouds, where also a lot of dust is expected, since dust grains survive and grow
better in cold, dense, and neutral environments (Zhukovska et al., 2018; West et al., 2023). This
means the abundances of Nal and dust are much more coupled than that of Call and dust. For
larger reddening values, the measured line parameters begin to scatter a lot with large uncertainties.
However, for Call it seems that they scatter around the average, while for Nal they scatter well
above the average. In both cases the line parameters seem to saturate at higher reddening values.
This linear correlation with subsequent saturation was already formerly realized for the Nal D
doublet and attempts were made to model it (Richmond et al., 1994; Munari & Zwitter, 1997;
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Figure 5.16: Dependence of the interstellar line parameters (equivalent widths and column
densities) as well as reddening on the Galactic latitude and distance. The median of each parameter
distribution is depicted as dashed line. The data is binned into three distance ranges with d < 1kpc,
1kpc <d < 2kpc, and d > 2kpc. Each distance range contains 50 equally wide bins in x-direction.
For the equivalent widths and column densities on average higher values are measured for larger
distances, at least at lower Galactic latitudes. The reddening shows almost no distance dependence.
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Figure 5.17: dependence of the interstellar line parameters (equivalent widths and column den-
sities) as well as reddening on the height above and below the Galactic plane and distance. The
median of each parameter distribution is depicted as dashed line. The data is binned into three
distance ranges with d < 1kpc, 1kpc < d < 2kpc, and d > 2kpc. Each distance range contains
50 equally wide bins in x-direction. On average higher values are measured for larger distances,
especially at lower heights.
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Poznanski et al., 2012). This would allow for a reddening estimate based on interstellar NaI D line
strengths.
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Figure 5.18: Correlation between interstellar line parameters (gaseous Ca Il and Nal) and redden-
ing (interstellar dust). The data is binned into 150 equally wide bins in x-direction and the medians
of the respective parameter distributions are indicated with red dashed lines. For low reddening
values a tight and roughly linear relation is observed, while for larger ones the scattering dominates
and saturation sets in. The abundance of Nal seems to be more strongly coupled to interstellar
dust than that of Call.

Unfortunately, their models show large discrepancies. Therefore, Poznanski et al. (2012)
extensively discusses the complications for modeling the correlation from both, a theoretical and
observational point of view. On the one hand, the theory is quite complex with a large number
of proportionality factors that can all drastically vary in the Milky Way. On the other hand, the
correlation highly depends on the interstellar physical conditions and the used background sources.
As short summary, the sources of uncertainty are: The low ionization potential of sodium (5.1eV),
depletion of sodium on dust grains, multiple ISM components, as well as varying gas to dust ratios,
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sodium abundances, and dust properties across the Galaxy. Overall they conclude that the simplest
empirical, but still precise way to model the correlation is to take a linear relation between the
logarithm of the color excess (reddening parameter) with respect to Nal D line equivalent widths.
This approach is reproduced for the obtained data set of this work and shown in Figure 5.19. It
comprises not only the individual equivalent widths of the Nal D doublet, but also the sum of
both, which is stated as the most accurate relation in Poznanski et al. (2012). Furthermore, the
same is tested for the Nal column densities as well as for Call equivalent widths and column
densities, which are not considered in Poznanski et al. (2012). The resulting relations for the Nal
D equivalent widths from the linear fits are

log E (44 — 55) = (1.55+0.06) X Wnarpz — (1.64£0.01) (5.11)
log E(44 — 55) = (1.95 +0.08) x Wxarpi — (1.61£0.01) (5.12)
log E (44 — 55) = (0.95 £ 0.04) x Warpi+p2 — (1.67+0.01) , (5.13)

while Poznanski et al. (2012) found*

10gE(B—V) =2.16 X Wxaipz — (1.91£0.15) (5.14)
IOgE(B—V) :2-47XWNaID1 —(176ﬂ:017) (515)
10gE(B— V) =1.17 X WNaID]—I—DZ — (185 :|:008) . (516)

Although the trend seems in all cases to nicely match, the mean values of the slopes and offsets are
off by many standard deviations. Also the pure statistical uncertainties on the offsets are much
smaller here. Overall the mismatch can have several reasons: Firstly, the background sources
used by Poznanski et al. (2012) are extragalactic quasars and galaxies, while in this work nearby
stars in a volume of about 4 kpc around the Sun are used. So the average number of crossed
interstellar clouds by the lines of sight might be higher in their sample than here. However, when
more and more clouds are traversed, the measured reddening from increased dust column densities
adds up linearly, while the line strengths begin to saturate at some point, if more gas is added
to the line of sight. This observational bias is most likely one source of systematic deviation.
Secondly, Poznanski et al. (2012) take the two dimensional line of sight reddening parameters
from Schlegel et al. (1998) for their background sources, which are E(B — V') values. Even though
the deviation is small (Fitzpatrick et al., 2019), the monochromatic E (44 — 55) values measured by
the SED method (Section 3.4) are not identical. This is clearly another source of systematic bias.
Still, except of the systematic offsets, the results match quite well. If no independent reddening
measurements are possible for stars or other astronomical background sources, Equation 5.11 to
Equation 5.13 represents a valid tool to estimate it from interstellar NaI D1&D2 absorption line
equivalent widths. According to Poznanski et al. (2012), with this method the uncertainty on the
derived reddening will be about 30%-40%.

For test purposes, the same procedure was applied for the Nal column densities as well as for
Call equivalent widths and column densities. The resulting linear fits, slopes, offsets, and reduced
x? values are also shown in Figure 5.19. While the CaII equivalent widths seem to decently work
for this purpose as well, even though the scattering of the data points and the uncertainties on
the fit parameters are a bit larger than for Nal, column densities are obviously not suited in both
cases. The uncertainties, in particular on the obtained offsets, are just too large. Overall, using
Nal equivalent widths instead of Call ones still seems to be the better choice. This can be seen
from the reduced x? values alone, which are much closer to unity for NaI, which indicates that the
linear model fits better there.

5.5.2 Variation of Galactic Gas to Dust Ratios

What is left to investigate are the Galactic gas to dust ratios. In the literature they are typically
expressed as Rgp := N /E(B — V) in units of 10> cm~>mag !, where My is the total hydrogen

4 For some reason they did not give uncertainties on the fitted slopes.
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Figure 5.19: Logarithm of the reddening parameter versus interstellar line parameters with linear
fits (red solid lines). The 10 uncertainty interval is depicted as red contour. The derived linear

relations as well as the corresponding reduced y? values are given in the labels of each panel. The

relations are constrained best for Na I equivalent widths. Call ones also give decent results, while
those for the column densities are poor in both cases.
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column density (neutral hydrogen HI and molecular one H»). On average’ they are not expected
to vary a lot throughout the Milky Way disk, but with Galactic latitude as interstellar dust is closely
confined to the disk. For the Galactic disk typical values of about 6 x 102! cm~2mag~! have been
found (Savage et al., 1977; Bohlin et al., 1978; Rachford et al., 2009; Gudennavar et al., 2012;
Shull et al., 2021; Liszt & Gerin, 2023). For higher Galactic latitudes, however, somewhat larger
values of about 8 — 10 x 102! cm_zmag_1 are observed (Liszt, 2014a,b; Lenz et al., 2017; Liszt
& Gerin, 2023; Shull & Panopoulou, 2024). For the determination of these ratios, various kinds
of background sources have been used, like early type stars and active galactic nuclei (AGNs),
combined with radio observations of neutral hydrogen. Hydrogen column densities were derived
either using the UV absorption in the spectra of the background sources or the 21 cm radio emission,
while reddening was either obtained from stellar photometry or far infrared dust emission.

In this work, however, there is no direct access to hydrogen column densities, since only that of
Call and Nal are measured. Nevertheless, the gas to dust ratios Rgp carr,Nar = Ncair,Nar/E (44 —
55) for those elements are calculated in units of 10'> cm~2mag~'. The distributions of both ratios
can be seen in Figure 5.20, where they are shown in logarithmic scale due to the large dispersions.
Both distributions exhibit a constrained peak with tails towards higher values. These tails can most
likely be explained with measurements at high Galactic latitudes, where the dust content rapidly
falls off leading to high gas to dust ratios. Towards lower values only the ratios for NaIl show a
little tail. This is also reasonable, because it means the dust content dominates over the gaseous
Nal there, which is only possible in cold neutral clouds, where both can coexist. Gaseous Ca Il
is predominantly found in warm partially ionized clouds, where only little amounts of dust are
expected, while in colder clouds calcium is depleted onto dust grains. This explains the sharp cut
towards smaller values for the Call ratios. Both distributions have been statistically evaluated
(also see Figure 5.20) and the resulting average parameters are

1OgRGtD,CaH,mode = 214:8491 and 1OgRGtD,CaH,Inedian = 20t82 (517)

1OgRGtD,NaI,mode = 16i82 and 1OgRGtD,NaI.,median = 17J_r8€5; (5.18)

Now it would be desirable to compare these results with the above mentioned gas to dust ratios
for hydrogen. Unfortunately, there is no certain way to reliably convert Call and Nal column
densities to hydrogen ones. Murga et al. (2015) investigates how the Call and NaI abundances
vary with hydrogen abundance in the interstellar medium and try to find a relation to convert
Call and Nal equivalent widths to hydrogen column densities. However, this procedure is highly
uncertain, especially for different interstellar environments, and only applicable for weak lines
before saturation sets in. Another simple, but more straight forward way is to just scale the Call
and Nal column densities with solar abundances to estimate the hydrogen column density. Even
though interstellar abundances can in specific cases deviate considerably from solar ones, this
approach might be on average not too bad and worth a try. According to Asplund et al. (2021) the
solar abundances of calcium and sodium are

N, N,
€2 22.00%x10°  and Na
H H

~1.66x107°. (5.19)

So when taking the median values of Equation 5.17 and Equation 5.18, scaling them with Equa-
tion 5.19, and converting them to linear scale, one obtains

R m(cam = (5.007033) x 10" cm™*mag ™! (5.20)

Rew pvan = (3-0270:75) x 10" em ™ mag ™ (5.21)

for the hydrogen column density gas to dust ratios. Those are both more than two orders of
magnitude off from the literature values, which means they clearly must be wrong. The assumption
of solar abundances for the interstellar medium, combined with a very simplified approach not
taking into account ionization fractions and dust depletion of the elements, seems to be very poor.

5 Locally, they might change a lot with different interstellar environments.
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Figure 5.20: Distributions of the determined interstellar gas to dust ratios for Call and Nal (left
panels) and their statistical evaluations (right panels). The red and yellow vertical lines depict
the modes and HDISs of 1og RGp call.mode = 2.1f8:g and 10g RG> Nal.mode = 1.6fgzg, respectively,
while the dashed vertical lines depict the medians and quantiles of logRGtDVCaH,median = 2.0f8:g

and 10g Rp Nat.median = 1.770%, respectively.

Therefore, the only alternative is to indeed use the relations of Murga et al. (2015) to convert
Call H&K and Nal D1&D?2 equivalent widths to hydrogen column densities:

Ny = No- W,/ % (5.22)

where Ny is the hydrogen column density, Wy the equivalent width of the respective line and Ny
and @ are fit parameters determined by Murga et al. (2015) for each line®. But from uncertainties
on the order of the mean values themselves’, it can be seen that the results should be treated with
caution. Additionally, the hydrogen column densities for the same observations calculated from
the four different equivalent widths sometimes show a strong mismatch of up to two orders of
magnitude, although they should be roughly the same. For this reason it did not appear reasonable
to average the four hydrogen column densities derived from the interstellar lines of each spectrum
and they are considered individually. In Figure 5.21 and Figure 5.22 the distributions of the
four hydrogen gas to dust ratios are shown derived from the Call and Nal equivalent widths,
respectively. They were calculated the same way as the calcium and sodium gas to dust ratios and

The fit parameters Ny and o for each line are listed in Table 1 of Murga et al. (2015).
The uncertainties were calculated with simple Gaussian error propagation, including the uncertainties on the equivalent
width as well as on the fit parameters Ny and 0.
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are in units of 10> cm~?mag~!. The statistical evaluations gave

10g Rep m(catik) mode = 0.570 5 and 108 RGd 1(Call K) median = 04705 (5.23)
1og R H(CatH) mode = 0-570 ¢ and 108 R 1 (Call 1) median = 0-570§ (5.24)
108 Rp HiNaiD2) mode = 0-8703  and  10g R i (NaD2) median = 07704 (5.25)
108 R H(NatD 1) mode = 0.9707  and  10g R 1(NaID1) median = 0-8703 - (5.26)

It can be seen that the mode and median values match within each line doublet, but disagree across
the two elements. Additionally, the dispersion is much stronger for calcium, while the hydrogen
column densities derived from the sodium lines are more closely confined. Physically, this would
mean that the abundances of Na and H in the interstellar medium are more tightly bound than
that of Ca and H. This pattern is also found and discussed in Murga et al. (2015). Within the 1o
dispersion the average values of the hydrogen column densities still match across the elements and
converting them to linear scale roughly gives

RGtD,H(Call) = (32t1%§) X 1021 Cm72 mag71 (527)

RGtD,H(NaI) = (631_‘9‘2) X 1021 Cl'l'l_2 mag_l . (528)

Unfortunately, the uncertainties are too high to make clear conclusions or to distinguish between
disk and halo gas to dust ratios. But at least the 10 parameter range matches well with the literature
values (Rgpu = 6 — 10 x 10> cm 2 mag ).

In order to not only find average values for interstellar gas to dust ratios, but to also investigate
the variations with different stellar environments, it is continued in the following with the CaIl and
Nal gas to dust ratios directly obtained from the analysis pipeline. Even though the uncertainties
are still high, they are much better constrained than the hydrogen ones and are not determined
under so many sources of uncertainties.

In Figure 5.23 the variation of the two gas to dust ratios is shown over distance, Galactic latitude,
and height above and below the Galactic plane. Overall, the patterns are not very distinctive. For
Call the dependence on the distance seems to be more pronounced than for Nal. It was already
observed before that Ca Il is more uniformly distributed towards larger distances, especially at high
Galactic latitudes, than Nal and interstellar dust. This is apparently also seen in the top panels of
Figure 5.23 for the ratios of the gas and dust abundances. In the mid panels the dependence on the
Galactic latitude is shown, where the South is again affected by the observational bias and, hence
not considered. Towards the North pole the gas to dust ratios seem to increase, in particular for
Call, which again confirms that interstellar gas is less closely confined to the Galactic disk than
interstellar dust. For latitudes close to zero a large scattering is visible. This most likely reflects
the variety of different interstellar environments within the Galactic disk. Some clouds contain
more gas than dust, some vice versa, and for some clouds the gas to dust ratio is almost constant.
The lower panels show the dependence on the height above and below the Galactic disk. While for
Nal the data only scatters around the average value, for Call a clear trend is visible: At low height
dust dominates over gas (low gas to dust ratios) as visible from the dip around zero and at large
heights the gas dominates over dust (increasing gas to dust ratios). This confirms the results from
before as well.

5.6 Comparison With Line of Sight Dust Maps

The SED fitting routine (Section 3.4) does not only measure the reddening, but also a comparison
with the dust maps from Schlegel et al. (1998) and Schlafly & Finkbeiner (2011) for the respective
line of sight is implemented. Both are two dimensional maps compiled from infrared dust emission
and dust extinction of starlight, respectively. Incorporating the predictions from more recent
three dimensional dust maps like Green et al. (2019) is planned for the future. In Figure 5.24 the
predictions from both maps for the sight lines of this sample are shown. The distributions look
similar to Figure 5.6.
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Figure 5.21: Distributions of the determined hydrogen gas to dust ratios derived from the Call
H&K line equivalent widths using Equation 5.22 (left panels) and their statistical evaluations (right
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O.ngig and logRGtD’H(CaIIH),mode = O.ngjg, respectively, while the dashed vertical lines depict the
medians and quantiles of logRGtD,H(CaHK)’median = 0.41’8:8 and logRGtD’H(CaHH)’median = 0.51’8:;,
respectively.

The question is, if the measured and predicted reddening values align. Therefore, in Figure 5.25
the difference between the measured E(44-55) and the mean® E(B-V) from both maps is shown
and statistically evaluated. The resulting values from this sharply peaking distribution are:

Editt mode = 0.000700 mag  and  Ejgittmode = 0.0027)- 0% mag (5.29)

On average, predictions and measurements are in astonishing good agreement, which is seen from
the average values very close to zero. This impressively showcases the accuracy of the reddening
estimates via SED modeling. However, this result is perhaps even slightly more relevant for
the search for circumstellar material (CSM) than for the investigation of the interstellar medium.
Assuming that dust is produced within the ejected material after common envelope ejection, one
could think about a possible reddening excess compared to ISM predictions (Li et al., 2025),
meaning a higher measured than predicted value. Figure 5.25 at least demonstrates that there is no
systematic offset towards higher SED reddening. Nevertheless, the distribution is slightly skewed
towards positive values. This could possibly indicate CSM around some hot subdwarfs. However,
other explanations seem to be more likely: On the one hand, the limited spatial resolution of
dust maps might not account for localized dense structures in the ISM. On the other hand, the

It is actually known that both maps slightly deviate from each other. However, as rough estimate considering the mean
of both is sufficient.
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Figure 5.22: Distributions of the determined hydrogen gas to dust ratios derived from the
Nal D1&D?2 line equivalent widths using Equation 5.22 (left panels) and their statistical
evaluations (right panels). The red and yellow vertical lines depict the modes and HDIs
of 10g R i(Na1D2) mode = 0-8702 and 1og Rgp (Natp1) mode = 0-9703. respectively, while the
dashed vertical lines depict the medians and quantiles of logRGtD’H(Nalm)’median = 0.71’8:3 and
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monochromatic E (44 — 55) reddening is slightly larger than the broad band counterpart E(B-V)
(Fitzpatrick et al., 2019). This might be a natural explanation for these little reddening excesses.
The idea of reddening excess as indicator for CSM is discussed more extensively in Chapter 6.
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Figure 5.23: Variation of the interstellar gas to dust ratios of Call (left panels) and Nal (right
panels) with distance, Galactic latitude, and height above and below the Galactic plane. The
average value of each parameter distribution is depicted with a red dashed line, respectively.
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Figure 5.24: Reddening predictions from the 2D dust maps of Schlegel et al. (1998) (left panel)
and Schlafly & Finkbeiner (2011) (right panel) for the sight lines of this sample. Both distributions
look similar to the measured reddening values of Figure 5.6.
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Figure 5.25: Difference between the measured SED reddening E (44 — 55) and the mean predic-
tions E(By ) from Schlegel et al. (1998) and Schlafly & Finkbeiner (2011). The distribution peaks
sharply at zero, which means measurements and predictions agree well. The statistical evaluation

: . P 0.023 P 0.023
confirms this result: Egiff mode = 0.0001’0‘018 mag and Egiff mode = 0.002Jj0_019 mag.
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Chapter 6
Search for Circumstellar Material (CSM)

Many formation channels of hot subdwarf stars include common envelope (CE) evolutions (see
Subsection 1.3.2). Inside the common envelope the orbit of the binary shrinks mainly because of
friction and drag forces, which leads to a loss of orbital energy and momentum transferred to the
surrounding envelope. As consequence, the envelope expands, becomes gravitationally unbound
from the binary, and is finally ejected. However, due to the transient nature of this evolutionary
stage, direct observations of binaries in the CE phase have been elusive yet. But it is expected
that some of the ejected material might remain bound around the binary as circumstellar material
(CSM). As it expands it becomes thinner and thinner and cools down, eventually mimicking the
conditions of the diffuse interstellar medium analog to the ejecta of supernova explosions. As
the light of the binary passes through this CSM, the same Call and Nal absorption lines might
emerge in the spectrum as for the ISM. Therefore, it can be searched for this material using the
same methods as before for the investigation of the interstellar medium. While there was no clear
observational evidence for CSM around hot subdwarf stars coming from CE ejection up to now, Li
et al. (2025) claims the detection of ubiquitous CSM around hot subdwarf stars based on Call K
line strengths and reddening.

Therefore, this chapter makes a transition from the investigation of the interstellar medium to
the search for this circumstellar material as second main aim of this work. First, an overview of
the physics of CE evolution and ejection is given in Section 6.1. In Section 6.2 the detections of Li
et al. (2025) are summarized and assessed by comparing them to the results of this work. Finally,
in Section 6.3 it is searched among the sample of hot subdwarf stars of this thesis for the presence
of CSM.

6.1 Overview

When stars have burned most of their fuel in the core, they expand. This is a general result of
stellar evolution. During these late stages of stellar evolution like the red giant or asymptotic
giant branch (RGB and AGB, respectively, see Subsection 1.3.1), stellar radii can reach sizes of
several astronomical units. If such stars resides in binary systems and the orbital separation is wide
enough, both components evolve without interacting with each other. However, if they are close
enough, the giant component begins to transfer mass to its companion at a rate that might be too
large for the companion to digest. Then, the accreting star swells until the envelopes of both stars
meet and begin to engulf the whole system. The result is called a common envelope and was first
introduced by Paczynski (1976).

The following evolutionary phase is one of the most poorly understood ones in binary stellar
evolution (Ivanova et al., 2013a, 2020). Due to the transient nature of the common envelope phase,
which is thought to be on the order of only a thousand or at most a few thousand years (Izzard
et al., 2012), direct observations of a CE have been elusive yet. Even if such a system would be
observed, it might mimic the properties of only one ordinary* star, making it hard to distinguish it
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from normal single stars. There is only indirect evidence for the CE phase due to the existence
of close binary systems, whose orbits shrank inside of the CE (Iben & Livio, 1993), as well as
that of objects like hot subdwarf stars, which can hardly be explained with single star evolution
(Baschek & Norris, 1975; Mengel et al., 1976; Heber, 2016). One direct evidence for CEs could
be the detection of CSM around such systems. In order to gain insights into the physical processes
involved in the formation of such CSM, the current understanding of CE ejection is discussed in
more detail in the following.

6.1.1 The Physics of Common Envelope Evolution and Ejection

In the single star evolution case for low mass objects the expanding envelope of a giant star is
eventually lost by radiation-driven stellar winds, while in the more massive case the star explodes
in a supernova. In binary systems this scenario is often complicated by the presence of the binary
companion and a common envelope is formed. The question is, what happens to both components
inside of the CE and which mechanisms ultimately lead to the CE ejection possibly leaving behind
circumstellar material?

The details are actually far from being well understood. However, the common answer is that
the binary orbit inside of the CE decays because of friction and a loss of co-rotation between
the core and envelope (Podsiadlowski, 2001). This decay increases as the components descend
into ever denser material, which is called the plunge phase (Izzard et al., 2012). Additional to
the frictional energy, energy and angular momentum is lost from the orbit and transferred to the
surrounding CE very efficiently. As consequence, the envelope heats up and expands until it
eventually becomes unbound to the binary and ejected. This ejection leads to a sudden decrease of
the total mass and density of the CE reducing the drag forces and thus, the rate of orbital energy
loss, which slows down the inspiral of both components. In fact, other energy sources like magnetic
fields (Tout & Regos, 2003), energy from the recombination of ions and electrons (Han et al., 1995;
Dewi & Tauris, 2000), and nuclear burning (Ivanova & Podsiadlowski, 2002; Podsiadlowski et al.,
2010) might also contribute to or even dominate the CE ejection.

A common way to parametrize the CE evolution is the so-called a-formalism first introduced
by Webbink (1984). It treats the energy release during the CE phase as fraction & of the change in
orbital energy AE. This release of orbital energy dAE,y is assumed to be responsible for the
expansion and ejection of most of the CE. However, it needs to overcome the binding energy

GMenchore

iy (6.1)

Eping =
of the envelope, where G is the gravitational constant, M, the mass of the envelope, M. the
core mass of the primary star, R its radius, and A a dimensionless constant further quantifying
the binding energy. The latter one depends on the stellar density distribution (Dewi & Tauris,
2000) and is usually on the order of unity (Izzard et al., 2012). So besides masses, radii, and
orbital properties, the main parameters describing the CE evolution and ejection are @ and A. The
product A is used to calculate, for example, the final separation of the binary after the CE ejection.
Furthermore, the final outcome of the system depends on the time, when the CE is ejected. If the
orbit becomes too small inside of the CE, the binary might merge before the ejection. Hence, the
lower the efficiency of the energy transfer (small o) and the higher Eping (small 4), the longer the
CE evolution lasts and the more likely it is that both components merge. This means a small A
indicates the merging of the binary inside of the CE, while on the other hand a high aA indicates
that two distinct objects remain after the CE ejection.

In principle, it is possible to calculate A from detailed stellar models (Dewi & Tauris, 2000;
Loveridge et al., 2011; Xu & Li, 2010; Ivanova, 2011). However, this is rather uncertain and the
values of A can differ by an order of magnitude (Tauris & Dewi, 2001; Ivanova & Chaichenets,
2011). Most studies assume a constant value of either 0.5 or 1.0. Even more difficult and uncertain
is the estimation of the & parameter. Due to the lack of direct common envelope observations, this
is at the moment only possible via simulations.
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6.1.2 Predictions from Simulations and Observations

A lot of effort is put into detailed numerical simulations of common envelope evolution!. In general,
there are two approaches: Either one dimensional stellar evolution modeling (Podsiadlowski, 2001)
or full three dimensional hydrodynamical modeling (Taam & Ricker, 2010). In the 1D case the
common envelope phase can be followed from the initial mass transfer to the final ejection, but
it lacks of multi-dimensional geometric details. On the other hand, the 3D approach is ideal
for modeling the dynamical plunge phase, but can not follow the evolution beyond that. Such
simulations suggest values of & between 0.1 and 1.0 for most of the configurations?. However,
each stage in the models is subject to uncertainties, which often leads to an accumulated uncertainty
on ¢ on the order of one magnitude. Overall, it can be said that common envelope evolution is
far from being well understood and the resulting parameters from simulations are anything but
constrained. Moreover, the final outcome highly depends on the initial configuration, i.e. the (core)
masses of both components, their radii, and orbital parameters. Also not only hot subdwarf stars
are formed through common envelope channels, but it is thought to be a central phase in many
cases of binary stellar evolution. If the CE evolution is fast enough, it can result into all kinds
of close binary systems, while if it is not, both components might merge into various kinds of
single objects. Concerning hot subdwarf stars, the expected outcomes in the former case are short
period binary systems with low mass main sequence or white dwarf companions (see Figure 1.6).
According to Politano et al. (2008) also the CE merger scenario seems possible, where for example
a RGB star merges with a low mass M-dwarf or even substellar object (brown dwarf or giant
planet), leading to single sdB stars. In both cases circumstellar material might persist after the CE
ejection, ready to be detected?.

Unfortunately, all these numerical simulations do not directly predict the properties like tem-
perature, density, dust content, or distance from the host system of the possibly remaining CSM
after CE ejection. Only Ivanova et al. (2013b) discuss the possibility that the phenomenon of
luminous red novae (e.g., Pastorello et al., 2019) could be explained with CE ejection events and
find temperatures for the ejecta of about 5,000 K. From the observational side, Steinmetz et al.
(2024) found a circumstellar environment around the red nova V1309 Sco with a temperature
of 5,000 — 15,000 K for the gaseous component. Hence, also for the expected CSM around hot
subdwarf stars a temperature in that range can be assumed. Furthermore, Li et al. (2022) claim
the detection of CSM around J1920-2001, a short period sdO + WD binary system, and find a gas
density of about 6 x 1079 gcm™3. They base their detection on strong Ca Il H&K lines, but at the
same time rather low reddening (derived from the reddening map of Green et al. (2019)) and argue
that this is in discrepancy to the relation between reddening and Call equivalent widths of Megier
et al. (2005). However, on the one hand the system has a distance of about 7 kpc, which makes the
reddening prediction from dust maps very uncertain due to the finite spatial resolution, and on the
other hand, the relation of Megier et al. (2005) was derived for smaller distances. According to
the findings of Chapter 5, gaseous Ca Il is more uniformly distributed towards greater distances
and the Galactic halo, while dust is closely confined to the Galactic disk. This means the strong
Call H&K lines are not necessarily in disagreement with the (rather uncertain) low reddening.
Also they find a radial velocity for the lines of about 30kms~!, while the systemic velocity of
the binary is about 200 km s ! and explain it with the expansion of the ejected CE material with
about —170kms~!. But since a radial velocity of 30kms~! is still roughly in agreement with
ISM radial velocities (Figure 5.5), an interstellar origin of the lines seems much more likely, even
though the CSM case can also not be entirely excluded.

See, for example, Passy et al. (2012); Ivanova & Nandez (2016); Clayton et al. (2017); Iaconi et al. (2018); Kramer et al.
(2020); Sand et al. (2020); Glanz & Perets (2021); Gonzalez-Bolivar et al. (2022). A review on numerical simulations
of the common envelope phase is given by Ropke & De Marco (2023)

If only energy transferred to the envelope by the loss of angular momentum (decay of the orbit) is considered, the natural
range for the efficiency is 0 < o < 1. Practically, due to recombination and nucleosynthesis, it is actually possible to
exceed values of 1.

Also in the merger scenario of, e.g., two He-WDs leading to the formation of He-sdOs (see Subsection 1.3.2) a certain
circumstellar environment is expected, even without a common envelope phase.
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6.2 Recent Detections of CSM Around Hot Subdwarf Stars

Apart from the one (highly uncertain) detection of CSM around a binary system containing a hot
subdwarf component by Li et al. (2022), Li et al. (2025) claim the recent detection of ubiquitous
CSM around hot subdwartf stars mainly based on LAMOST spectroscopy and SED modeling.
Exactly the same spectra and objects have been investigated in the LAMOST sample of this work
(see Subsection 2.2.2 and Chapter 5). Therefore, in this section the results of both studies are
compared with each other in order to see, whether the findings of Li et al. (2025) are reproduced.

6.2.1 Summary

The spectra of Li et al. (2025) are taken from the seventh data release (DR7) of LAMOSTSs low
resolution survey, using the catalog of hot subdwarf (sdB) star candidates from Luo et al. (2021),
which is based on the Gaia DR2 catalog of Geier et al. (2019). Luo et al. (2021) already excluded
composite spectra by visual inspection, which is crucial, because F/G/K-type companions might
contribute with photospheric calcium and sodium lines, making it hard to distinguish them from
potential CSM lines, exactly like in the ISM case before. Furthermore, Luo et al. (2021) determined
the atmospheric parameters of the stars. Li et al. (2025) applied a signal to noise ratio (SNR) cut*
of better than 30 and finally ended up with a sample of 727 sdB stars. The methods and findings of
their analysis are the following:

» They applied Gaussian fits to the Call K line in order to derive equivalent widths and
radial velocities. The Call H line is not considered due to the blend with the He line (see
Subsection 3.3.4, in particular Figure 3.4). Other absorption lines are also not considered for
the central part of their analysis. After visual inspection of the spectra, they find 623 out of
727, which clearly exhibit the Call K line.

* Using Gaia eDR3 coordinates and parallax distances, they derive predicted E(B — V') values
from the 3D Bayestar19 dust maps of Green et al. (2019) as measure for the amount of
interstellar dust along the line of sight to the stars. Furthermore, by taking the sample of 284
OB stars from Megier et al. (2009), they model a linear relation between the Call K line
equivalent widths and reddening values for these stars®:

Weank = (0.52+0.06) x E(B—V) + (0.07£0.01) (6.2)

This relationship is stated as the predicted behavior for absorption lines purely originating
from the ISM. According to Li et al. (2025), Call K equivalent widths in the spectra of the
sdB stars exceeding this trend indicate the presence of additional circumstellar material. It is
the case for 188 out of 623 stars exhibiting Call K lines.

* Moreover, they argue that the reddening values from large-scale dust maps do not account
for dense, localized structures around the stars, while the E(B — V) from SED fits (see
Section 3.4) does. Hence, they model the SEDs for all sdB stars in their sample and compare
the resulting reddening to the dust map predictions. 145 out of the previous 188 CSM
candidates exceed that predictions and are treated as the final CSM candidate sample. The
difference E(B —V)sgp — E(B —V)map is taken as the observed reddening caused by dust
contained in the CSM®. None of their SEDs showed infrared excess indicating the presence
of a cool companion.

* The radial velocity differences vrad,carik — Vrad between the Call K line and the stars are
investigated. Their distribution shows a peak around zero with long tails towards high

4 In the analysis of this work a SNR cut of better than 40 is applied.

5 The uncertainties are 16 ones.

6 The question is, if dust is actually produced during a common envelope ejection. But since a large fraction of the total
interstellar dust content in the Galaxy is produced by ejections from AGB stars during their late evolutionary stages and
by supernova explosions (e.g., Gupta & Sahijpal, 2020), it can probably also be assumed for CE ejections.
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(positive as well as negative) differences. On the one hand, they conclude with long-lived
CSM gravitationally bound to the system due to the agreement of the radial velocities for
many spectra. On the other hand, they explain the long tails with still expanding or inwards
drifting CSM.

» Gaussian fits are also applied to the NaI D lines. The equivalent widths are plotted over the
reddening and the relations of Poznanski et al. (2012) and Murga et al. (2015) (for both, see
Section 5.5) are fitted to the results. Even though there are some high equivalent widths
outliers exceeding the relations, most CSM candidates do not show coincident high Call K
and Nal D line equivalent widths. Li et al. (2025) conclud that neutral sodium is unlikely
to be present near stars with effective temperatures of T > 20,000 K, because it becomes
easily ionized. The outliers with high equivalent widths are explained with Nal in outer
regions of the CSM shielded by dust (Lallement et al., 2003).

* Finally, even though they discuss that high-resolution spectroscopy is needed to distinguish
between the ISM and the potential CSM component, they conclude that their study represents
a clear detection of CSM remaining after CE ejection around sdB stars. They even try to
constrain the mass, radius, density, and shape of the material.

6.2.2 Comparison with the Results of This Work

Exactly the same parameters as in Li et al. (2025) were determined during the analysis of this
work, albeit with slightly different methods. Therefore, the results for the LAMOST objects can be
readily compared to those from Li et al. (2025). The aim is, of course, to see if the parameters
match or if there are any (systematic) deviations.

SED reddening plays an important role in the CSM criteria of Li et al. (2025). Since the derived
atmospheric parameters are required in order to model the SEDs and to obtain information about
reddening, the atmospheric parameters are checked first. In Figure 6.1 these and the stellar radial
velocities from the spectral fits of Luo et al. (2021) are plotted against those of this work. It can
be seen that the helium abundance and the radial velocity (lower panels) match quite well with
little scattering, except of a few outliers. The large uncertainties and increasing scattering for low
logy values is natural, since it is measured from helium lines in the spectra, which are no longer
visible for low helium abundances in low resolution spectra. The surface gravity (upper right
panel) scatters much more, because it is often the least well constrained parameter in spectral fits.
Perhaps a slight offset towards higher values in Li et al. (2025) is visible, but it does not seem to be
significant. The effective temperature (upper left panel), however, seems to deviate systematically,
at least for lower values of Tog < 32,000 K. Their temperatures are on average 2,000 — 3,000 K
higher than those of this work in that range. There seems to be a little discrepancy between the
models of Luo et al. (2021) and here, but at the moment it can not be said, where this disagreement
comes from or which models perform better. Unfortunately, the effective temperature is strongly
correlated with the derived SED reddening. This will become clear in a moment.

Next, the measured Call K line parameters as well as the reddening values are compared. First
of all, surprisingly, although Luo et al. (2021) excluded composite spectra by visual inspection and
Li et al. (2025) did not find any infrared excess in their SEDs indicative for a cool main sequence
companion in a wide orbit, 92 objects are flagged as binaries from the analysis of this work. Such
companions might contribute with strong photospheric CalIl absorption. Also such systems are
thought to be formed through stable Roche lobe overflow, not a CE channel (see Figure 1.6), which
means no CSM is expected. Furthermore, it is not clear, which relation Li et al. (2025) exactly
applied to find the CSM candidates. If equivalent widths larger than 0.2 A (see Figure 4 in Li
et al. (2025)) are taken that exceed the 30 range of their ISM relation, where at the same time
a reddening excess, E(B —V)sgp — E(B —V )map > 0, is observed, one is left with 147 objects.
These are two more than their 145 candidates, but still considered as the candidate sample in the
following. 30 out of the 147 candidates are flagged as binaries with F/G/K-type companions from
the SEDs in this work.
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Figure 6.1: Comparison between the atmospheric parameters and radial velocities derived by Luo
et al. (2021) and used by Li et al. (2025) with that of this work. The helium abundance logy and
the radial velocity vy,q seems to match well. The surface gravity log g shows more scattering and
perhaps a little offset, which is most likely negligible. The effective temperature Ti¢, however,
shows systematically slightly higher temperatures in their works, at least for cooler stars.

In Figure 6.2, the SED reddening, the reddening excess, the equivalent widths, and the radial
velocities of the Call K lines are compared. It is distinguished between all stars (black dots),
apparently single CSM candidates (blue dots) and the 30 composite CSM candidates (red dots).
It can be seen that the measured reddening parameters from the SEDs of both studies (upper left
panel) on average match’, except of a some observations towards systematically higher values in
Li et al. (2025). These can be explained with the deviation of the effective temperatures, which
are passed to the SED fits. The higher the prescribed temperature, the more UV/blue flux the
synthetic SEDs expect. But if the observed photometric data indicates a lower flux, the fits try to
suppress the model flux by introducing enhanced reddening. This correlation between temperature
and reddening is illustrated in Figure 6.3. However, even though it explains the systematically
deviating measurements in general, only some CSM candidates are clearly affected.

The reddening excess values (upper right panel) scatter around zero for both studies. This is
expected, since for a pure ISM component the SED and dust map reddening should roughly match.
The individual measurements do not deviate too much, except of the same systematically higher
values in Li et al. (2025) as for the SED reddening. However, a non-negligible number of CSM
candidates have a negative reddening excess, E (44 —55)sgp — E (B —V )map < 0, in this work. This
contradicts the criteria for CSM candidates of Li et al. (2025) for these stars. Notably, the three

Even though the SED reddening from Li et al. (2025) shows extremely low uncertainties, perhaps unrealistically small
ones.
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objects with the most extreme reddening excesses are identified as wide binaries in this work, for
which no CSM is expected. Two of them show hydrogen emission lines in their spectra, indicating
the presence of an accretion disk, and the other one shows an SED, which is completely outshone
by the cooler companion, combined with only a small number of photometric measurements. Thus,
these objects should certainly be excluded from the sample.

Except of some scattering, but at the same time also large uncertainties, the Call K line
equivalent widths (lower left panel) seem to match. The extreme observations are for the same
objects as before. Only a little trend towards higher values in this work is visible, which most
likely comes from the different methods. Li et al. (2025) determines the equivalent widths from
Gaussian fits, while in this analysis it is integrated over the absorption lines (see Subsection 3.3.4).

The Call K line radial velocity comparison (lower right panel) looks similar to the equivalent
width one. Even though there is a large scattering, the overall trend matches, except of a few outliers.
But with an average uncertainty of about 30 kms~!, which is quite common for measurements
from only one spectral line in a low resolution spectrum (see Subsection 3.3.4 and Section 4.3),
the radial velocities are not well constrained. Anyway, the apparent Call K lines, even if there
is a CSM contribution, also contain the ISM component. In low resolution spectra, even if the
radial velocity difference between both components comprises several tens of kms™!, they are
blended and can not be distinguished. Therefore, it is not reasonable to identify the measured
radial velocities with that of the CSM and they are no longer considered, e.g. to argue that they
match with the stellar radial velocities, which could be another sign for CSM, as it is done in Li
et al. (2025).

6.2.3 Updated Sample of CSM Candidates

Apart from leftover binaries with composite SEDs, also observations among the Li et al. (2025)
sample are found that are flagged with either a bad parallax measurement or a poor SED fit in this
work. This can become very critical for the identification of CSM candidates, since the prediction
from the dust maps are based on the 3D positions of the stars, which depend on the parallax
distances. On the other hand, poor SED fits might lead to spurious SED reddening values. Hence,
it makes sense to remove those observations as well as the binaries from the sample. Furthermore,
the CSM candidates are reduced to only those, where the CaIl K equivalent widths exceed 0.2 A
and the reddening excesses are positive in both analyses (additional to the ISM relation criterion).
Overall, one is left with a total sample of 424 out of originally 623 stars, among which 49 out
of originally 145 stars are CSM candidates. Hence, the number of potential CSM candidates
decreases drastically.

In Figure 6.4 the same comparison plots as in Figure 6.2 are shown for the cleaned sample,
where the CSM candidates are depicted in red. It can be clearly seen that many extreme or
mismatching measurements got removed. Figure 6.5 represents analog plots to Figure 3 and Figure
4 of Li et al. (2025), but with the results of this work instead. The left panel shows the dependency
of the Call K equivalent width on the dust map reddening together with the linear ISM relation of
Equation 6.2, which Li et al. (2025) derived from the sample of Megier et al. (2005). In the right
panel the reddening excess is plotted over the Call K equivalent width. The reduced sample of
CSM candidates (depicted in red) are exactly those with Weag > 0.2 A, exceeding the 30 range
of the ISM relation, and showing a positive reddening excess. All three criteria need to be fulfilled
in both studies for a higher statistical significance.

6.2.4 Conclusion

So what are the final conclusions about the recent detections of circumstellar material around hot
subdwarf stars by Li et al. (2025)? First, it was found that their sample is still contaminated with
a large number of wide binaries, visible from composite SEDs, which are not expected to show
CSM, because of their formation through stable Roche lobe overflow instead of CE evolution.
Furthermore, many observations were flagged with bad parallax measurements or poor SED fits.
Excluding all these cases results in a total sample of 424 stars, a decrease of more than 30%. As
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Figure 6.2: Comparison of the measured SED reddening (upper left panel), the reddening excess
(upper right panel), the Call K equivalent width, and the Call K radial velocity (lower right panel)
between Li et al. (2025) and this work. The whole sample is shown as black dots, the apparently
single CSM candidates as blue dots, and the 30 composite SED CSM candidates as red dots.
Despite some scattering, overall a matching trend is visible in all cases. Only the SED reddening as
well as the reddening excess shows a bunch of systematically higher values for the Li et al. (2025)
measurements. These can be explained with the temperature discrepancy of Figure 6.1, because
higher temperatures passed to the SED fits lead to enhanced reddening values (Figure 6.3).

criteria for the identification of CSM candidates Li et al. (2025) uses high Call K equivalent
widths, equivalent widths that are beyond the ISM relation of Equation 6.2, and positive reddening
excesses. Applying these criteria to the reduced sample of stars and neglecting measurements,
where the parameters are in disagreement between both analyses, one ends up with 49 CSM
candidates. These are more than 65% less than in Li et al. (2025). The question is, does this final
sample represent good candidates that are likely surrounded by circumstellar material left from
common envelope ejection? To answer this question, the methods and criteria of Li et al. (2025)
need to be assessed from the point of view of this thesis:

* Strong Call K lines: The first criterion for the identification of CSM candidates suggested
by Li et al. (2025) is that the Call K lines present in the spectra of the sdB stars show
high equivalent widths of Weang > 0.2 A. However, Li et al. (2025) neglects the large
uncertainties on the measurements (see Figure 6.2, Figure 6.4, or Figure 6.5), which are
according to the publication on average 0.23 A. Also the slightly lower SNR cut of 30
compared to that of 40 in this work might introduce further enhancing of the uncertainties
(see Subsection 4.3.3).

* The ISM relation: Another central criterion by Li et al. (2025) is that Call K equiva-
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Figure 6.3: SED fits for an arbitrary sdB star with an effective temperature of about 23,400 K.
If this temperature is passed to the SED fit, it leads to the result shown in the left panel and
a reddening parameter of E (44 —55) ~ 0.023 mag. However, if the temperature is artificially
increased by 4,000 K, the SED fit expects a higher flux in the UV/blue regime as shown in the right
panel. If this flux is not reproduced by the observed photometric data, the program tries to suppress
it by introducing an enhanced reddening of E (44 — 55) =~ 0.058 mag. This is more than twice the
value from the true temperature and highlights the correlation between temperature and reddening.
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Figure 6.4: Same as Figure 6.2, but for the cleaned sample, where binaries and observations with
bad parallax measurements or poor SED fits are removed. Also the sample of CSM candidates
depicted in red is reduced to those stars, where the parameters used for their identification match

in both studies.
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Figure 6.5: Analog plots to Figure 3 and Figure 4 of Li et al. (2025), but with the results of this
work. The CSM candidates are depicted in red. Left panel: Dependency of the Call K equivalent
width on the dust map reddening together with the linear ISM relation of Equation 6.2 and its 3o
confidence interval, which Li et al. (2025) derived from the sample of Megier et al. (2005). Right
panel: Reddening excess over Call K equivalent width.

lent widths clearly exceed the linear relation between equivalent widths and reddening of
Equation 6.2, which they derived from the sample of Megier et al. (2005). However, the
connection between Call and dust content in the ISM is highly non-trivial, as extensively
discussed in Section 5.5. It strongly depends on many proportionality factors that can all
vary drastically between different interstellar environments in the Milky Way. Therefore,
there is no consistent way yet to model it from a theoretical point of view. Some effort is
made to model the dependency empirically, similarly to what Li et al. (2025) does. But these
relations are usually derived from close-by stars. For higher distances of a few kpc, espe-
cially towards higher Galactic latitudes, as for the stars in the LAMOST sample, interstellar
Call is even less closely linked to interstellar dust (Section 5.5). The left panel of Figure 6.5
impressively shows, that for the non-CSM candidates, which should follow the ISM relation,
the mean values of not even half of the sample is located within the 30 range. Hence, it
does not appear reasonable to use Equation 6.2 as foundation for the identification of CSM
candidates.

* Reddening excess: The third criterion by Li et al. (2025) is that the SED reddening exceeds
the prediction from 3D dust maps, what they call reddening excess. They argue that the
dust maps can not account for dense localized structures around the stars, which the SEDs
on the other hand are able to capture. So if the predictions from dust maps were highly
reliable, this criterion might actually be the most promising one. Therefore, it is crucial
to remove observations with uncertain parallax distances, as the distances are central for
the determination of the positions of the stars needed for the comparison with 3D dust
maps. However, a further source of uncertainty is the finite spatial resolution of the maps.
Exactly, like for dense localized structures around the stars, they might be also not capable
of resolving such dense local structures in the interstellar medium, which are certainly
present. This means the reddening predicted from dust maps should rather be considered
as rough estimate than as precise measurement. For example, the spectrum and the SED
of the CSM candidate with the highest reddening excess in the right panel of Figure 6.5
were visually inspected. From its position very close to the Galactic disk, where most of the
dense interstellar structures are located, and strong Nal D lines in the spectrum, it is clear
that the high SED reddening is most likely explained by strong interstellar extinction rather
than circumstellar one. This is not predicted by the 3D dust map. Thus, even though the
reddening excess seems to be a reasonable argument for CSM, it also suffers from several
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sources of uncertainties.

» Radial velocities: Probably the most convincing argument for CSM gravitationally bound
to the star system and co-moving with it is, if the radial velocity exactly matches with the
stellar one. This is also noticed by Li et al. (2025), hence they investigate the distribution
of the radial velocity difference between the Call K line and their candidate stars. It peaks
close to zero, what they take as confirmation for the circumstellar origin of the spectral lines.
However, there are a few crucial things to note:

1. As already mentioned earlier, in low resolution spectra the ISM and potential CSM
component can not be distinguished. They will in the vast majority of all cases appear
as only one spectral line. Since in general an ISM component is certainly expected
for such distant stars in the sample, it is just wrong to consider the determined radial
velocities as that of CSM. Therefore, Li et al. (2025) simulates the effect of blended
components, but under the assumptions of a dominant CSM and weak ISM component
Weank,csm > 0.2 A and Weank ism ~ 0.1 A) as well as an ISM radial velocity of
always zero. These assumptions are in disagreement with the results of Chapter 5,
in particular Figure 5.4 and Figure 5.5, where the average ISM equivalent width is
also about 0.2 A and the ISM radial velocity can scatter up to several tens of kms™!.
Hence, their conclusion that the blend does not matter seems not to be reasonable®.

2. If the ISM component can not be neglected, it is not surprising that the distribution
of the radial velocity differences between Call K lines and the stars peaks at zero,
since the distributions of both, the ISM radial velocity and the stellar radial velocity is
distributed around zero. Then, it does not necessarily indicate CSM.

3. Even if the Call K lines in the spectra would purely originate from CSM, the large
uncertainties on the radial velocity of on average about 30 km s~! does not really allow
for the conclusion that the line and stellar radial velocities align. Within one or two
standard deviations they will in most of the cases do.

Overall, only high resolution spectroscopy can help to distinguish between the ISM and
CSM component and to derive valuable information from the determined radial velocities.

As final conclusion it can be said that even for the reduced sample of 49 CSM candidates, the
results based on LAMOST spectroscopy are rather uncertain. It is more likely that the absorption
features as well as the reddening originates from the ISM instead of potential CSM. Nevertheless,
it would be highly interesting to collect high resolution spectra for these stars, in order to see if
distinct ISM and CSM components are visible. Analyzing those spectra would also yield much
better constrained equivalent widths and radial velocities for the Call K lines, with which a
possible circumstellar origin could be investigated. Unfortunately, there is no overlap of the CSM
candidates with the sample of higher resolution spectra of this work, even for the larger original
sample of 145 candidates from Li et al. (2025). Therefore, this is just left as an outlook.

6.3 Search for New CSM Candidates

The previous section demonstrated that LAMOST spectroscopy is not sufficient to search for
circumstellar material. The spectral resolution is just too low, even at high SNR it is not possible
to distinguish between the ISM and a potential CSM component. High resolution spectroscopy
is needed and hence, this section summarizes the search for CSM among the higher resolution
X-Shooter, SPY/UVES, and FEROS spectra from the sample of this work (see Section 2.2), which
comprises in total 918 spectra for 170 unique stars.

Due to the proximity of the CSM to the hot O- and B-type host stars, sodium is most likely
ionized to higher ionization stages and no Nal D lines of circumstellar origin are expected.

Except if it is assumed that almost all hot subdwarf stars show a dominant CSM component. But since the detection of
CSM has been elusive for a long time, this is not very likely.

127



CHAPTER 6. SEARCH FOR CIRCUMSTELLAR MATERIAL (CSM)

Therefore, similar to Li et al. (2025) it is essentially focused on the Call lines, in particular the
K line, since it is intrinsically much stronger than the H one. The most convincing argument for
CSM then is, if the radial velocity of the Call K line closely aligns with the stellar one, while an
interstellar or photospheric (i.e. from a potential cooler companion) origin can be excluded.

For the search only apparently single objects are considered, since those with F/G/K-type main
sequence companions detected in the SED are not thought to be formed via common envelope
evolution. However, those apparently single hot subdwarfs can be either truly of single nature or in
close binary systems with faint white or M dwarf companions. In the latter case, the SEDs are not
sensitive to the companion, because it is outshone by the hot subdwarf star. Then the binary nature
can be confirmed spectroscopically only by radial velocity variability of the system due to its
orbital motion. Close binary systems containing a hot subdwarf star are thought to be formed via
CE evolution channels, where both components dit not yet merge, and CSM might persist after the
CE ejection. On the other hand, single hot subdwarfs are thought to be formed via merger events,
if the hot flasher scenario (see Figure 1.6) or other potential formation channels without binary
interaction are neglected. Either at least one He-WD merges with another low-mass component,
resulting for example into a He-sdO, or the two former components merge inside of a common
envelope before the ejection, resulting into single sdBs (Politano et al., 2008). In both cases a
certain circumstellar environment can be expected.

Serendipitously, for many objects more than one higher resolution spectrum is available. Thus,
the search is restricted to stars with multiple observed epochs (at least three), such that from the
stellar radial velocities the single or close binary nature of the systems can be identified. Another
advantage of the high resolution sample is that at least for X-Shooter and FEROS most of the
objects are close-by (see Figure C.4). This means, the ISM contribution in the spectra is on average
much smaller than for more distant stars like in the LAMOST sample of Li et al. (2025), making
the distinction between ISM and potential CSM easier. The SPY/UVES objects are mostly much
more distant. This on average increases the ISM contribution and makes the data noisier. Hence,
it is more difficult to find CSM candidates among the SPY/UVES stars. Even though X-Shooter
spectra have only an intermediate spectral resolution of R ~ 9,800, they have in general very high
SNR (Figure 2.1). This makes them still suited for the search of CSM candidates.

To actively search for CSM, the whole analysis pipeline (Section 4.1) has been repeated for the
higher resolution sample with setting the optional csm argument for the ISM line analysis script
(see Subsection 3.3.4). Then the radial velocity of the calcium and sodium absorption lines is fixed
to an interval of +5km s~ around the stellar radial velocity. If such lines are found exactly at the
radial velocity of the observed system, it might indicate CSM gravitationally bound to the host
system and co-moving with it.

6.3.1 Single CSM Candidates

The search for single CSM candidates formed via merger events has been limited to objects with
non-variable stellar radial velocities of |v,g| > 30 km s~!and present Call lines in their spectra.
The radial velocity restriction is useful to reduce the probability of confusing the potential CSM
component with an ISM one, where the radial velocities are usually much closer to zero (see
Figure C.2 and Figure 5.5). Overall, three CSM candidates have been identified and their arguments
for the presence of CSM together with their other properties are summarized in the following
individually. The uncertainties on all following parameters are only the pure statistical ones and
hence, often unrealistically low. Still it was abstained from adding generic systematic uncertainties
yet. Furthermore, the stated values are averaged ones over all available observations.

HD 205805

The first candidate with the most extreme radial velocity of v, = —69.31£0.07kms~! is HD
205805 (or Gaia DR3 6563704506492363392) and has five available FEROS spectra. The deviation
between the measured stellar radial velocities is less than 1kms~!' among the spectra, which
strongly suggests a single nature. The SED (Figure 6.6) is well covered by photometric data
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Figure 6.6: Observed SED for HD
205805. It is well covered by photo-
metric data and does not show any
peculiarities, especially no indica-
tion for a cool companion. For an ex-
planation of the plot see Section 3.4.
The averaged reddening from all
five observations is E(44 —55) =
0.009 £ 0.003 mag.
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and also does not show any peculiarities indicating the presence of a companion. The derived
reddening of E(44 — 55) = 0.009 £ 0.003 mag is quite low and an order of magnitude lower than
the predictions from the 2D line of sight reddening maps® of Schlegel et al. (1998) and Schlafly &
Finkbeiner (2011). Despite the low reddening a weak but clearly visible Call K line is observed in
all spectra (Figure 6.7), at a radial velocity of Vg cank = —69.18 0.12km s~!, which exactly
matches with that of HD 205805 . It has a rather low equivalent width of Wik = 0.065 A,
but with an uncertainty of only AWk = 0.003 A it is very well constrained. In Figure 6.8 the
Voigt profile fit to the Call lines is shown, which gives a also well constrained Call column
density of log Ncar = 11.93 £0.04!°. Furthermore, it can be seen that the Ca Il H line is present
as well, but weaker than expected from the strength of the K line, as indicated by the combined fit
(Subsection 3.3.4), which does not match both lines simultaneously. NaI D lines are not present
at all, which further supports the assumption of CSM, since sodium is most likely ionized in
the vicinity of hot stars. Figure 6.9 shows the blue part of HD 205805’s spectrum, which also
contains the Call H&K lines. Apparently, it shows a lot of metal lines besides the usual hydrogen
and helium lines. The effective temperature of the star is Teer = 24,590 + 60 K and the surface
gravity is logg = 5.054 £ 0.009. Moreover, with a distance of only d = 243 43 pc HD 205805
is very close to us and not a lot of intervening interstellar material is expected. This explains
why no ISM component, in particular no sodium lines and also a low reddening, is observed and
represents another argument for the circumstellar origin of the calcium lines. More information
and parameters of the star, like the stellar parameters, are provided in Table E.1 and one whole
spectrum is shown in Figure E.1.

EC 03591-3232

For the second CSM candidate, EC 03591-3232 (or CD-32 1567, Gaia DR3 4883474679951350656),
even more spectra are available: Seven medium resolution X-Shooter spectra and eight high res-
olution FEROS spectra. It shows an stellar radial velocity of vy,q = 52.041.1kms~!. Among
the X-Shooter spectra the radial velocities scatter only with +1km s~!, while among the FEROS
spectra the scattering is about +£3kms~'. Still this scattering is far too low to claim the star
as radial velocity variable. However, there is a small discrepancy between the X-Shooter and
FEROS measurements. For X-Shooter the mean radial velocity is about 48 kms~!, while for
FEROS it is about 55kms~!. This is either a (wavelength) calibration issue or, since both sets

Line of sight reddening maps give a rough estimate of the maximum reddening that is expected for a certain direction.
These two maps are incorporated in the SED fitting program and the predicted values are automatically determined. A
3D dust map like that of Green et al. (2015) is unfortunately not yet implemented.

10 The systematic uncertainty of 0.5 due to the fixing of the Doppler parameter (see Section 4.3) is not yet applied. It is

also not done in the further course of this section.
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Measured equivalent width: 0.06 = 0.0A
Measured radial velocity: -69.19 + 0.18 kms~?!
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Figure 6.7: Example Gaussian
fit to the Call K line present in
one of the spectra of HD 205805.
The averaged radial velocity of
Viad.cank = —69.18 & 0.12kms™!
from the five spectra perfectly
matches with that of the star (vy,q =
—69.314+0.07kms~!). The integra-
tion over the 50 range gives an av-
eraged equivalent width of Weanik =
0.0650.003 A.
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Figure 6.8: Example Voigt profile fit to the Ca Il H&K lines present in one of the spectra of HD
205805, resulting into an averaged ionized calcium column density of log Ncar = 11.93 + 0.04.
The strengths of both lines seem to not perfectly match, as indicated by the simultaneous fit of
both lines. Nal D1&D2 lines are not present and hence, not fitted.
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Figure 6.9: Blue part of one of the recorded FEROS spectra of HD 205805, which contains the
Call H&K lines, together with the spectral fit (Subsection 3.3.3). At shorter wavelengths it is
heavily dominated by noise, as all FEROS spectra are. Apart from the usual and properly fitted
hydrogen and helium lines, it shows a lot of metal lines that are not included in the synthetic
spectra (see Section 3.1). Effective temperature and surface gravity are Toge = 24,590 £ 60 K and
logg = 5.054 £0.009, respectively.

were recorded two years apart from each other, the star is part of a wide binary with a faint and
outshone companion, e.g. a white dwarf. Then the radial velocity would change significantly
only in the course of months or years and not within one or a few observation nights. This would
mean the whole system was formerly a triple system, one single star plus the binary that merged
during common envelope evolution and formed the hot subdwarf star. Apart from the UV, the
SED (Figure 6.10) is well covered by photometric data and also does not show signs for a cooler
companion. The derived reddening is E (44 — 55) = 0.023 +0.003 mag, almost five times higher
than the predicted line of sight reddenings from Schlegel et al. (1998) and Schlafly & Finkbeiner
(2011) of about 0.005 mag. This reddening excess might come from dense localized structures in
the ISM that are not resolved by the 2D dust maps, or indeed from dust in circumstellar material.
The spectra support the latter scenario: As discussed in Section 5.5, the content of interstellar
dust and neutral sodium is much more closely linked than that of dust and ionized calcium. But
despite the non-negligible reddening from the SED, no Nal D lines are found at all in the spectrum
(Figure 6.12). This speaks for ionized sodium as expected for the CSM in the vicinity of a hot star.
On the other hand, the Call K line (Figure 6.11) as well as the H line (Figure 6.12) are clearly
visible. The radial velocity of the K line of vyyq cairk = 50.5 0.9 km g1 perfectly matches with
the star and its equivalent width is Wcax = 0.080 £ 0.005 A. The latter one might be slightly
inflated, because in the X-Shooter spectra it is partly integrated over the feature in the left wing
of the line (see left panel of Figure 6.11). The average calcium column density from the Voigt
profile fits (Figure 6.12) is log Ncair = 11.67 £ 0.03. Again the strengths of the H&K lines do not
match with each other very well. Figure 6.13 shows the blue part of one of the FEROS spectra
for EC 03591-3232, where the calcium lines are located, together with the spectral fit including
hydrogen and helium lines. Apart from those, a lot of metal lines are visible, just like for HD
205805. The effective temperature of the star is Toir = 28,850 £ 60 K and the surface gravity is
logg =5.786£0.010. With a distance of d = 184+ 2 pc it is even closer than HD 205805, another
argument for the circumstellar origin of the Call lines and the reddening excess. More information
and parameters of the star, like the stellar parameters, are provided in Table E.2 and one whole
spectrum is shown in Figure E.2.

UVO 0825+15

The third CSM candidate is UVO 0825+15 (or GALEX J0828+1452, Gaia DR3 651745279826458112).
It has an radial velocity of v;pg = 31.23 £0.20km s~1, derived from its seven X-Shooter and six
FEROS spectra. The scattering of all measured radial velocities is below +1kms~!, even across
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Figure 6.10: Observed SED for
EC 03591-3232. Apart from the
UV, it is well covered by photo-
metric data and does not show any
peculiarities, especially no indica-
tion for a cool companion. The
averaged reddening from all obser-
vations is E(44 —55) = 0.023 +
0.003 mag, much higher than pre-
dicted by the 2D line of sight dust
maps of Schlegel et al. (1998) and
Schlafly & Finkbeiner (2011).
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Figure 6.11: Example Gaussian fits to the Call K line present in the spectra of EC 03591-3232.
The averaged radial velocity of viag canrk = 55.53+0.9km s~! from all spectra perfectly matches
with that of the star (vyug = 52.04+ 1.1kms~'). The integration over the 56 range gives an averaged
equivalent width of W,k = 0.080 £ 0.005 A. Left: Example line observed by X-Shooter. The
equivalent widths might be slightly inflated, since it is partly integrated over the spectral feature in
the left wing of the line. Right: Example line observed by FEROS.
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Figure 6.12: Example Voigt profile fit to the Call H&K lines present in one of the FEROS spectra
of EC 03591-3232, resulting into an averaged ionized calcium column density of log Nca =
11.67 £0.03. The strengths of both lines seem to not perfectly match, as indicated by the
simultaneous fit of both lines. Nal D1&D2 lines are not present and hence, not fitted.
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Figure 6.13: Blue part of one of the recorded FEROS spectra of EC 03591-3232, which contains
the Call H&K lines, together with the spectral fit. Apart from the hydrogen and helium lines
included in the models, it shows a lot of metal lines similar to HD 205805. Effective temperature
and surface gravity are Teir = 28,850+ 60 K and logg = 5.786 +0.010, respectively.
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the two spectrographs, clearly confirming that the star is a single object. This also suggests that
the reason for the deviation for EC 03591-3232 is indeed of physical rather than technical nature.
Unfortunately, for UVO 0825+15 only photometric data reconstructed from IUE spectra in the
UV and Gaia XP spectra in the optical (see Section 3.4) is available. Therefore, the SED in
Figure 6.14 is not as well covered as those for the other two candidates, in particular in the infrared.
Nevertheless, the amount of data is still sufficient to constrain the derived parameters, like an
reddening of E(44 —55) = 0.029 4-0.005 mag. This time the SED reddening is slightly lower than
the predictions by Schlegel et al. (1998) and Schlafly & Finkbeiner (2011) of about 0.035 mag. The
findings concerning the calcium and sodium lines in principle exactly reproduce those of the other
two candidates (Figure 6.15 and Figure 6.16): The Call K radial velocity of 30.0 £0.6kms™!
agrees well with the stellar one, the equivalent width is Wk = 0.061 +=0.007 A, and the column
density is log Ncar = 11.66 + 0.04, but the line strengths of the Call H&K lines do not match
well'!. Nal D lines are again not present. In Figure 6.17 the blue part of one of the FEROS
spectra is shown, where again metal lines are visible. UVO 0825+15 has a rather high effective
temperature of 39,200+ 100 K and a surface gravity of logg = 5.947 +0.004. With a distance of
270 %4 pc it is still very close-by, but slightly further away than the other two candidates. More
information and parameters of the star, like the stellar parameters, are provided in Table E.3 and
one whole spectrum is shown in Figure E.3.

6.3.2 Close Binary CSM Candidates

The search for CSM candidates in close binary systems is also reasonable, since according to
our current understanding the formation of such short period systems certainly includes common
envelope evolution. There is right now no other mechanism known that lets the orbits of binaries
shrink that drastically.

Fortunately, the search for CSM around close binaries is also possible with the same methods
as before, because the cool companions are not expected to contribute with photospheric Call
H&K lines, unlike warmer F/G/K-type companions in wide binaries. The faint components in
close binary systems containing hot subdwarf stars are mostly white dwarfs or M dwarfs. White
dwarfs usually only show broad Balmer or helium lines in their optical spectra due to gravitational
settling of heavier elements (Gray & Corbally, 2009). On the other hand, M-type main sequence
stars are too cool to show strong Call lines (also Gray & Corbally, 2009). The lines are usually
very weak and additionally, the flux in the blue regime is much too small for M dwarfs compared
to hot subdwarfs to contribute significantly in the overall spectrum of the system.

However, if the potential CSM persisting after CE ejection is thought to remain stationary and
gravitationally bound to the system, its radial velocity is not expected to align with the stellar radial

1 Actually, the Ca Tl H line is almost not visible due to the noise in the spectrum.
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Figure 6.15: Example Gaussian fits to the Call K line present in the spectra of UVO 0825+15.
The averaged radial velocity of Vg cank = 30.0 0.6 km s~! from all spectra perfectly matches
with that of the star (vy,q = 31.23+0.20kms™"). The integration over the 5o range gives an
averaged equivalent width of Wk = 0.061 4+0.007 A. Left: Observation by X-Shooter. Right:
Observation by FEROS.
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Figure 6.16: Example Voigt profile fit to the Call H&K lines present in one of the FEROS
spectra of UVO 0825+15, resulting into an averaged ionized calcium column density of log Ncayr =
11.66 £ 0.04. The strengths of both lines again seem to not perfectly match, as indicated by the
simultaneous fit of both lines. Nal D1&D2 lines are not present and hence, not fitted.
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Figure 6.17: Blue part of one of the recorded FEROS spectra of UVO 0825+15, which contains
the Call H&K lines, together with the spectral fit. Apart from the hydrogen and helium lines
included in the models, it shows a lot of metal lines similar to the other two candidates. Effective
temperature and surface gravity are Toe = 39,2004 100 K and log g = 5.947 +0.004, respectively.

velocity of the hot subdwarf, but with the systemic velocity of the binary system. This systemic
velocity can only be determined by modeling the radial velocity curve. This means taking all radial
velocity measurements, finding the period of the system, phase folding the radial velocities over
time, fitting a sine function (in the ideal case of a circular orbit), and obtaining the zero point of
the sine curve, which gives the systemic velocity.

Unfortunately, for many objects in the higher resolution sample the number of observed epochs
is not sufficient to precisely model the radial velocity curve. Furthermore, for the remaining objects
this approach requires a lot of effort and is unfortunately out of the scope of this work. Therefore,
the attempt is left as an outlook for the near future.

6.3.3 Discussion

With HD 205805, EC 03591-3232, and UVO 0825+15 three promising single candidates for CSM
have been identified. With distances of less than 300 pc they are all close-by and hence, well known
and well studied hot subdwarf stars. For example, all of them are included in the 500 pc volume
complete sample of Dawson et al. (2024). All the findings, observed parameters, and connections
between the three candidates are summarized and discussed in the following. Summary tables for
the measured parameters can be found in Table 6.2 and Table 6.1.

» Radial velocities: A central criterion for single CSM candidates was that the radial velocity
of Call lines present in their spectra aligns with that of the star. To avoid confusion with a
possible ISM component, which typically shows radial velocities close to zero, the search
was restricted to higher values of |vq| > 30km s~!. In all the three cases both radial
velocities are in astonishing good agreement. However, this criterion assumes stationary
CSM gravitationally bound to the objects. It does not account for material that is still
expanding or falling back on the star, which would show a different radial velocity. To
search for moving CSM is even more difficult, because no constraints on the position of the

Call lines can be made a priori.

* Reddening: Li et al. (2025) argued that a SED reddening exceeding the predictions by
dust maps indicates CSM. However, as discussed in Subsection 6.2.4, this criterion is quite
uncertain due to the finite spatial resolution of dust maps. Still, it appears worthwhile to
have a look at the measured reddenings: For EC 03591-3232 and UVO 0825+15 the SED
reddening is similar (Table 6.1). While EC 03591-3232 is strongly exceeding the prediction
by the dust maps of Schlegel et al. (1998) and Schlafly & Finkbeiner (2011), UVO 0825+15
is slightly below the prediction. However, these maps give 2D line of sight reddenings, which
can be considered as maximally expected values. Since the stars are very close, only little
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intervening interstellar material is expected. Hence, it is surprising that the SED reddening
is so close to or even exceeding the predictions. This could indicate dust in a circumstellar
environment, but represents a much weaker argument than the radial velocity one. On the
other hand, HD 205805 shows only little reddening, which is almost a factor of three lower
than the prediction. The small value could possibly originate from circumstellar dust, but
from little amounts of interstellar one as well. Thus, it does not allow for a conclusion.

e Call H&K lines: The spectra of all three candidates show weak, but clearly visible Call
K lines as well as even weaker Call H lines close to the detection limit. The equivalent
widths of the K line are all about Wc,ig ~ 0.06 A (Table 6.1), only that of EC 03591-3232
is slightly larger, but most likely inflated by a small spectral feature in the wing of the line
(Figure 6.11). The overall ionized calcium column densities log Nc,yr from combined Voigt
profile fits to the two lines are about 11.9 for HD 205805 and 11.7 for EC 03591-3232 as
well as UVO 0825+15. These correspond to a number of Call ions in the line of sight to
the stars between about 4.5 x 10" cm~2 and 8.5 x 10" cm™2. Compared to average ISM
column densities (Figure 5.2), the values are quite low, indicating rather thin and diffuse
material. However, this depends on the initial chemical composition of the progenitor system.
If the evolved star, from which the material came, was metal poor, the CSM could also
be dense, just with little calcium content. To determine the hydrogen column densities,
which would be a more proper proxy for the overall density of the material, one would
need to know detailed chemical abundances to scale the calcium column density with them.
Unfortunately, hot subdwarfs show metallicities that can vary drastically (Heber, 2016) and
hence, it is not reasonable to assume a certain generic chemical composition. Moreover,
one little discrepancy concerning the Call lines is that the line strengths of the H and K
lines in all three cases seem to not fully match as seen from the combined Voigt profile fits.
Intrinsically, the lines originate from the same particles and therefore, it is not possible that
environmental conditions influence the shape of the lines independently from each other.
This issue remains unresolved, but due to the weakness of the Call H lines the reason could
be just the noise in the spectra.

* NalI D1&D2 lines: Since interstellar neutral sodium and interstellar dust are both predomi-
nantly found in cold neutral clouds, their content in the ISM is correlated (see Section 5.2).
But despite the intermediate reddening values compared to the ISM measurements (Fig-
ure 5.6), none of the three candidates showed Nal D1&D?2 lines in their spectra. This speaks
once more for CSM rather than ISM, because in the vicinity of hot stars sodium is expected
to become entirely ionized, while some newly formed dust grains from the CE ejection could
possibly still survive and cause the reddening.

* Metal lines: Interestingly, all three candidates clearly exhibit a lot of metal lines in their
spectra. While most of the hot subdwarf stars show mostly hydrogen and helium lines, some
also show peculiar chemical compositions with considerable scatter from star to star (Geier,
2013; Heber, 2016). Such "forests* of metal lines have already been observed before, but it
is intriguing that all three CSM candidates have this pattern. An explanation could be that
these stars are indeed young objects, recently formed from CE evolution. Usually, due to
their compactness hot subdwarfs are also affected by gravitational settling, similar to white
dwarfs, but not as strongly. The gravitational pull lets heavier elements sink down in the
atmosphere, while lighter ones rise. Now, if such an object was recently formed, it might
not have had enough time to let the heavier elements sink deep enough, such that still a lot
of metal lines arise from them in the spectra. Unfortunately, it was not in the scope of this
work to investigate the forests of metal lines and it is just left as outlook.

e Origin of the Call lines: The most central argument for CSM is the presence of Call
lines observed exactly at the radial velocity of the star. Therefore, it is important to rule
out all other possible origins for these lines like an interstellar or photospheric origin or the
confusion with another line (e.g., metal line) exactly at the same position. The photospheric
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one can be excluded, because the three stars themselves are just too hot to show photospheric
Call lines (Gray & Corbally, 2009) and there are no signs at all for a binary companion that
could contribute with them. The confusion with a metal line seems to be possible, since all
spectra show plenty of them, but at the moment there is no other line exactly at the position
of the Call K line known. Lastly, the stars are pretty close to us and not a lot of intervening
interstellar gas is expected. This is also confirmed by the absence of Nal D lines. Of course,
it is imaginable that there is only one warm partially ionized cloud in the line of sight to
each star, where Call is predominantly found, but Nal is already ionized. However, it is
highly unlikely that this cloud furthermore moves by chance exactly with the same velocity
as each star, especially at such extreme radial velocities unusual for interstellar clouds. In
conclusion, CSM is the most probable origin for these lines.

Atmospheric and stellar parameters: Finally, it appears worthwhile to have a closer look
on the objects hosting the potential CSM. Their atmospheric and stellar parameters are
listed in Table 6.2. The masses are close to the canonical mass for sdB stars of 0.47 Mg
(Heber, 2016) and also their radii and luminosities are well within the usual range for hot
subdwarf stars (Figure C.5). Their atmospheric parameters as well as their memberships to
different hot subdwarf populations can be evaluated best using the same diagnostic diagrams
like in Section 4.2. In Figure 6.18 the helium abundance is plotted over the temperature.
Shown is the whole sample of this work and the CSM candidates are marked with big
asterisks. Obviously, the three stars are located far from each other, but still close to the main
clusters. According to Figure 4.4, HD 205805 and EC 03591-3232 seem to belong to the sdB
population, but are slightly more helium enhanced than average sdBs. An even higher helium
abundance together with a much higher temperature shows UVO 0825+15, which places it
close to the iHe-sdOBs. The Kiel diagram (Figure 6.19) shows a similar picture. While UVO
0825+15 is located near a main cluster on the helium main sequence (He-MS), HD 205805
and EC 03591-3232 are located close to the sdB cluster near the extreme horizontal branch
(EHB). Apparently, HD 205805 has a log g that is slightly lower than for average sdB stars,
while that of EC 03591-3232 is slightly higher. Overall, the positions of the three candidates
close to, but not exactly on the main clusters, could indicate that they are currently evolving
towards them, as expected for young objects that were formed recently through common
envelope evolution. However, there is no clear evidence for this assumption. It is also worth
to note, that the derived population memberships of the three candidates match with that of
Dawson et al. (2024). Moreover, they are all well known objects that were already studied
before and their measured parameters can be compared to the literature. For example, the
atmospheric parameters of HD 205805 are in great agreement with Przybilla et al. (2006)
and that of EC 03591-3232 and UVO 0825+15 are in good agreement with Geier et al.
(2013) and Németh et al. (2012), respectively.

Rotational velocity: Due to angular momentum conservation merger products should
show strong rotation. The orbital angular momentum of the progenitor system is converted
into rotation of the remnant. This is sometimes observed for eHe-sdOs, which form from
the merging of two He-WDs (e.g., Schwab, 2018). Therefore, it appears worthwhile to
have a look on the projected rotational velocities of the three CSM candidates, which
might have formed through a CE merger event. The measured values are as follows:
Viotsini = 10.2£0.3kms ™! for HD 205805, vy sini = 19.4 4+ 1.6kms~! for EC 03591-
3232, and vy sini = 04+ 0kms~! for UVO 0825+15. While HD 205805 and EC 03591-3232
show little signs for rotation, UVO 0825+15 does not rotate at all. This slow rotation of
sd(O)B stars is in consistency with for example Geier & Heber (2012). An explanation could
be that, if the stars merged inside of a CE before its ejection, the viscosity of the surrounding
material and the corresponding friction could have reduced the angular momentum of the
object leading to larger rotation periods. However, this conclusion is purely speculative
and the small rotation rates of apparently single sdB stars remain a puzzle for the current
understanding of hot subdwarf formation (Geier & Heber, 2012).
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Table 6.1: SED reddening, dust map reddening prediction (mean value from both maps of Schlegel
et al. (1998) and Schlafly & Finkbeiner (2011)), Call K line equivalent width, and Ca Il column
density for the three CSM candidates. The extremely small statistical uncertainties on the line
parameters are not provided, but can be reviewed in Appendix E.

| E(44—55) [mag] E(B—V)map [mag] Weank [A]  logNean [cgs]

HD 205805 0.009 £ 0.003 0.0225 +0.0007 0.065 11.93
EC 03591-3232 | 0.023+0.003 0.0049 £ 0.0007 0.080 11.67
UVO 0825+15 0.029 £0.005 0.036+£0.002 0.061 11.66

Table 6.2: Atmospheric and stellar parameters of the three CSM candidates. The extremely small
statistical uncertainties are not provided, but can be reviewed in Appendix E.

| T [K] logg [cgs] logy M [Mo] RI[Rs] LI[L)

HD 205805 24,590 5.054 -1.994 049 0.35 40
EC 03591-3232 | 28,850 5.786 -1.881 0.52 0.15 13
UVO 0825+15 | 39,200 5.947 -0.694  0.54 0.13 36

* Further peculiarities: It is not clear, whether there is a direct connection with common
envelope evolution/ejection and circumstellar material, but two of the three stars are known
for intriguing peculiarities: On the one hand, EC 03591-3232 shows a *He anomaly and on
the other hand, UVO 0825+15 is well known for its heavy metal enrichment and pulsations.
This should be kept in mind, when the stars are investigated further, for example by follow-up
observations. Perhaps a link to CSM that is not apparent yet can be found.

In conclusion it can be said that with HD 205805, EC 03591-3232, and UVO 0825+15 three
promising candidates for circumstellar material persistent after common envelope ejection have
been identified. However, the most convincing argument is the presence of Call H&K lines in
their spectra, for which at the moment just no other explanation is apparent than CSM. Therefore,
they remain only candidates and it can not be concluded with a clear detection of CSM. Follow-up
observations are required, for example with even higher resolution spectrographs or in other
wavelength bands. For instance, radio observations utilizing the 21 cm line of neutral hydrogen
could try to constrain the hydrogen column densities of material around the stars. With brightnesses
of about tenth magnitude, eleventh magnitude, and twelfths magnitude, respectively, they are fairly
bright objects (in the optical) and offer best opportunities for various kinds of follow-up.
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Figure 6.19: Kiel diagram sim-
ilar to Figure 4.3. Shown
is the whole sample of this
work in black together with
the three CSM candidates de-
picted as big asterisks. UVO
0825+15 is located on the he-
lium main sequence (He-MS)
of Paczynski (1971), while HD
205805 and EC 03591-3232 are
located close to the extreme hor-
izontal branch (EHB) of Dor-
man et al. (1993).



Chapter 7

Summary and Outlook

The interstellar medium (ISM) comprises many different distinct phases and environments. In
particular, the ionization states of elements vary depending on these phases as well as the ratio
of interstellar gas to dust. While the conditions in the Galactic disk, especially in the solar
neighborhood, are well studied and mapped, the ISM structure of the Galactic halo is poorly
understood, mainly due to a lack of available background sources observable out to the halo. This
thesis presents hot subdwarf stars as possible light bulbs to trace the ISM at high Galactic latitudes.
This population of stars represents late stages of stellar evolution that formed most likely via binary
interaction including common envelope evolution. Hot subdwarfs are hot and bright enough to be
observed out to the Galactic halo.

Characteristic interstellar absorption lines in optical spectra are the Call H&K as well as Nal
D1&D2 lines and their properties can be used as proxy for interstellar gas. Another advantage
of hot subdwarf stars is that they do not intrinsically show these lines in their spectra. However,
the ISM lines are superimposed on the photospheric spectrum. In order to measure their shapes,
it is necessary to model the photospheric spectrum as well. To this end, large grids of synthetic
spectra are used. The derived stellar model flux is taken as continuum for the ISM lines to resolve
the blends and to isolate the interstellar contribution. As side product, this yields the atmospheric
parameters of the stars themselves. Furthermore, the reddening of starlight observed in stellar
spectral energy distributions (SEDs) represents a proxy for the amount of interstellar dust along the
line of sight. Once more, the results from the spectral analysis of the stellar spectrum are required
to model these SEDs. As side product, stellar parameters are obtained. Combining both analyses,
the spectral analyses as well as the SED modeling, allows to comprehensively trace and investigate
the ISM. To this end, in total 6,400 stellar spectra for about 3,500 unique stars were analyzed
in the course of this work. The spectra were queried either from large spectroscopic databases
(SDSS, LAMOST, and DESI; all low resolution) or from the ESO archive (FEROS, SPY/UVES,
and X-Shooter; higher resolution spectra). Subsequently, the SEDs of the corresponding objects
were modeled in order to derive information about interstellar dust.

Besides the investigation of the interstellar medium, the second major aim of this study was to
search for circumstellar material (CSM) around hot subdwarf stars that possibly remained after
common envelope ejection. It is expected to cause similar absorption lines than the ISM and
therefore, the same methods as before could be used for this search. The analysis techniques and
results for both, the investigation of the ISM as well as the search for CSM, are summarized in the
following.

7.1 A New Set of Python Scripts for Spectral Analyses

Some methods and tools, like synthetic model spectra for hot subdwarf stars or a SED fitting
routine, were already available ready to use and just needed to be applied. However, the spectral
analyses of this work required specific needs and hence, a new set of stellar Python scripts was
developed in order to carry out the analyses. The central components are:

* read_observation.py: Reads and processes recorded spectra. The file formats of many
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common surveys and databases are implemented.

* interpolate_in_grid.py: Auxiliary script to linearly interpolate within a given grid of
model spectra, for instance necessary for spectral fits. Can also be used independently to
extract synthetic spectra for a given combination of atmospheric parameters from a grid of
model spectra.

* spectral_fit.py: Executes the fitting of synthetic spectra to observed ones resulting into
the determination of atmospheric parameters.

* ism_analysis.py: First extracts and processes the regions around the interstellar Call
and Nal lines. The synthetic photospheric stellar spectrum is used as continuum for the ISM.
This, for example, resolves the blend of the weak interstellar Ca Il H line with the in general
strong photospheric He Balmer line. Subsequently, comprehensively analyzes the interstellar
absorption lines, including the treatment of low spectral resolution and noise. Resulting
parameters are for example equivalent widths, column densities, and radial velocities.

Since the scripts are still not purely restricted to the aims of this work, they could be of general
usage for spectral analyses. Section 3.3 can be considered as kind of manual for these programs.

Simulated synthetic absorption lines for various spectral resolutions and signal to noise ratios
(SNRs) were generated, in order to quantify these effects on the measured parameters. Both, the
resolution and the SNR, determine the amount of spectral information contained in a recorded
spectrum. Because interstellar absorption lines are often weak spectral features, low values of
both were a major issue for the analysis of this work. The simulations demonstrated that the
lower the spectral resolution, the higher the SNR must be to obtain reliable results. This result
lead to strict SNR cuts applied to the observed data. Furthermore, detailed interstellar line profile
fits intrinsically suffer from low spectral resolutions. Therefore, it was agreed on a systematic
uncertainty of 0.5 on the derived column densities log N. Also interstellar line radial velocities are
poorly constrained in the low resolution case.

7.2 New Atmospheric and Stellar Parameters for Hot Subdwarf Stars

As valuable side-effect of fitting the spectra and modeling the SEDs of hot subdwarf stars, new
atmospheric and stellar parameters are determined for all stars of the sample. Since it is not the
purpose of this work to study the background sources themselves, the results were only briefly
checked for convenience. First, diagnostic diagrams showed that there are no systematic deviations
between the results from spectra of different origin and all parameters lie in the expected range
for hot subdwarf stars. Many findings found in the literature were reproduced. For example, the
stars are exactly located on their associated evolutionary branches, like the extreme horizontal
branch (EHB) or the helium main sequence (He-MS), in the Kiel or Hertzsprung-Russell diagram.
Furthermore, the statistical evaluation of the mass distribution gave a mode of 0.43’_”8:{2M® and a
median of 0.451’8:%(3) M, both consistent with the canonical mass for sdB stars of about 0.47 M.
The distribution of radial velocities on the sky showed predominantly negative values on the
Western Galactic side and predominantly positive values on the Eastern side, consistent with
differential Galactic rotation.

Only since the advent of Gaia and its measured parallaxes, distances are available for a large
number of hot subdwarf stars. Those distances are required for the determination of stellar
parameters like mass, radius, and luminosity. While the atmospheric parameters of hot subdwarfs
derived from spectroscopy have been studied for decades, stellar parameters for large samples of
stars are only determinable since a few years. Therefore, the collected data set of this work readily
allows for comprehensive follow-up on the properties of hot subdwarf stars.
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7.3 Investigation of the Interstellar Medium

The core of this study is the investigation of the interstellar medium using hot subdwarf stars as
background sources. This comprises not only to trace the distribution of the ISM in the Milky Way,
but also to examine the abundances of neutral and ionized gas as well as that of interstellar dust. A
further topic is the connection between interstellar gas and dust in the form of gas to dust ratios.
The results are the following:

Interstellar parameter distributions. First, the raw resulting parameter distributions were
considered and statistically evaluated. For example, the median of the Call column density is
log Ncann = 12.7f8:g, while that of Nal is log Nyap = 12.4f8:2. The confidence intervals rather
represent the dispersion within the ISM than an uncertainty. The median value for the interstellar
radial velocity is Viad 1sM = —ngg kms~!, where the slight trend towards negative radial velocities
can be explained with an observational bias due to the incomplete coverage of the sky with sight

lines. The median of the observed reddening parameters is E (44 —55) = 0.0ng:gZ mag.

Interstellar parameter correlations. The column density ratio of calcium to sodium gives
conclusion about the respective phases of the ISM. On average the ratio was determined to
Ncair/Nna1 =~ 0.4. This is a typical value for warm partially ionized clouds with temperatures
between about 2,500-13,000 K, where predominantly ionized calcium is found rather than neutral
sodium. With a covered volume of about 4 kpc around the Sun by hot subdwarf stars, also parts of
the nearby Galactic halo seem to contain warm medium or at least more Ca Il than Nal.
Furthermore, since column densities as well as equivalent widths have been measured, the
curve of growth behavior of the spectral lines could be tested, which determines the growth of
both parameters with respect to each other. The theoretical course of the curve of growth could
be perfectly reproduced. It showed that the interstellar calcium and sodium densities are small to
moderate, because they primarily lie in the saturated line core regime of the curve of growth.

Interstellar sky maps. Two dimensional interstellar sky maps were created for all the measured
parameters. Unfortunately, the coverage of the sky was too poor to resolve a lot of structures. The
only major structure that was clearly visible is the Taurus—Perseus—Auriga—California complex as
part of the Gould belt. Still, some meaningful trends could be observed concerning the distribution
of interstellar gas and dust on the sky. Apparently, the content of Nal and dust seems to be much
more closely confined to the Galactic disk than that of Call, which is found more uniformly even
at high Galactic latitudes.

Variations with distance, direction, and height from the Galactic plane. Owing to Gaia also
the third dimension is accessible. Therefore, the findings from the sky maps were more thoroughly
investigated. It was found that as expected, most of the interstellar gas and dust is concentrated
in the Galactic disk. This pattern is even stronger for Nal and dust, where the contents for the
Galactic halo fall well below the average values. For Call, however, they stay roughly at or are
even still above average. This confirms that gaseous Call is more uniformly distributed towards
the halo than gaseous Nal and interstellar dust.

Interstellar gas to dust ratios. Interstellar dust is expected to coexist with gas in interstellar
clouds and hence, the amounts of gas and dust should be correlated. Poznanski et al. (2012) found
an empirical relation between interstellar line strengths and reddening, which is constrained best
for Nal equivalent widths. This relation has been tested using the parameters measured in this
work. While the overall trend seems to match, a slight systematic offset was found. This is most
likely explained by the different kinds of background sources. Poznanski et al. (2012) exclusively
took extragalactic sources, quasars and galaxies, and therefore, their relation accounts for the
overall ISM in the line of sight instead of just the local one, like in this work.

It is known that the average gas to dust ratio differs between the Galactic disk and the halo.
However, in other studies the gas to dust ratio is given as hydrogen column density over reddening
and the former one is not directly accessible in this work. It was tried to apply the relation of Murga
et al. (2015) for a conversion of Call and Nal equivalent widths to hydrogen column densities, but
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this procedure was highly uncertain. The resulting average gas to dust ratios are in the possible
range for both, the disk and the halo, and hence, do not provide a conclusion.

The investigation of calcium and sodium gas to dust ratios in dependency on distance, direction,
and height from the Galactic plane showed at least little trends. For example, that of Call clearly
increases with distance, while that of Nal does not. Also a little dip in the calcium gas to dust
ratio appears close to the disk, which is not apparent for sodium. This represents another indicator
that neutral sodium and dust are much more closely linked in the interstellar medium than ionized
calcium and dust. Nal coexists with dust in the cold neutral medium, while Ca Il is predominantly
found in warm partially ionized medium, where the abundances of Nal and dust are much lower.
Moreover, Call extends more uniformly to much greater distances out to the halo, where only
little dust is found.

7.4 Search for Circumstellar Material Around Hot Subdwarf Stars

Many formation channels for hot subdwarf stars include common envelope (CE) evolution. Even-
tually, the CE is ejected and some material is expected to remain bound to the host system. Direct
detections of such circumstellar material (CSM) have been elusive yet and hence, as second aim of
this work it was searched for such CSM using the same methods as before.

Recent detections of CSM. Out of a sample of 727 sdB stars, Li et al. (2025) identified 145 as
CSM candidates based on the appearances of Call K lines and reddening. However, the analysis
was based on low resolution LAMOST spectra, which are also part of this sample. The simulations
of interstellar parameters have shown that low resolution comes with major issues and uncertainties
on the derived parameters. Li et al. (2025) mostly neglects these uncertainties. Moreover, some
of the used criteria for the identification of CSM candidates by Li et al. (2025) are intrinsically
uncertain, which becomes apparent from the analysis of this work. By a comparison of the results
from both analyses and a more careful treatment, the sample of CSM candidates was reduced to 49
objects. Still, the uncertainties on their parameters are just too high to claim them as detection.
High resolution follow-up is required to confirm or falsify them.

Search for new candidates. The most convincing argument for CSM bound to the host system is,
if the radial velocity of the Call lines exactly matches with that of the object, when at the same
time an interstellar or photospheric origin can be excluded. Therefore, it was searched among
the sample of higher resolution spectra (918 spectra for 170 unique stars) for objects fulfilling
this criterion. The search was further restricted to single stars, since wide binary systems are not
expected to be formed via common envelope channels and for close binaries the radial velocity of
the lines would need to match with the systemic velocity instead of the apparent stellar velocity,
which is in general unknown. Those single hot subdwarf stars are thought to be formed in merger
events, like common envelope mergers or a merger event without CE evolution including at least
one helium white dwarf component. Even in the latter case a certain circumstellar environment
can be expected.

In total, three CSM candidates were found: The two sdB stars HD 205805 and EC 03591-3232
and the iHe-sdOB UVO 0825+15. All of them show Call lines exactly at the stellar radial velocity
and at the same time exceeding values of |vy,q| = 30km s~ unusual for the interstellar medium.
The resulting Ca Il column densities are well below log N = 12, indicating rather diffuse material.
Nal lines are completely absent in the spectra of the three candidates, which is expected for
material close to hot stars, where sodium is most likely ionized. Interestingly, all of the three
candidates show many metal lines in their spectra. This pattern could be explained with the age of
the stars. If they were recently formed by CE evolution and ejection, heavier elements perhaps had
not enough time yet to sink down due to gravitational settling.

The atmospheric and stellar parameters of the candidates are consistent with the expected range
for hot subdwarf stars and do not show peculiarities. However, it is known that EC 03591-3232
shows a 3He isotope anomaly and UVO 0825+15 is enriched with heavy elements and pulsates. The
helium-poor stars HD 205805 and EC 03591-3232 are located on the EHB, while the intermediate
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helium-rich star UVO 0825+15 resides on the He-MS. A merger formation scenario seems possible
for the three single stars, even though no significant rotation was observed for them. The slow
rotation rates of hot subdwarf stars are still an unresolved puzzle in general (Geier & Heber, 2012),
but could be maybe explained by friction inside of the common envelope after the merging of the
two components. However, this conclusion is purely speculative.

7.5 Outlook

The methods and findings of this work laid a foundation for the investigation of the interstellar
medium using hot subdwarf stars as background light bulbs as well as for the search for circumstel-
lar material around these stars. They are an excellent starting point for extensions of these analyses
and for possible follow-up. Some future prospects are the following:

Investigation of the ISM. Even though the investigation of the ISM yielded promising results,
there are two major limitations: One the one hand, low resolution spectra introduce large statistical
and systematic uncertainties on the measured parameters. On the other hand, the coverage of sight
lines on the sky is poor and inhomogeneous. Interstellar structures can mostly not be resolved
and a little observational bias is introduced. Both issues could be reduced by large spectroscopic
data releases in the future. Such will be for example SDSS-V (Kollmeier et al., 2017) or 4AMOST
(de Jong et al., 2022), which will not only enhance the number of sight lines, especially in the
Southern hemisphere, but also provide slightly higher resolution spectra. If the number of objects
increases strong enough, it might become possible to compile comprehensive gas and dust maps as
well as to refine the results of this work.

Search for CSM. The reduced sample of 49 CSM candidates from Li et al. (2025) can only
be confirmed or falsified by high resolution follow-up. This might be possible by future public
spectroscopic data releases from large surveys or by the granting of observation time for high
resolution spectrographs.

With HD 205805, EC 03591-3232, and UVO 0825+15 three CSM candidates were identified
already based on high resolution spectroscopy. It is likely that they are surrounded by circumstellar
material, but still follow-up observations are required to corroborate this assumption. Those could
be either the recording of even higher resolution spectra or observations in other wavelength regimes
than the optical. For example, UV spectra would show many more interstellar resonance lines from
metals helping to distinguish between interstellar and circumstellar components. Furthermore,
radio observations could look for local enhancements of neutral hydrogen near the candidates,
which would indicate CSM.

Moreover, the search for CSM candidates will be extended to binary systems. Already with
the available data it is for many objects possible to model the radial velocity curves in order to
determine the systemic velocity. Then it can be searched for Call lines in the spectra, where the
radial velocities exactly match with that systemic velocity. If other explanations, like an interstellar
or photospheric origin of the lines, can be excluded, this would clearly indicate circumstellar
material and lead to new candidates.
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Appendix A

The Statistical Treatment of Parameter
Distributions

In general, if a parameter is measured multiple times, it does not always result into the same
measured value. From pure statistical uncertainties, the results will scatter in form of a Gaussian
distribution around the true value. However, in reality often more factors than only statistical
uncertainties play a role. The resulting distribution might be oddly shaped, skewed, or show more
than one distinct peak. Then, there are in principle three different choices to quantify the average
or most probable value as well as its uncertainty. Each measure captures different aspects of
the distribution and remains informative under different assumptions about its shape. The three
approaches are briefly discussed in the following and are illustrated for unimodal distributions in
Figure A.1.

Mean and Standard Deviation

The arithmetic mean y of the distribution for a measured quantity X with measurements x is
defined as

oo

u(x)= [ xplx)dr, (A1)

where p(x) is called the probability density function (PDF). It provides a natural measure of the
central value if the distribution is symmetric and unimodal (one distinct peak). The spread around
the mean is quantified by the standard deviation

o= \/ ( JRCEIn dx> . (A2)

For finite samples, the mean and the standard deviation are given by the discrete expressions

1 ¥ 1 ¥
/.L:N;x,- and o= N,-Zl(xi_“)z’ (A.3)

respectively, where N is the number of measurements. The mean and the standard deviation
are widely used, but they are sensitive to outliers and might provide a misleading picture if the
distribution is skewed or multimodal (more than one distinct peak).

Median and Quantiles

An alternative, more robust, characterization is given by the median m, which is defined as the
value for which half of the distribution lies below and half above:

P(X < m) = / p(x)dx=0.5. (A4)
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Mean
Median
Mode Mode Mode

Median / \ Median

Frequency

Mean

Negatively skewed Normal (no skew) Positively skewed

Figure A.1: Illustration of different choices for average values of unimodal distributions (Van
Parys, nd). For a Gaussian (normal) distribution mean, median, and mode are identical. For skewed
ones, the mode corresponds to the maximum and the medium to the point, where the number of
datapoints towards both sides is equal. The mean is only informative for Gaussian-like shaped
distributions.

In more common words, the median is exactly the value in the middle of a sorted dataset. As
measure for its uncertainty can serve the so-called a-quantiles g. They are defined as

qa
PX <ga) = [ plr)dr=a. (AS)

—oo

For example, the central (1 — &)-interval based on quantiles is given by

las, a1 . (A6)

which covers a fraction (1 — o) of the parameter distribution. The commonly used 68% (~10)
interval corresponds to the quantiles at 16% and 84%. Unlike the mean and standard deviation,
quantile-based intervals remain more robust under skewness, multimodality, or heavy-tailed
distributions. However, the upper and lower uncertainties (quantiles) can become asymmetric.

Mode and Highest Density Interval (HDI)

The mode x04c 1s defined as the value of x at which the distribution has its maximum. While the
mode captures the most probable parameter value, it is often complemented by an interval that
reflects the uncertainty of the maximum. A commonly used confidence interval is the highest
density interval (HDI). For a given probability p, e.g. 0.68 (~10) or 0.95 (~20), the HDI is the
narrowest (and possibly asymmetric) interval [a,b] such that

b
[ poax=p. (A7)

and for all x € [a,b] and y ¢ [a,b], it holds that p(x) > p(y). In other words, every point inside the
HDI has a higher probability than any point outside. This makes the HDI the most credible region
of the distribution. Unlike quantile-based intervals, which always exclude the same amount of
probability from each side of the distribution, the HDI automatically adapts to the shape of the
distribution and always contains its mode. However, if the distribution is either multimodal or does
not show a distinct peak, i.e. it is almost flat, the mode and HDI is no longer reasonable
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Supplementary Material for Chapter 3

B.1 Details About The Spectral Interpolation Routine

This Appendix provides a few more technical details about the interpolation routine of the
interpolate_in_grid.py script introduced in Subsection 3.3.2: First, a information file for
the selected grid is read and the parameters are separated into interpolatable and fixed values.
All parameters that have at least two grid points can be interpolated, but those having only one
are fixed to that value. If the input value for a fixed parameter differs from the grid point, the
input value is reset to the fixed value and if the input value for an interpolatable parameter lies
outside of the grid border, it is set to the nearest valid grid point with a small buffer. Then, for
every interpolatable parameter the nearest grid points to the given input values are determined
and the corresponding models are stored. The list of models is then reshaped as needed for the
RegularGridInterpolator! from scipy.interpolate, which is the object from the scipy
library that finally carries out the linear multidimensional interpolation. The outcome is an interpo-
lated model spectrum (flux over wavelength) for exactly the given atmospheric parameters. This
spectrum can then be plotted as well as saved (both, the plot and a table containing the spectrum)
as requested by the user.

B.2 The get_minimizer Function of the Spectral Fitting Routine

This Appendix provides further information about the setting up of the Minimizer object by
the get_minimizer function for the spectral fits (see Subsection 3.3.3): When get_minimizer
is called, first an empty Parameters object is created. Then, the GridInterpolator object
from interpolate_in_grid.py is initialized to check, which atmospheric parameters shall be
varied in the respective model grid. Those are passed to the Parameters object with the grid
borders as upper and lower fit limits. Parameters that can not be varied are added to it as well
together with the non-grid parameters like radial velocity, resolution parameters, and projected
rotational velocity. Of course, only those parameters specified as free parameters by the user in the
setup_fitting_parameters function are used as free parameters during the fit and all others
are fixed. If a parameter that can not be varied in the chosen model grid is given as free parameter,
it is fixed nevertheless. The limits for the non-grid parameters are also set to reasonable physical
values, e.g., to 1000 km s~! for the radial velocity. Additionally, if the helium abundance given
as logn(He) is a variable fit parameter, also the helium abundance given as logy is added as fixed
parameter in dependency on logn(He) according to Equation 3.4. The last fit parameters needed
are the anchor points for the normalization process, which works as follows: The aim is to find a
continuum estimate for an observed spectrum using synthetic models. All fluxes are then divided
by this continuum to end up with a spectrum normalized to unity. Technically, this is achieved by
fitting a spline through a set of fixed x-anchor points (wavelengths) and variable y-anchor points
(flux scaling factors), which are treated as free parameters during the fitting process. The spline

U https://docs.scipy.org/doc/scipy/reference/generated/scipy.interpolate. RegularGridInterpolator.html
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then represents an estimate of the stellar continuum. Therefore, the x-values are given by the
set of anchor points defined in the setup_cspline_anchorpoints function and added to the
Parameters object as fixed parameters, while the y-values are added as free fit parameters. As
initial values the median flux of the 10 A neighborhood around each x-anchor point is taken. A bit
of caution is needed for the choice of the x-anchor points in the setup_cspline_anchorpoints
function, because the normalization process is very sensitive to it. They should always, if possible,
be placed in featureless regions of a spectrum, i.e. not within spectral lines. Otherwise, it can lead
to unnatural “wiggles in the resulting continuum estimate. In some cases, it might be helpful
to adjust the default anchor points, for example to reduce the spacing between them in order to
account for irregularities in the spectrum. As last step, the created Parameters object and the fit
function fit_func are used to create the Minimizer object needed for the minimization process.
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C.1 Atmospheric and Stellar Parameters
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Figure C.1: Raw atmospheric parameter distribution for the sample of analyzed hot subdwarf stars
in this work. The distinct peaks correspond to the different hot subdwarf populations as outlined in
Section 4.2.
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Figure C.2: Stellar radial velocity distribution (left) and its statistical evaluation (right). The mode
and HDI is v,q = —25ﬂ? kms~!, while the median with quantiles iS Vpg = — 161? kms~!. The
confidence intervals reflect the dispersion of the radial velocities and the skewness towards negative
radial velocities is most likely an observational bias, because the Eastern Galactic hemisphere,
which shows mostly positive radial velocities due to differential Galactic rotation, is far less well
covered than the Western side, which mostly shows negative radial velocities (see Figure 4.10).
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Figure C.3: Angular diamater distribution as derived from the SEDs. The offsets between the
different surveys/spectrographs directly reflects the distances to the observed objects. Higher
angular diameter on average means closer objects and vice versa.
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Figure C.4: Parallax, parallax uncertainty, distance, and height from the Galactic plane distribution.
It is clearly visible that the objects observed with FEROS and X-Shooter are on average much
closer than the others.
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Figure C.5: Radius and luminosity distributions. The typical ranges for hot subdwarf stars of
0.1 —0.3R and 10— 1,000 L, are clearly reproduced.
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C.2 Simulated Interstellar Line Parameters
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Figure C.6: Analog plot to Figure 4.11 for Ca Il with similar behavior.
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Figure C.7: Analog plot to Figure 4.12 for Call with similar behavior.
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Figure C.8: Analog plot to Figure 4.14 for Call with similar behavior.
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Figure C.9: Analog plot to Figure 4.16 for the Call K line with similar behavior.
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Figure C.10: Analog plot to Figure 4.16 for the Call H line with similar behavior.
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Supplementary Material for Chapter 5

D.1 Observed Interstellar Line Parameters and Reddening
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D.2 Distribution of Interstellar Gas and Dust on the Sky
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Figure D.2: Similar to Figure 5.11, but for the Call K line equivalent width.
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Figure D.3: Similar to Figure 5.11, but for the Call H line equivalent width.
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D.2. DISTRIBUTION OF INTERSTELLAR GAS AND DUST ON THE SKY
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Figure D.4: Similar to Figure 5.12, but for the Nal D2 line equivalent width.
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Figure D.5: Similar to Figure 5.12, but for the Nal D1 line equivalent width.
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D.3 Variation of Interstellar Properties with Distance, Direction, and
Height from the Galactic Plane
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Figure D.6: Analog plot to Figure 5.16, but for Galactic longitude. Except of the Tau-

rus—Perseus—Auriga—California complex at about 100° < [/ < 210° almost no feature is visible,
which is more pronounced for Nal and dust (cold neutral medium) than for Call (warm medium).
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Appendix E
Supplementary Material for Chapter 6.3

Table E.1: Information and measured parameters for the CSM candidate HD 205805 from one
of the in total five observations. Left: Results from the spectral fit and the ISM line analysis.
Right: Results from the SED fitting. As described in Section 3.4, the fit always assumes a second
component. But if such a component is not present, the surface ratio becomes zero as in this case.

Parameter 10 confidence interval Object: ADP.2016-09-20T12:22:52.050 68% confidence interval
Information Color excess E(B — V) from SFD (1998) 0.0242 + 0.0007 mag
Object name HD-205805 Color excess E(B — V) from S&F (2011) 0.0208 + 0.0006 mag
X . . Cooro Color excess E(44 — 55) 0.0072 + 0.0021 mag
Right ascension 324.75985 Extinction parameter R(55) (fixed) 3.02
Declination -46.10152° A poular diameter log(® (rad)) ~10.1903 + 0.0016
Galactic longitude ! 353.12160°  parallax @ (Gaia, RUWE = 1.15) 4.11 + 0.06 mas
salactic latitude b -47.79040° Distance d (Gaia, mode) 243,1'2% pe
Survey /spectrograph FEROS Distance d (Gaia, median) 243.1 +3.0pc
Estimated SNR 45.4  Component 1:
Effective SNR 372 Effective temperature T (prescribed) 24460 + 80K
Surface gravity log(g (cms~2)) (prescribed) 5.001 £0.014
Spectral fit Microturbulence & (fixed) Okms™!
Model grid sdB Metallicity z (fixed) 0dex
Resolution offset R = A/AX (fixed) 48000 Helium abundance log(n(He)) (fixed) ~1.99728
Resolution slope 1/A (fixed) 0.000 A='  Spec. distance dypec (M =0.47 + 0.08 Mo, mode) 0.252*002 kpe
Projected rotational velocity vsin(z) 9+1kms™!  Spec. distance dypec (M =0.47 £ 0.08 Mo, median) 0.250%0 033 kpe
Effective temperature Tog 24457+ 68 K Radius R = ©/(2w) (mode) 0.348 + 0.005 Ro
Surface gravity log(g (cms=2)) 5.001 4 0.009 (median) 0.348 £ 0.005 Ro
. . _ Mass M = gR?/G (mode) 0.442 +0.018 Mg
Microturbulence ¢ (fixed) 0 kms™! . 0010
. . (median) 0.4437701s Mo
Metallicity z (fixed) 0.00 dex Luminosity L/Lo = (R/Ro)*(Te/Tero)* (mode) 38.9+12
He abundance log(n(He)) -1.997 4+ 0.006 (median) 39.0°12
Radial velocity vraq 694401 kms™'  Gravitational redshift vy = GM/(Rc) 0.809*2928 km s~!
XZdo 3.545  Component 2:
o initial 1.469  Effective temperature Teg 4100* 1700 K
Xid.ﬁ“al 1.000 Surface gravity log(g (cm s72)) (prescribed) 4.50 +0.10
Noise scale factor 1.212 Microturbulence ¢ (fixed) Okms™
= X Metallicity z (fixed) 0dex
ISM line analysis ‘ Helium abundance log(n(He)) (fixed) -1.05
Equivalent width Weark 0.06+0.00 A Surface ratio Ar/Ac O-OOf?,‘ﬂ?,
Equivalent width Weanu 0.04+0.01 A Spec. distance dypec (M =0.47 + 0.08 Mo, mode) 0.44007 kpe
Equivalent width Wyaips (fixed) 0.00 A Spec. distance dypec (M =0.47 + 0.08 Mo, median) 0.44 + 0.07 kpe
Equivalent width Wyarp: (fixed) 0.00 A Radius R = (Aer/Acr.)' 0/ (2) (mode) 0.08 £0.04Ro
Column density log(Ncar (cm™2)) 11.95+0.02 N (median) » 3'?8 * 0'044 Ro
Column density log(Nyar (cm™2)) (fixed) 000 MassM=gR/G (mOd?) (2‘3’ '-é) x 107 Mo
; . (median) 0~008i8‘3(1)2 Mo
Doppler parameter bea (fixed) 5.00 km's Luminosity L/Lo = (R/Ro)*(Ter/ Te )" (mode) (]'9?73:) % 10-5
Doppler parameter byar (fixed) 0.00 kms™! (median) 0'0013,:8_88?;
Radial velocity vraq (estimated) -69.00 kms™  Grayitational redshift vgray = GM/(RC) 0.05300% km ™!
X imitial 1.390  Generic excess noise Gexcess 0.000 mag
Xied final 1.000  Reduced y? at the best fit 0.83
Noise scale factor 1.179  Parameter reference Spectroscopy
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Figure E.1: One full FEROS spectrum of HD 205805 together with the spectral fit. Besides
the hydrogen and helium lines included in the synthetic spectrum, it shows a lot of metal lines.
At longer wavelengths some “wiggles® are visible in the residuals, indicating issues with the
calibration. However, it most likely affects the outcomes negligibly.
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Table E.2: Information and measured parameters for the CSM candidate EC 03591-3232 from one
of the observations. Left: Results from the spectral fit and the ISM line analysis. Right: Results

from the SED fitting.

Parameter

1o confidence interval

Object: ADP.2016-09-21T13:54:48.669

68% confidence interval

Information

Object name

EC03591-3232

Color excess E(B — V) from SFD (1998)
Color excess E(B — V) from S&F (2011)

(5.2 +0.7) x 107> mag
(4.5 +0.6) x 1073 mag

Color excess E(44 — 55)

0.0217 + 0.0022 mag

Right ascension 60.24858°
Declination -32.39508°
Galactic longitude [ 232.11087°
Galactic latitude b -48.85624°
Survey /spectrograph FEROS
Estimated SNR 49.5
Effective SNR 42.9
Spectral fit

Model grid sdB
Resolution offset R = \/AX (fixed) 48000
Resolution slope 1/AN (fixed) 0.000 A1
Projected rotational velocity vsin(z) 27+1 kms™!
Effective temperature Ty 28424 +46 K
Surface gravity log(g (cms™2)) 5.875+0.007
Microturbulence ¢ (fixed) 0 kms™t
Metallicity z (fixed) 0.00 dex

He abundance log(n(He))

Radial velocity vyaq

-1.969 4+ 0.005
56.240.3 kms™!

Extinction parameter R(55) (fixed) 3.02
Angular diameter log(® (rad)) —10.44090001%
Parallax @ (Gaia, RUWE = 1.13) 5.43 + 0.04 mas
Distance d (Gaia, mode) 184.218 pc
Distance d (Gaia, median) 184.2’:{:2 pc
Component 1:

Effective temperature T (prescribed) 28420 + 60K
Surface gravity log(g (cms~2)) (prescribed) 5.875 +£0.013
Microturbulence & (fixed) Okms™!
Metallicity z (fixed) 0dex
Helium abundance log(n(He)) (fixed) —1.96917

Spec. distance dgpec (M =0.47 + 0.08 Mo, mode)
Spec. distance dgpec (M =0.47 + 0.08 Mo, median)
Radius R = ®/(2w) (mode)
(median)

Mass M = gR?/G (mode)

(median)
Luminosity L/Le = (R/Ro)z(Teff/Teffvo)A‘ (mode)

(median)

Gravitational redshift vg.y = GM/(Rc)

0. 164j;:[§:;’ kpc

0.163’:3:8:;‘ kpc

0.0014
0.1481%0%014 R,
0.1480 + 0.0015 Ry
0599 +0.021 Mo
0.022
0.599*992 M,
0.28
12.88+028
0.2
12.89+028
2.57 +0.08kms™!

Xied.o 3.572
Nred initial 1.313
Xied final 1.000
Noise scale factor 1.146
ISM line analysis

Equivalent width Weank 0.07+£0.02 A
Equivalent width Weann 0.02+£0.01 A
Equivalent width Wyaips (fixed) 0.00 A
Equivalent width Wyaip: (fixed) 0.00 A
Column density log(Ncar (cm™2)) 11.73£0.08
Column density log(Nyar (cm~2)) (fixed) 0.00
Doppler parameter bean (fixed) 5.00 kms™*
Doppler parameter by, (fixed) 0.00 kms™!
Radial velocity vyaq 51.814£0.00 kms™!
Nred initial 0.827
Xied final 1.000
Noise scale factor 0.910

Component 2:

Effective temperature Teg

Surface gravity log(g (cm s72)) (prescribed)
Microturbulence ¢ (fixed)

Metallicity z (fixed)

Helium abundance log(n(He)) (fixed)

Surface ratio Aeg/Acti,1

Spec. distance dgpec (M =0.47 + 0.08 Mo, mode)
Spec. distance dgpec (M =0.47 £ 0.08 M, median)
Radius R = (Aer/Aeii.1)'/*@/(2@) (mode)

(median)
Mass M = gR?/G (mode)
(median)
Luminosity L/Lo = (R/Ro)*(Tett/ Tetr0)* (mode)
(median)

Gravitational redshift vyr,y = GM/(Rc)

4100550 K

4.50+£0.10
Okms™!
0dex
-1.05
0.00°279

0.78*012 kpe

0.79+13 kpe
0.037 £ 0.017 R,
0.037 £ 0.017 R,
(6727) x 107 M,
0.0016*3901% M,
(5772) x 107
(2.64129) x 107

00 .
0.024*013 kms™!

Generic excess Noise Gexcess
Reduced y at the best fit
Parameter reference
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Figure E.2: One full FEROS spectrum of EC 03591-3232 together with the spectral fit. Besides
the hydrogen and helium lines included in the synthetic spectrum, it shows a lot of metal lines,
similar to HD 205805. Some “wiggles* are visible in the residuals, indicating issues with the
calibration. However, it most likely affects the outcomes negligibly.
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Table E.3: Information and measured parameters for the CSM candidate UVO 0825+15 from one
of the observations. Left: Results from the spectral fit and the ISM line analysis. Right: Results

from the SED fitting.

Object: Gaia-DR2-651745279826458112-2

68% confidence interval

Color excess E(B — V) from SFD (1998)
Color excess E(B — V) from S&F (2011)

0.0391 + 0.0013 mag
0.0336 + 0.0011 mag

Color excess E(44 — 55)

0.028 + 0.005 mag

Parameter 1o confidence interval
Information

Object name GALEXJ0828+1452
Right ascension 127.14405°
Declination 14.86950°
Galactic longitude [ 209.86937°
Galactic latitude b 28.08501°
Survey /spectrograph FEROS
Estimated SNR 36.1
Effective SNR 31.8
Spectral fit

Model grid sdB
Resolution offset R = \/AX (fixed) 48000
Resolution slope 1/AN (fixed) 0.000 A1
Projected rotational velocity vsin(z) 0+19 kms™!
Effective temperature Ty 38476 +52 K
Surface gravity log(g (cms™2)) 5.930 £0.011
Microturbulence ¢ (fixed) 0 kms™t
Metallicity z (fixed) 0.00 dex

He abundance log(n(He))

Radial velocity vyaq

-0.783 +£0.005
31.74£0.2 kms™!

Extinction parameter R(55) (fixed) 3.02
Angular diameter log(® (rad)) —10.6538 + 0.0029
Parallax @ (Gaia, RUWE = 1.18) 3.71 + 0.06 mas
Distance d (Gaia, mode) 269 +4pc
Distance d (Gaia, median) 270 +4pc
Component 1:

Effective temperature T (prescribed) 38480 + 70K
Surface gravity log(g (cms~2)) (prescribed) 5.930 +0.015
Microturbulence & (fixed) Okms™!
Metallicity z (fixed) 0dex
Helium abundance log(n(He)) (fixed) —0.783132
Spec. distance dgpec (M =0.47 + 0.08 Mo, mode) 0.251’:8‘8%; kpe

Spec. distance dgpec (M =0.47 + 0.08 Mo, median)
Radius R = ®/(2w) (mode)
(median)

Mass M = gR?/G (mode)

(median)
Luminosity L/Le = (R/Ro)z(Teff/Teffvo)A‘ (mode)

(median)

Gravitational redshift vg.y = GM/(Rc)

0.250’:8'82 kpc
0.1326 + 0.0020 R,
0.0021
0132734030 Ro
0.546 +0.025 M,
0.02
0.547+30% M,
347+x1.1
348+1.1

2.62+0.10kms™!

Xred,0 3.546
Nred initial 1.271
Xied final 1.000
Noise scale factor 1.127
ISM line analysis

Equivalent width Weank 0.06£0.02 A
Equivalent width Weann 0.05+0.01 A
Equivalent width Wyaips (fixed) 0.00 A
Equivalent width Wyaip: (fixed) 0.00 A
Column density log(Ncar (cm™2)) 11.65+0.09
Column density log(Nyar (cm~2)) (fixed) 0.00
Doppler parameter bean (fixed) 5.00 kms™*
Doppler parameter by, (fixed) 0.00 kms™!
Radial velocity vyaq 32.2241.01 kms™!
Nred initial 0.852
Xied final 1.000
Noise scale factor 0.923

Component 2:

Effective temperature Teg 4100* 1700 K
Surface gravity log(g (cm s72)) (prescribed) 4.50 +0.10
Microturbulence ¢ (fixed) Okms™!
Metallicity z (fixed) 0dex
Helium abundance log(n(He)) (fixed) -1.05
Surface ratio Aeg/Aefr1 0%
Spec. distance dspec (M =0.47 + 0.08 Mo, mode) 1.27+030 kpe
Spec. distance dspec (M =047 + 0.08 Mo, median) 1.29*030 kpe
Radius R = (Aer/Aeii.1)'/*@/(2w) (mode) 024 +£0.11R,
(median) 023 +0.11Rs

Mass M = gR*/G (mode) (6.0*74) x 10~ Mo,
(median) 006t8:8§ Mo

Luminosity L/Ly = (R/Ro)2(Tei/ Tefro)* (mode) (3=1)x 107
(median) 0.01075:532

Gravitational redshift vyr.y = GM/(Rc) 0.16 + 0.09 kms™!
Generic excess Noise Gexcess 0.014 mag
Reduced y? at the best fit 1.00
Parameter reference Spectroscopy
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Figure E.3: One full FEROS spectrum of UVO 0825+15 together with the spectral fit. Besides the
hydrogen and helium lines included in the synthetic spectrum, it shows metal lines, similar to the
other two CSM candidates.
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anderen Personen mit Ausnahme von Priifenden und Aufsichtfiihrenden wihrend der Priifungszeit
iber Aufbau oder Inhalte der Priifung oder Informationen (z.B. Quellen) ist unzuldssig. Gleiches
gilt fiir den Versuch der jeweiligen Handlung.

VerstoBBe gegen die 0.g. Regeln sind als Tduschung bzw. Tduschungsversuch zu qualifizieren
und fithren zu einer Bewertung der Priifung mit ,,nicht bestanden.

Erlangen, den 30.09.2025

Ort, Datum Sebastian Weich
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